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Abstract

Accretion and Feedback Processes

in Supermassive Black Holes
by

Kastytis Zubovas
MPhys (Leicester)

Supermassive black holes (SMBHs) have been gradually recognised as important el-
ements of galaxy and cosmic structure evolution. Their connection with the large-scale
environment is maintained via feedback processes — communication of a fraction of the
accretion luminosity to the host galaxy. Feedback is conjectured to expel gas from galax-
ies, quench star formation and establish the observed correlations between SMBH mass
and host galaxy properties. Efficient feedback requires rapid gas accretion and is therefore
usually investigated within the context of quasar activity phases in SMBH evolution.

In this Thesis, I investigate several implications of an SMBH wind feedback model,
advancing our understanding of feedback processes and the immediate environment of
SMBHs. I consider analytically the large-scale outflows and their observable properties.
I find that rapidly accreting SMBHs may sweep galaxies clear of gas, turning them into
red-and-dead spheroids.

I apply the same feedback model to our Galaxy. Its SMBH, Sgr A*, is currently
exceptionally quiescent, although it must have been more active in the past in order to
have grown to its present size. I investigate, both analytically and numerically, a short
burst of activity which may have occurred ~ 6 million years ago, producing an outflow
which formed two large vy-ray emitting bubbles perpendicular to the Galactic plane. The
results show that dynamical footprints of outflows may persist for a long time and provide
evidence of past AGN activity in quiescent galaxies.

I also present a model for the short-timescale flares observed daily in Sgr A*, based
on tidal disruption and evaporation of asteroids in the vicinity of the SMBH. The model
explains some observed flare properties, and thus improves our understanding of the pro-
cesses occurring close to the SMBH. It also provides predictions for observable effects as
the quiescent luminosity of Sgr A* varies on long timescales.
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Introduction

“All we have to decide is what to do with the

time that is given to us.”

J. R. R. Tolkien, “The Lord of the Rings”,
Book I, Chapter 2




Introduction 1.1. What is a black hole?

1.1 What is a black hole?

1.1.1 A historical perspective

Although black holes have been investigated in detail only from approximately the middle
of the last century, the first recorded investigations of similar concepts date back to the late
18th. Michell (1784

not even light could escape from its surface. Using classical (i.e. Newtonian) mechanics, he

) discussed the possibility of an object, perhaps a star, so massive that

estimated the radius of such an object, which is identical to the well-known Schwarzschild
radius for a black hole. However, he considered objects of density similar to that of the
Sun, which required the radius of the object to exceed 500 Ry, and consequently the mass
to be > 108 M. He also suggested that such an object would not be directly observable,
but if it was part of a binary system, one could detect it by its gravitational pull on the
companion star.

In a contemporary, but seemingly unrelated (Gillispie @) incident, the noted French
scientist Pierre Simon Laplace proposed (Laplace, f;&;‘) and, three years later, proved
mathematically , pl?@) an almost identical possibility, although he considered
objects with the density of the Earth, and hence only required half the radius that the
argument by Michelﬂ @) necessitated.

These two proofs are discussed in more detail, together with some historical perspec-

tive, by‘MontgomerV et al. 42009‘). It appears, however, that neither of the two scientists

believed that such objects could exist, so they only presented them as mathematical cu-
riosities. No further developments of these models are known. Today, these theoretical
constructs are called “dark stars”, in order to distinguish them from the better-known

general relativistic black holes.

1.1.2 General relativity

The modern definition of a black hole stems from the early days of the general theory of
relativity (GR). When Einstein (1915) published the well-known field equations relating

the presence of matter to the curvature of the spacetime around it, SchwarzschildJ d 1916)

presented the first solution only a year later. This solution, which soon became known as
the Schwarzschild metric, describes the spacetime around a stationary, spherically sym-

metric, non-spinning distribution of matter of mass M:

2GM dr?
d52 = <1 — TC’JCQ> C2dt2 — 1% — TQdQQ, (11)
e

where ds is the spacetime distance between two events, G is the gravitational constant, ¢

is the speed of light and €2 is the solid angle. One particularly interesting aspect of the

'Ro ~ 7 x 10 em is the radius of the Sun and Mg ~ 2 x 1033 g is its mass
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solution is that at a radius R = 2GM/c?, called the Schwarzschild radius, there is a sin-
gularity in the radial component of the metric, i.e. the radial component becomes infinite.
For a while, it was considered to be a problem of GR, however only a conceptual one,
as all astrophysical bodies known at the time were much larger than their Schwarzschild

radii. Furthermore, 1922) showed that singularities may be introduced into the

Schwarzschild metric by changing the coordinate system, and ‘Lemaitre‘ 41933‘) found a

coordinate transformation that would make the singularity present in the Schwarzschild
metric vanish. Therefore it was accepted that the singularity at the Schwarzschild radius
is coordinate-dependent.

Nevertheless, the coordinate singularity has a physical meaning. It represents a “sur-
face” through which matter can enter, but not leave, as for any particle at or inside the
Schwarzschild radius, the future light-cone (i.e. the set of possible locations a particle can
move to in space-time) points only toward the centre of the matter distribution. This
“event horizon” is one of the key properties of a black hole.

In subsequent decades, other solutions to the Einstein field equations were discovered.
Several among them can also correspond to black holes, such as the ’E @) metric
representing a rotating uncharged spherically symmetric matter distribution, as well as two
metrics for charged black holes. The Kerr metric, obviously, reduces to the Schwarzschild
1973
@) states that only the three externally observable parameters, i.e. mass, angular

metric in the limit of no rotation. The “no-hair” conjecture dCarter, Misner et al.,

momentum and charge, are necessary to fully describe a black hole. In an astrophysical
context, a black hole is not expected to have significant electric charge (a charged black
hole would preferentially accrete particles of the opposite charge and so its charge would
fluctuate around zero), therefore the Kerr metric can be considered the most general

solution of an astrophysical black hole.

1.1.3 Astrophysical black holes

For several decades after GR was formulated, astronomers considered black holes to be
mere mathematical curiosities, rather than corresponding to any physical objects. Perhaps
the first change to this received wisdom occurred in the late 1960s, when neutron stars were
discovered. Previously these had also been considered only theoretical objects. The proof
of the existence of this class of exotic objects led scientists to reconsider the possibility
of black holes, especially given earlier theoretical calculations for the maximum mass of
neutron stars, the Tolman-Oppenheimer-Volkoff limit (Tolman, @: Oppenheimer and
Volkoff, 1939). After all, if white dwarfs were not the limit of how extreme (in terms

of density and gravitational attraction) astrophysical bodies could become, neutron stars

should not be the limit either. As no other form of matter with higher degenerate pressure

than pure neutron “soup” was known at the time, black holes seemed the inevitable end
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state of objects that retained more than 3 My of material once they had lost all radiative
pressure support.

Even then, a significant obstacle to the discovery and acceptance of black holes as real
astrophysical objects was the uncertainty of what observable features one might expect to
obtain from them. As these objects do not emit electromagnetic radiation (Zel’Dovich and
1971

and Laplace almost two hundred years earlier, scientists in the middle of the 20" century

Novikov, ), alternative evidence of their existence had to be sought. Much like Michell
thought that black holes may be detected by the gravitational effects on companion stars
in binary systems, and perhaps by significant dimming of companion stars if the binary is

eclipsing.

A true revolution in thinking came with the seminal paper by [Shakura and Sunvae\fl
(1973), which showed that black holes in binary systems may be expected to create a

spectrum vastly different from that of a star. Such spectral features are generally caused

by the macroscopic distribution of matter stripped from the companion star and accreting
on to the black hole, a process which was already known to produce copious amounts of
1964J; Zel’Dovich,

cold thin accretion disc with a hot corona, allows for production of a significant amount

energy dSalpeteJ, 1964). The gas distribution, composed of a relatively
of X-rays, so that black holes should outshine the companion stars in this region of the
spectrum. Even in the other radiation bands, the energy liberated by matter accretion
may be large enough to provide significant observable luminosity. Spectral information
would then allow one to identify a member of a binary system as an accreting object,
which should be a black hole if its mass exceeds the upper limit of neutron star masses.
With this new understanding that black holes may, in fact, be luminous and that
accretion may provide a lot of energy, came a new hypothesis on the power source of
1958,
M), had been identified as extremely distant in 1962, following observations of the radio
source 3C 287 and its identification with an optical counterpart (Schmidt, m; Matthews
and Sandage, m; Schmidt, M) At these cosmological distances, quasars had to be the

brightest known objects in the Universe, but the source of this immense power remained

quasars. These “quasi-stellar objects”, known since the 1950s (e.g. ‘Edge et al.,

a mystery. Accretion of matter on to black holes offered a possible explanation. Earl
investigations of this possibility 1Sa1peteg, @) culminated with the paper by m
1982), which showed that given the luminosity density of quasars, they are very likely
powered by accretion on to supermassive black holes. Furthermore, it predicted that most

large galaxies today should harbour dormant supermassive black holes in their centres,

corroborating earlier claims to that effect dLynden—Bel]J, ‘1969).
While a compelling theoretical argument, Soltan’s paper presented another challenge.
It had been known that stellar mass black holes may form during the death of massive

stars, and that their masses should range from ~ 3 Mg (the Tolman-Oppenheimer-Volkoff
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limit) to ~ 30—100 M, (mass of the cores of the most massive stars). In order to power the
emission from quasars, black holes had to have masses equal to millions or even billions

of M. The origin of these supermassive black holes (SMBHs) became a puzzle which

has not been solved to this day, despite numerous hypotheses and models, ran from
2006)

prolonged gas accretion on to initially stellar mass black holes (King and Pl"lIlQ:lJ

black hole mergers and star captures in globular clusters dSpltzer 1987) to direct collapse

of massive gas pockets in primordial environments (Begelman et al., 2006). For now, the
two classes of black holes - stellar and supermassive - remain distinct in terms of their

astrophysical origin, properties and areas of relevance to other astrophysical problems.

1.1.4 Observational evidence of black holes

Even though lShakura and Sunvaevl 41973) give predictions for a number of observable

black hole emission properties, which have later been examined in more detail by other

authors (e.g. lPrinEle, l1981;
2003), these only provide indirect evidence of their existence. A black hole itself may
only be imaged, much like it had been envisaged before the 1970s, by the shadow that
its event horizon casts on the light from background objects or its own accretion flow
obscured by the shadow of the event horizon. Resolving the event horizon of a black hole
is a formidable task, and it is only in the last decade that the first dedicated attempts to
), without definite

do so have been carried out (e.g. Falcke et al.,

success.

The indirect evidence comes, as predicted bylShakura and Sunyaev d ), from X-ray
emission and variability on timescales comparable to the dynamical timescale, tq4 = a few

seconds or less, at the event horizon. The first source to be widely accefted as being pow-

ered by accretion on to a black hole is Cygnus X-1 d

1974), with many other Galactic sources following in subsequent years. Strong evidence

for the existence of supermassive black holes came from gravitationally redshifted emission

of the Fe Ka line (Tanaka et al. l1995) and a number of high-resolution observations of
(J, 1995). The

), has been

stellar and gas kinematics (e.g.

supermassive black hole of our own Galaxy, Sgr A* (Balick and Brown,

identified via numerous channels, including emission spectrum and its variability (Falcke

; Genzel et al., QOOSal), small geometric size obtained
by
monitoring stellar orbits in the central parsec of the Galaxy dSchédel et al., [2002; Ghez
l, 2008). See Section [1.5/for more details on observations of the Galactic centre.

For the time being, black holes of all varieties remain elusive to direct detections,

et al.,

with interferometric observations (lKrichbaum et al.,

et al.,

but this may change in the upcoming decade. Nevertheless, the vast amounts of indirect

evidence have convinced practically all astronomers of their existence. As a result, they
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have become a regular type of object for astrophysical studies, and numerous properties of
their immediate and more distant environs have been investigated since the end of the last
century. In the next Section, I will briefly review observational evidence for a connection
between supermassive black holes and their host galaxies, before moving on to a physical

model describing this connection.

1.2 Relations between black holes and their host galaxies

Them M) argument mentioned above connects the space density of the background
light emitted by quasars to the space density of supermassive black holes today. It turns
out that most, and possibly all, large (stellar mass M, > 10'° M) galaxies harbour
1969;
2001). This correspondence has led

supermassive black holes at their centres dLvnden—Bel]J, Kormendy and Richstone,
‘1995; 1998; Merritt and Ferrares&,

astrophysicists to ponder the possibility of links between the properties galaxies and the

Magorrian et al., ;
supermassive black holes contained therein. The majority of such investigations consider
only the mass of the SMBH, because the angular momentum is very difficult to measure;
however, some work on the expected evolution of SMBH spin with cosmic time has been
2005; Berti and VolonteriJ, 2008

In the past ~ 15 years, a number of observational campaigns and investigations revealed

done (e.g. King et al. ), often yielding very different results.

)

several important and somewhat unexpected correlations between SMBHs and their host

galaxies (more precisely, their spheroidal components). ‘Magorrian et al.‘ 41998), using

data of 36 nearby galaxies and following on from earlier investigations (Kormendy and

Richstone, 1995), found that the central massive object masses are almost linearly propor-
tional to the masses of stellar bulges, giving what is now known as the Magorrian relation:
Mgy /M, ~ 0.002, valid over more than two orders of magnitude in either mass. This
relation is sometimes presented in a more observationally direct way, relating the SMBH
mass with the luminosity of the host spheroid. This latter relation typically has a slope
2009‘), due to the fact that

more luminous galaxies also tend to have higher mass-to-light ratios dMagorrian et al.,

slightly steeper than linear (e.g. ~ 1.11 in ‘Giﬂtekin et al.,

1998). The relation has since been refined by various studies, suggesting that the slope is

somewhat super-linear even when bulge masses are considered (e.g. ‘Héiring and Ri)J 42004)
found Mgy Mg'lz, while m m) calculated an even steeper slope Mpyg Mé'53).
The overall scatter in the relation is ~ 0.45 dex dMagorrian et _al.,

Hunt, ‘2003
2009).

There have also been studies of the evolution of the relation with redshift, generally

1998: Marconi and

), but the intrinsic scatter is probably as low as ~ 0.3 dex dGiﬂtekin et al.,

finding that SMBHs were comparatively more massive at higher redshift, suggesting a
006

delay between the growth of SMBHs and the growth of bulges (Shields et al., 2006; Peng
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2006; McLure et al., 2006 2010b 2012‘) or that SMBHs

formed as massive seeds but their subsequent growth did not keep up with the growth of

2004; Begelman et al., 2006). On the other hand,

some authors found a lack of redshift evolution, suggesting various selection biases as a

et al., , ;|Greene et al., ; Targett et al.,

their host galaxies dKOUShiaDDaS et al.,

possible reason for why some differences between low-redshift and high-redshift galaxies
2003; Schulze and Wisotzki, 2011‘).

Another, potentially more important and revealing, correlation was discovered in 2000
2000; Gebhardt et al.,'2000a) and connects the SMBH mass with

the velocity dispersion in the host galaxy spheroid. This relation is usually given as

’

seem present (e.g. ‘Shields et al.,

dFerrarese and Merritt, ; ,
M x o“. The value of o has been estimated by different authors, using different galaxy
samples, SMBH mass estimation techniques, etc., to be anywhere between ~ 3.6 and
~ 5 (e.g. ‘Graham 2008‘; ‘Gebhardt et al. ‘2000b' ‘Tremaine et al.‘, ‘2002; Ferrarese and

Merritt, 2000, in order of increasing «). The relation has also been refined several times,

extending the range of o to values as low as ~ 40 km/s dFerrarese et al.‘, ‘2006‘; Greene
et al., 2010a) and as high as ~ 350 km/s (McConnell et al., 2011). The scatter in the

relation is generally found to be ~ 0.25 dex dTremaine et al., 2002), slightly lower than
in the Mgy — My, relation, likely hinting at a more fundamental nature (Giiltekin et al.,

2009); however, there have been claims that the intrinsic scatter in both relations is similar
2003).
Both relations rely significantly on resolving the SMBH sphere of influence, Ring =

Marconi and Hunt,

G Mgy /202, to calculate the SMBH mass (other measurements, such as reverberation
1993, 199%)). This process
induces a possible bias, where for a given o, some black holes may be missed if they are
BatcheldOJ 42010‘) recently

suggested that the M — o relation may be only an upper limit. However, statistical

mapping, are usually only useful for active galaxies APetersorJ,

significantly below the formal M — o relation. As a result,

analysis of available samples seems‘ to disfavour such an interpretation, at least for early-
2011).

Certain other correlations between SMBH mass and host galaxy parameters have also

type galaxies (Giltekin et al.,

been discussed in the literature, such as the kinetic energy of random motions in the galaxy
dFeoli and ManciniJ, 2009; |Mancini and FeoliJ, 2012) and the gravitational binding energy
of the bulge dAller and Richstone, 2007). ‘Hopkins et al. 42007) even found a fundamental
plane for SMBHs, similar to that of elliptical galaxies. Properties of the galaxy outside of

the spheroidal component, i.e. those of the disc or the dark matter halo, do not seem to
2011; Kormendy and BendeJ, 2011).
This implies that there is a relation between the growth of bulges and their black holes,

correlate with the black hole mass dKormendV et al.

)

but not between SMBHs and other components of galaxies.
The nature of this connection has been a subject of many analytical (e.g. Silk and
1998; Kin;g, 2003, 12005;

Rees, Murray et al., ‘2005‘) and numerical (e.g. ‘Di Matteo et al.,
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‘2005; Booth and Schaye,
correlations as being due to qualitatively similar evolution of both SMBHs and host galaxy
2011; 2010

to agree that a physical connection between the evolution of the two types of object is

2009) investigations. While some models attempt to explain the

spheroids (e.g. ‘Treister et al. Devecchi et al., ), the majority of researchers seem

9

required in order to explain the tightness of the correlations. This mechanism is most
likely some form of SMBH feedback dAlexander and Hickox, 2012).

There is currently no universal agreement regarding the nature of this feedback, nor

on its precise details. One of the dominant models for explaining this connection is the
wind feedback model, first proposed by 2003) in connection with the then-recent
observations of wind emanating from several active galactic nuclei (AGN; Pounds et al.,

‘2003#@;

the major part of this Thesis. In the next Section, I present the basic properties of the wind

King and Pounds, 2003‘). Investigation of several properties of this model form

feedback model before moving on to describe the ways it can be simulated numerically.

1.3 Wind feedback model

1.3.1 Basic constraints

There are several properties of galaxies, both directly observed and easily inferred using
basic physics, that any model of SMBH-galaxy co-evolution must satisfy in order to be
viable. First and foremost, any feedback from the black hole on its host cannot be grav-
itational. The sphere of influence of an SMBH, defined as the region where its gravity
dominates over that of the background stellar distribution, is small, R;,q ~ 5M805()2() pc,
where My is the black hole mass in 103 Mg and o9 is the velocity dispersion of the host
in units of 200 km/s. Therefore the bulge in general does not feel the gravity of the SMBH.
On the other hand, the feedback can be energetic. If the SMBH gained most of its
mass during luminous accretion , ), then the amount of energy liberated is

AE ~ nMguc? ~ 2 x 10%* Mg erg, (1.2)

where 1 ~ 0.1 is the radiative efficiency of accretion, which only depends on the spacetime

metric around the black hole and is never very different from the fiducial value for luminous

thin-disc accretion AShakura and Sunyaev, 1973). In comparison, the binding energy of a

galaxy bulge is typically
Eb ~ ]\4})0'2 ~ 8 X 1058M110'200 erg, (13)

where Mj; is the bulge mass in 10! Mg. It is clear that a black hole releases more
than enough energy to completely unbind the bulge and even the whole galaxy (Mga ~

103 — 10 Mg). This immediately implies that since we only observe correlation between
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the spheroid and the SMBH, the black hole accretion energy cannot be efficiently coupled to
the bulge gas, otherwise black holes would only grow to much lower masses than observed
before they unbind the bulges, removing their own long-term fuel supply.

The low observed scatter in the M — o relation suggests another constraint on the
feedback: its effects must manifest rapidly. If the process caused by injection of accretion
energy is very slow to remove the gas from the surroundings of the SMBH, the black hole
activity would have to last for a long time, strongly dependent on the size of the bulge, and
one would expect a lot of scatter in the final SMBH mass for a given value of . Similarly,
if feedback is to be implicated in causing the transition of galaxies from the blue cloud

to the red sequence. the dearth of galaxies in the intermediate “green valley” (Schawinski

et al.,2007) zone also suggests that the feedback is rapid.

Finally, observations reveal that black holes seem to grow ahead of their bulges (Tar-

gett et al.,

2012), but both AGN activity and star formation activity decline with cosmic
time dWatson et al., 20()9‘). The mean SMBH mass in an active galaxy was larger in
the past dVestergaard and Osmerl7 2009; Orndahl et al., 2003; 2010).

Similarly, star formation in more massive galaxies happened at larger redshift (e.g. Treu

Schawinski et al.

)

et al., M) This “downsizing” may be at least partially explained as a natural conse-
2()06‘) but there
2006).
If SMBH feedback is responsible for shutting off both quasar activity and star formation,

quence of hierarchical cosmological structure formation dNeistein et al.,

are tentative indications that other processes may be responsible dCimatti et al.,

as suspected, the model should also explain the downsizing phenomenon.

1.3.2 Basis of the model: AGN winds

Over the past decade, observations of blueshifted high-ionisation iron absorption lines

revealed fast (vy, ~ 0.1c¢), quasi-spherical winds (Pounds et al.,

2010a,b). The winds have mass
2003‘) and

2003a,b), present in a

large fraction of nearby active galaxies (Tombesi et al.,

outflow rates comparable with the Eddington accretion rate AKinE and PoundJ,

momentum outflow rates rather similar to

Moy, = lLEdd, (1.4)
c
where A CM
T C
Lgqq = TBH (1.5)

is the Eddington luminosity of the black hole, calculated by requiring that the radiation
pressure force on the electrons in an accretion flow would just compensate the gravita-
tional attraction of the SMBH; [ is a ratio between the actual SMBH luminosity and the

Eddington limit. During periods of quasar activity, black holes are expected to reach [ ~ 1
dSteinhardt and Elvis, 2010; KinEJ,

20108J). However, they cannot have significantly larger
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accretion rates, as those would surpass the upper limit set by the dynamical infall rate in
the galaxy at large @, M), as a result, the AGN luminosity is close to Lgqq during
quasar phases.

The wind is launched from the radius at which the local accretion rate through the thin
disc exceeds the Eddington limit of the SMBH (possibly corrected to account for accretion
disc gravity) and so one would expect some variation in both the M and vy,. Observations

2010aJJ£),

and the spread in M around MEdd is of the same order. From a theoretical standpoint,

reveal a spread of wind velocities between ~ 0.03¢ and ~ 0.3¢ dTombesi et al.

)

equation (1.4 together with the definition of accretion luminosity L = nMc? give the wind
velocity v ~ nc = 0.1¢, where 7 is the radiative efficiency of accretion ;King, 2010b; Frank
et al.,2002). Such winds have high ionisation levels due to their low density:

L Lgaq X 4mogpmy

= drpmpn?c® ~ 4 x 10, (1.6)

where pmy, is the mean particle mass in the wind. This explains the observed hydrogen-
and helium-like iron lines (FeXXV and FeXXVI) in their spectra.

1.3.3 Wind shock

The SMBH wind, launched from the inner parts of its accretion disc, blows approximately
radially in a spherically symmetric bubble with an almost constant velocity, until it reaches
the ambient gas. As the wind is highly supersonic, a strong shock develops, where the

wind is thermalised to a temperature

3mv2 10 K for protons, (L)
h ™ - :
’ 16kp 10" K for electrons;
here kg is the Boltzmann constant and m; = m;, or me, depending on the particles

considered and assuming rapidly established energy equipartition for each species. The
shocked wind becomes an extremely hot bubble which attempts to expand and lift the
ambient medium.

The efficiency of this expansion depends crucially on how rapidly the shocked wind
loses its thermal energy due to non-adiabatic processes, i.e. cooling. The only form of
cooling efficient at such high temperatures is the inverse Compton process (Ciotti and
Ostriker, 1979) is
Tc ~ 2 x 107 K, so the wind particles can give up their energy to the background AGN

1997). The Compton equilibrium temperature dRybicki and Lightman,

radiation field. The timescale for cooling, assuming that the protons and electrons reach
thermal equilibrium rapidly, depends on the density of the radiation field (cf. , 2003):

Lgga

Vrad = e

(1.8)

10
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neglecting the possible small correction due to non-spherical geometry of the wind (and
the radiation field). The relativistic Compton cooling timescale for an electron of initial

energy F is then
2

3MeC  MeC
" 8no1Usd E
where o1 is the Thomson scattering cross section. Substituting the values for the post-
shock electron energy (based on eq. [1.7), the radiation density (eq. [1.8) and the Eddington

luminosity (eq. [1.5) I find

2 cR? me\> [ ¢ \? 7 92 1

If T drop the assumption of rapidly established thermal equilibrium, then this cooling

lc (1.9)

timescale must be compared with the electron-ion collisional equilibration timescale. Faucher-

Giguere and Quataert 42012) recently investigated this issue and found that accounting for
the equilibration increases the cooling timescale by 1 — 2 orders of magnitude, depending
on wind properties. The conclusions of the work presented in this Thesis are, however,
unchanged by accounting for this effect.

It is immediately obvious that the Compton cooling timescale increases with radius
faster than the dynamical timescale ¢4y, ~ R/o ~5x 106Rkp602_010 yr. However the latter
is longer than the former in the central few hundred parsecs of a galaxy. Therefore, in
the central regions, one may expect that the shocked wind radiates its energy away much
more rapidly than it can transfer it to the surrounding interstellar medium. Subsequent
calculations (see Section 1.3.4/below) confirm the validity of this assumption. In this case,
the ambient gas only feels the ram pressure of the wind. The acceleration due to ram
pressure force is equal to the wind momentum flow rate (eq. [1.4). This creates a mild

outflow, which is called a momentum-driven flow.

1.3.4 Momentum-driven flow

The properties of a momentum-driven flow have been studied extensively previously (King,
‘2003, 2005

papers for more details.

) 2010b‘). Here I briefly summarise them and refer the reader to these three

The equation of motion of a spherically symmetric outflowing shell is

d 5 GM(R) [MBH + Mot (R)] 2 I Lzqq
dt = = — 1.1
pp [M(R)R} + 2 AT py vy, . (1.11)
where
R
M(R) = 471'/ pgridr (1.12)
0

is the swept—up interstellar gas mass, Mgy is the black hole mass, Mot = M(R)/ fs is the

11
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total mass within radius R (including any stars and dark matter), fy = pg/piot is the gas
fraction relative to all matter (note that it is assumed here that the density of both gas
and the background potential follow the same radial profile) and p, and pio; are the gas
and background potential densities, respectively. The two terms on the left hand side of
eq. represent the change in the momentum of the swept up shell and the weight of
that shell, respectively.

The dynamics of the shell qualitatively depend on the distance to the black hole. Inside
the sphere of influence, the dominant contribution to the gravitational attraction comes

from the SMBH and the equation of motion becomes

d

d _ Lgpad
dt '

, GM(F) M
R? e

[M(R)R} (1.13)

Integrating the equation once (see Kiné7 2010b, for details) shows that the maximum mass
a black hole can lift out of its own gravitational potential is
47 R?

M(R) = ——. (1.14)

This is equivalent to saying that the Thomson optical depth of the flow, 7 = kM (R) /47 R? <
1. If this condition is not satisfied, the flow stalls and collapses, continuing to feed the
SMBH until such time that the ambient gas density decreases enough for the outflow to
resume (note that the condition [1.14] does not depend on the black hole mass). Thus the
outflow is self-regulating to have Thomson optical depth of ~1.

Far away from the SMBH, one can neglect the gravity of the black hole in the equation
of motion. One also needs some prescription for M(R). A simple, analytically tractable
mass profile, which nevertheless is a reasonable approximation to gas in real galactic

spheroids, is that of a singular isothermal sphere. This profile has a density distribution

fg02
= 1.15
pg 27TGR2 3 ( )
the corresponding enclosed mass is
2fs0%R
M(R) = 2T R (1.16)
G
Substituting this into eq. (1.11), integrating twice and rearranging, I find
GL
2 _ Edd 2,2 2
R = 2fg0'2c - 2(1 - fg)O' t° 4+ 2Ropvot + Ry, (117)

where Ry and vy are boundary conditions corresponding to the flow properties during the

transition between the sphere of influence and larger radii. The sign of the term within

12
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the square brackets determines whether the outflow can continue indefinitely (provided
that the AGN is still luminous). From the condition that the term is positive, substituting
the expression for Lggq, I derive the major prediction of the model:

[ gh

Mgy > M, = @04 ~ 3.68 x 108035, Mo, (1.18)

using the cosmological gas fraction f; = f. = 0.16. Physically, this means that an outflow
can only expand to large radii if Mpy > M,. This predicted relation has both the slope
and the intercept remarkably similar to the observed M — ¢ relation, despite having no
free parameter.

When the condition M > M, is satisfied, I may make another simplifying assumption
that only the radiative driving term is important in eq. (1.17) and calculate the velocity

of a momentum-driven outflow, using eq. (1.18) to simplify the expression:

R [GLpaa\"? Mg\ V2
m ~ — ~ ~ /2 , 1.1
Ym = (2 fg(f?c) V2o M, (1.19)

which can be used to define the flow timescale tqow = R/vm. Combining this expression
with that for the Compton cooling timescale (eq. [1.10), I find a cooling radius for efficient
IC cooling:

CT T Me c 27G? Mgy

1/2 f\ 2
~ 520 o900 Mg'~ v3 4 <fg> pc.

(1.20)

This finding shows that the earlier assumption (Section [1.3.3) of a momentum-driven
outflow in the central regions of the galaxy is justified.

The energy flow rate (i.e. “kinetic luminosity”) of the momentum-driven flow can be
calculated by combining its linear momentum rate (equal to the wind momentum outflow

rate) and vy, an expression for which may then be substituted from eq. (1.19):

. 1/2 1/2
: PwUm  LEddUm o (Mpn 4 Mgpn
FE, = = ~ L ~5x10 L 1.21
m 5 % Ve ( M, ) Edd X 0200 < M, Edds ( )
where I also used eq. to parametrise the SMBH mass. It is evident that the coupling
between the luminosity of the SMBH and a momentum driven outflow is very inefficient,

as required by the basic constraints (cf. Section [1.3.1).

13
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1.3.5 Energy-driven flow

Energy-driven outflows occur when the contact discontinuity between the wind and the
ambient ISM moves beyond the cooling radius (eq. [1.20). In this regime, most of the
thermal energy in the shocked wind bubble is lost to adiabatic expansion, further inflating
the bubble. The energy flow rate of the system then becomes equal to the energy flow

rate of the wind:

: L
b, = NLEdd

24 = 0.05Lpaq = %Em ~ 100050 Ery. (1.22)
This coupling is much more efficient and one may expect that the outflow is accelerated to
a much greater velocity. Indeed, m M) derived an equation of motion for this flow
in the case of an isothermal potential (eq. [1.15) and found that the outflow, when driven,
rapidly (in a few x10° yr) accelerates to a velocity ve ~ 900 km/s ~ 4.50 in the case of
fe = fe. The properties of energy-driven flows are discussed in more detail in Chapters [2|
and [4 of this Thesis.

1.4 Numerical simulations

Analytical investigation of AGN wind feedback, and more generally of gas flows around
SMBHs, is very useful in order to understand the general behaviour. However, quantitative
predictions (and in some cases even qualitative details) obtained by such calculations
often lack precision due to the necessity of making a number of assumptions so that
the equations become tractable. In such cases, numerical hydrodynamical simulations
are often employed to get a more detailed picture of the processes occurring in these
astrophysical environments.

In this Thesis, I have used an astrophysical simulation code GADGET-3, an updated
version of the public code GADGET-2 (Springel, \M) The code uses a hybrid implemen-
tation of N-body algorithms to track non-hydrodynamic particles (such as dark matter or

stars) and the Smoothed particle hydrodynamics (SPH) formalism for the gas particles,

with feedback implemented via the “virtual particle” method of ‘Nayakshin et al. d2009a).

I describe each of these in turn.
1.4.1 N-body algorithms

1.4.1.1 Force calculation and softening

Gravitational interactions between particles in GADGET are followed using N-body al-
gorithms. The term describes a large class of numerical techniques used to follow the
motions of particles under the influence of long-range forces. In particular, GADGET

employs the collisionless N-body formalism, which means that close encounters between

14
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two particles are not considered important. This allows softening of the force of gravity,
that is, the actual attractive force between any two particles tends to a constant value
when the distance between them becomes less than the softening length . In the version
of GADGET that is used in the simulations presented in this Thesis, the gravitational
softening function is closely linked to the SPH smoothing kernel (see Section[1.4.2 below)

and is expressed as

1=6(R)°+6()", 0<f<s
W (r, h) = 3 2 (1 %)37 Ler<y, (1.23)
0, »> 1,

where r is the distance between the two particles and h is the SPH smoothing length,
here taken to be equal to 2.8¢. This softening represents the assumption that the number
of simulated particles is much smaller than the number of actual particles in the system,
i.e. Ngm < Npeal, and that the distribution of the latter is inherently smooth. This

assumption is warranted in the simulations performed in this Thesis.

1.4.1.2 Tree method for force calculation

In principle, the force calculation requires one to calculate the interaction between every
pair of particles, the number of which scales as N? and is therefore highly computationally
expensive. However, it is possible to use certain techniques to overcome this problem.
The particular method employed in GADGET is the TreePM, or Tree-Particle-Mesh,
algorithm, which scales as NlogN for large N, but preserves accurate force calculations
at small distances. The method has been described extensively in the literature (e.g.
Bode et al., 2000" ‘Bagla and RayL 2003) and its implementation into GADGET has been
presented in 2005); here I only provide a brief qualitative overview.

The cornerstone of this approach is a split of the computational domain into cubi-

cal cells: eight in the first iteration, encompassing the whole particle distribution, with
subsequent division of each cell into eight daughter cells, if needed, until finally each cell
contains only one particle. Then, for each particle, the code “walks the tree”, starting
from the “root node” of the largest cells and, if necessary, walking “up the branches” to
ever smaller cells. At each cell, the code checks whether the gravitational force approxi-
mated between the target particle and the whole mass distribution of the cell in question
is accurate enough (given some condition for accuracy). If it is, the approximation is used
and smaller daughter cells are not considered. If the accuracy is not good enough, the code
moves to the daughter cells and checks each of those in turn. For the smallest cells, called
“leaves”, the force between the cell and the target particle is exactly the force between the

two particles, so it is accurate to within the errors caused by the force smoothing. Overall,
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this approach allows the gravitational force from distant particles to be approximated by
the ensemble average of those particles (essentially employing Newton’s second theorem;
Section 2.2.1 of Binney and Tremaine 2008), while the forces from nearby particles are

still computed via full two-body interactions, only attenuated by softening.

1.4.2 Smoothed particle hydrodynamics

Smoothed particle hydrodynamics is a numerical method used to investigate the hydro-

dynamics of fluids by following the motion of a number of interpolation points - the

“smoothed particles” of the title - that are implicitly assumed to fairly sample a smooth
.-Luc

) and (Gingold and Monaghan

physical fluid. The method was invented by
m) Since the 1970s the method has been extensively developed and adapted to a
variety of astrophysical (and engineering) problems, from stellar evolution to cosmology.
1992; Springel, 2010;
, @), and I refer the reader to those for a detailed overview of the SPH algorithms.
Below, I only present the most fundamental concepts of SPH and make a few remarks on

their implementation in GADGET.

A number of excellent reviews of the subject exist (e.g. ‘Monaghan,

1.4.2.1 Calculating density

As mentioned above, SPH is concerned with following motions of fluids by tracking the
motion of interpolation points. The connection between the two requires us to be able
to calculate properties of the smooth fluid from the properties of the point particles.
The fundamental property, upon which most SPH implementations are based, is the fluid

density. It is calculated from the following equation:
p(r) =Y miWspn(|r — il , h), (1.24)

where 7 is a coordinate vector of any point in the fluid (in general not coincident with
an interpolation point), m; is the mass of the ith particle, r; is the particle’s position,
and Wspy = Wspn(|r|, h) is an SPH smoothing kernel. In GADGET, the form of Wspy
is identical to Wy, (equation [1.23), but this does not generally have to be the case. The
smoothing kernel between the positions of two particles ¢ and j is quite often written, for
compactness, as Wjj(h) = Wj;(h).

The smoothing length is usually different for each particle, chosen to produce the
desired number of neighbours (Npe, = 40 in the simulations presented in this Thesis and
similar numbers for other implementations using the cubic spline kernel). It is calculated

by requiring that the mass contained within the volume of a sphere of radius h should be
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constant:

3N, 1/3
hi = <ﬂ> , (1.25)

where it is assumed that all particles have the same mass m (this is standard in SPH). The
two equations (1.24) and (1.25) are coupled, therefore finding consistent values for p and
h requires iteration. Once the smoothing lengths for all particles are known, all properties
of the underlying fluid can be calculated by appropriately interpolating the corresponding
properties of the relevant interpolation points, i.e. the points that have the required fluid

patch within their smoothing kernels.

1.4.2.2 Force calculation and viscosity

The principal force that requires SPH algorithms is the pressure force (gas gravity can
be treated via N-body algorithms). In the typical conservative formulations of SPH, this

force is calculated from a discretized form of the Lagrangian for a fluid and is given by

dvi Pi P:
e =Y my | fig ViWig (h) + f=5ViWy (hj)] ; (1.26)
the coefficient f; is
hi dp;]~"
fi: |:1+3p82:| (1.27)

with a corresponding expression for f;. P; and P; are the pressures of the two particles,
given by P; = K;p;, where K, is an entropic function and v is the standard isobaric-to-
isochoric specific heat ratio (v = 5/3 in adiabatic flows and v = 1 in isothermal gas).
The entropic function is constant in both space and time and depends only on the
adopted equation of state for the simulation, provided that the flow is smooth. However,
in practice gas flows often develop strong gradients and even discontinuities (e.g. shocks).
In these cases, the entropy of each particle is no longer conserved and this has to be
accounted for. In addition, from a numerical point of view, improper treatment of shocks
may lead to gas properties becoming multivalued close to the shock fronts; this is both
unphysical and breaks the assumption of a smooth distribution. To alleviate this problem,
artificial viscosity is implemented in SPH. The precise implementation varies from code to

code, but in the case of GADGET, viscosity acts as an additional force on the particles

dvi
dt

visc

= —ijﬂijViWij. (1.28)
J

Here, Wij = Wji = 0.5 [Wij (hi) + Wij; (hj)] and II;; is some function that is nonzero only

if the two particles are approaching each other. The form of that function and the precise
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condition for turning on the artificial viscosity (the “switch”) have been the subject of a

number of investigations and improvements (Monaghan and Gingoldj, 1983; BalsaraJ, 1995;

Morris and Monagha ,‘199%; Cullen and Dehnen, 2010‘). GADGET uses a variant of the
Morris and Monagha 41997) implementation, which is given by

a .
where

T)S]i»g =c¢ +cj— Swi]‘ (130)

is called the signal velocity between the two particles, ¢; (¢;) is the sound speed evaluated
at particle ¢ (j) and w;; = vyj - 745/ |rij| is the projection of the particle velocities on the
radial vector between the two, but it is set to zero if the particles are receding from each
other. This implementation allows artificial viscosity to increase in stronger shocks. The
parameter « is usually set to between 0.5 and 1.

Physically, artificial viscosity behaves as an extra pressure term and allows entropy to

grow as
dAZ o 1’)/ -1

a2 71

ijl'[ijvij . VZWU (1.31)
J

This artificial entropy growth induces dissipation of some quantities, such as velocity
and pressure, into the simulation; this may cause problems in some cases, for example,
when trying to capture the effect of instabilities along sharp boundaries. However, it is a
simple and rather robust way of preventing unphysical behaviour of gas at discontinuities.
In the simulations presented in this Thesis, the presence of artificial viscosity does not

cause any significant problems.
1.4.3 Particle motion

1.4.3.1 Time integration

There are various methods used for advancing the positions of the particles (“drifting”)
and updating their velocities (“kicking”). The earliest methods, such as the Euler method
dEuleJ, 1768; Butcher,

points in time, letting the particles advance linearly between any such points. Such meth-

2003), simply update both the velocities and positions at discrete

ods, however, are extremely inaccurate, unless miniscule timesteps are employed. Much
more powerful are higher-order methods, where the new position of a particle is deter-
mined from a number of its previous quantities - either higher order time derivatives of
its motion (velocity, acceleration, jerk, etc.) or several previous points on a trajectory.
Another advance in accuracy is achieved when a leapfrog algorithm is employed. In

this method, each timestep is split into two sections. Then, the particle can be kicked for
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half the timestep, drifted for the full timestep, and kicked again for half a timestep, to
produce what is known as the KDK leapfrog. Alternatively, the order of the actions can
be reversed, giving the DKD leapfrog. Either of the two approaches allows an even better
and memory-efficient approximation to be made to the actual particle path. GADGET
uses the KDK leapfrog algorithm, which requires knowledge of the particle acceleration,

but does not necessitate preservation of past positions.

1.4.3.2 Timesteps

Finally, the correct duration of the particle timestep has to be determined. Qualitatively,
the timestep should be as long as possible (to conserve computational resources), but
not so long that accuracy of integration becomes compromised. For N-body systems, the
earliest, and still rather common, constraint on timestep durations is the CFL condition
1928
typical particle scale length divided by the typical signal velocity. The precise definitions

dCourant et al. ), which states that the timestep cannot exceed a fraction C' < 1 of the

)
of “particle scale length” and “signal velocity” vary between implementations, and so
any given CFL condition does not by itself have a strictly defined numerical meaning.
However, more precise definitions exist, most commonly based on particle accelerations,
which are easier to know in absolute terms than scale lengths. GADGET employs a

timestep condition

2775) 1/2 Ch;

il L
|| max; (vf}g)

where Atnax is a timestep “ceiling” set by the user, n is the desired integration accuracy,

At; = min | Atmay, < (1.32)

also set by the user, ¢ is the gravitational softening length (Section[1.4.1), a; is the accel-
eration of particle i, C' is a CFL-like factor set by the user and visji-g is the signal velocity
between particles ¢ and j (eq. [1.30).

In general, the timestep calculated from eq. (1.32) is different for each particle. This
may lead to problems, as particles would not be advanced coherently in time and so the
forces calculated from instantaneous particle positions would represent a time-delayed (or
even time-advanced) state of parts of the system. There are two ways of resolving this issue.
The simplest approach is to set the actual timestep of all particles to be the shortest of the
timesteps calculated for each particle. This means that the whole simulation advances in
lockstep and no integration accuracy is lost, but is generally computationally inefficient,
as some particles have to be integrated much more often than their dynamics require.
Therefore, GADGET (and many other codes) uses an alternative approach of individual
particle timesteps. Here, each particle is assigned a timestep which is a certain fraction

£ of the longest timestep in the simulation, but not longer than the duration imposed by
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the condition (1.32). The fraction is constrained to be a power of two in order to preserve

the accuracy of the simulation.

1.4.4 Subgrid physics

Computing power is a rather strong limitation to the temporal and spatial range that
can be probed with numerical simulations. Most of the computing time is spent following
particles on shortest orbits and moving with the greatest velocities; if the dynamic range in
the simulation is large (typically more than an order of magnitude in linear scale), this may
mean that slow-moving particles are barely advanced at all. Of course, to some extent
this represents the behaviour of real physical systems: parts of the system that move,
on average, with greater velocities, evolve faster than their slow-moving counterparts.
Nevertheless, this numerical obstacle limits the variety of astrophysical problems that
can be directly addressed by any particular simulation. If one is interested in a problem
that involves processes on many different spatial and temporal scales, alternative methods
are required in order to understand them. Omne such method is utilisation of so-called
“subgrid” numerical prescriptions. These are modules in the simulation that approximate
the effects of processes happening on smaller spatial scales than the resolution of the
simulation (hence the name “subgrid”, originally referring to being smaller than the size
of a grid cell in a grid-based simulation). There is a large variety of typical subgrid modules
implemented in numerical simulations. The two most important ones for the simulations

presented in this Thesis are black hole accretion and gas cooling.

1.4.4.1 Sink particle accretion prescription

Supermassive black holes typically accrete from accretion discs with radii rq < 0.03 pc,
because at larger radii these become unstable to self-gravity and fragment to form stars

(Toomre, m; Goodman, 2003

resolve such small spatial scales, as is the case for the simulations presented in this Thesis,

King and Pringle, 2007). Any simulation that cannot

?

has to resort to numerical schemes to approximate the whole black hole feeding process.
This is typically done by treating the SMBH as a “sink particle”.

The sink particle is an N-body particle (cf. Section with a mass equal to the
SMBH mass, which should ideally be much greater than the mass of a single SPH particle.
The particle has an accretion radius 7r,..; associated with it. Whenever an SPH particle
approaches the sink particle closer than rc., it is “swallowed”, i.e. the SPH particle is
removed from the simulation and its mass (and, if need be, momentum, angular momentum
and/or other properties) is added to that of the sink particle. That way the simulation
does not have to treat particles very close to the sinks, which would otherwise be typically

moving very rapidly and slow down the simulation progress considerably.
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Using this prescription for black hole accretion in principle allows one to connect the
rate of accretion of SPH particles to the luminosity generated by the black hole particle.
However, if racer >> 14, this prescription may not be realistic, as there is a significant delay
between gas falling through the accretion radius and actually accreting on to the black
hole, producing the luminosity. As a result, in the simulations presented in this Thesis, 1
have not used this connection.

There are many improvements that can be done to make subgrid accretion more real-
istic. For example, only particles with low enough angular momentum and energy to be
captured by the black hole at r,.., should be captured. In addition, it is possible to have
the sink particle properties track the evolution of an accretion disc as well (Power et al.,
). If these improvements are made, the self-consistent connection between accretion
rate and black hole luminosity becomes an attractive option. Nevertheless, I have not
used these adjustments since the simulations I ran do not require detailed modelling of
black hole feeding and implicitly assume a sub-resolution accretion disc feeding the black
hole throughout the duration of the AGN phase.

1.4.4.2 Gas cooling

Atomic and molecular processes that govern gas temperature happen on length and time
scales far too small to resolve in any astrophysical simulation. While gas energy can
increase due to entropy generation in shocks (see Section 1.4.2.2] above), radiative pro-
cesses require subgrid prescriptions. There are many possible ways to approximate gas
radiative cooling, including enforcement of an isothermal energy equation (gas temper-
ature is kept constant all the time), a beta cooling prescription (a crude approximation
of gas cooling exponentially on a timescale tcoo = Btdyn, Where 3 is a free parameter
and tqyy is the dynamical time of the gas particle in question) and more sophisticated
ones. Among the latter, two examples of particular interest for the present Thesis both

use semi-analytically calculated fits to realistic cooling functions. One is the Sutherland

and Dopita (1993) cooling curve, appropriate for any low-density astrophysical plasma.
Another is a heating-cooling prescription appropriate for low-density plasmas subject to
quasar radiation, derived by Sazonov et al. (2005). Both take into account effects of metal

line cooling, bremsstrahlung emission, photoionisation and Compton heating. Sutherland

and Dopita 41993) additionally include electron collisional ionisation and more detailed

atomic physics, while Sazonov et al. (2005) extend the cooling function to higher tem-
peratures (T' > T, the Compton temperature; cf. Section[1.3.3) and include Compton

heating/cooling and photoionisation caused by the background quasar radiation field.
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1.4.5 Implementing wind feedback

Feedback from star clusters (in the form of supernova explosions and winds from mas-
sive stars) and supermassive black holes has been recognised as an important element
in galactic evolution for several decades (e.g. Dopita, m; Merritt and Quinlan, \M;
Silk and Rees‘,
prescription, adding a fraction of the SMBH or star cluster luminosity as energy into the
2005; Booth and Schaye, 2009). In this Thesis, I

use a different prescription. While still involving subgrid elements, it can resolve some of

1998). In numerical modelling, it is usually treated with a purely subgrid

surrounding gas (e.g. ‘Di Matteo et al.,

the complicated dynamics of the interaction of the fast SMBH wind with the surrounding

ambient gas envelope.

The core concept of this “virtual particle” method, developed by ‘Nayakshin et al.‘
(2009a), is the representation of the fast wind from the SMBH (see Section[1.3.2]) by non-

SPH particles that only exist for long enough to transfer the wind feedback momentum

“virtual”). These particles are

and/or energy to the surrounding gas (hence the name
emitted by the SMBH isotropically and travel at a constant velocity vy, = 0.1c. The

particles carry momentum
LraaAtea

cN. virt

where Nyj¢ is the number of particles emitted in a black hole particle timestep Atpy; the

(1.33)

Dvirt =

value of the latter is set to ensure that the black hole accretion timescale is adequately

< mgpngo, where mgpy is an SPH

~

resolved. The number Nyi is chosen to give pyint
particle mass. This condition ensures that the interactions between the virtual and the
SPH particles are sufficiently frequent to reduce the (random-number-generated) noise to
acceptable levels. The kinetic energy of a virtual particle is Eyirt = 0.5pyirtts. They have
negligible mass (only used as a tracer parameter) and do not participate in either N-body
or SPH interactions. This allows their propagation to be followed rather quickly and
prevents the simulation from grinding to a halt, as it would if any SPH particles moved
with such high velocities.

Each virtual particle has a search radius, which is typically set to several times the
typical SPH smoothing length in the region of interest (cf. Section and eq. [1.23).
Whenever an SPH particle enters the sphere defined by the search radius of the virtual
particle, the propagation of the latter is integrated more carefully, potentially dropping
to shorter timesteps (although in the simulations performed in this Thesis, the longest
timestep was generally short enough to obtain the required accuracy). The purpose of
this is to make sure that the virtual particle does not jump past an SPH particle.

The next step in the calculation happens when an SPH particle contains a virtual
particle within its smoothing kernel. In this case the virtual particle starts transferring its

momentum and/or energy to the SPH particle in question. This is done in steps, usually
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about 10 steps are required to reduce the virtual particle’s momentum to < 1% of its
original value, at which point the virtual particle is removed from the simulation.

The momentum and energy given up by the virtual particle are shared by all the
SPH particles that contain the virtual particle in their smoothing kernels. The fraction
of momentum and energy gained by each SPH particle is proportional to the value of the
smoothing function of that particle at the position of the virtual particle. This way, the
effect of the virtual particle is communicated smoothly and allows resolving the coherent
push by the wind, as well as some effects of optical thickness.

Energy transfer from the virtual particles to the SPH particles can be further modu-
lated by a function dependent on SPH particle position. If the particle is within the cooling
radius (Section [1.3.3), most of the kinetic energy in the pre-shock wind should have been
lost to cooling before getting transferred to the gas. Therefore, I have implemented a step-
function transition, using an analytically calculated expression for R¢c (equation[1.20) for
the problem at hand. An SPH particle with » < Rc would immediately lose all energy it
gained from the virtual particle, retaining only momentum; while an SPH particle with
r > Rc would retain both the energy and momentum input. Such a simple prescription
was more than adequate for the purpose of the simulations run for this Thesis, and I even
turned the transition off completely (effectively reducing the cooling radius to zero), find-
ing no noticeable change in the results (see Chapter 2/ for more details). However, a more
complicated initial setup would warrant an improvement to the transition function. This
function would require calculating the efficiency of cooling of the wind shock at the loca-
tion of a given SPH particle from its properties in the simulation as well as implementing
a smooth transition between momentum-driven and energy-driven outflows.

This method has been tested and found to work sufficiently well, at least in the case
of momentum-driven flow, by Nayakshin et al. d2009a) and ‘Nayakshin and PoweA 42010).
The work presented in this Thesis comprises the first time this method has been applied

to model energy-driven flows. Tests of energy balance and comparison with analytical
predictions show that the method is adequate and precise enough for the purposes of the

current investigations.

1.5 The Galactic black hole and its environment

Today, astronomers generally agree that most galaxies harbour supermassive black holes
at their centres (see Section [1.1.4] for an overview of how this agreement was reached).
Our own Galaxy is no exception. The dynamical centre of the Milky Way was identified
1974).
Later observations of stellar motions in the region revealed the presence of a rather dim
(L ~ 300Lg) object with a mass Mggas ~ 4 x 10° Mg and radius smaller than 17

with a peculiar radio source Sgr A* almost four decades ago (Balick and Brown,
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2008‘). Further observations of emission variability

light-hours (6 x 10~* pc; Ghez et al.,
constrained the size further, to less than 1 AU dShen et al.,

2005). This evidence eliminates
all reasonable doubt that the central object is a supermassive black hole.

The relative dimness of Sgr A* poses a challenge to theoretical models. According to
the @) argument, Sgr A* gained most of its mass during phases of luminous
accretion. However, its current luminosity suggests an accretion rate of M ~ 1079 —
1078 Mg yr—! AYuan et al., 2003) and hence a growth timescale tgpow = 4 X 1014 —4x 10" yr

> tiubble- This means that Sgr A* must have been growing much more rapidly (and so

presumably was much brighter) in the past. The activity history of our Galaxy’s SMBH
2002; 2010‘).

The morphology of gas in the vicinity of Sgr A* is also not typical for systems with
higher Eddington ratio. There is no evidence of an accretion disc dCuadra et al., 12003;
Paumard et al., \M‘), but only of a quasi-spherical accretion flow dYuan et al., ‘2003). This
feature has motivated development of radiatively inefficient accretion models (Narayan and
Yi, ‘1994; Narayan et al., 1998; Blandford and Begelman, M) Such one-phase models
seem to be the preferred solution of black hole accretion at low values of the Eddington
ratio (I < 1072), transitioning to the standard dShakura and Sunyaev, 1973‘) thin disc
mode after a threshold accretion rate (and a corresponding Eddington ratio) is reached
dLiu et al., 1999; Rézanska and CzernyJ, 2000; 2000‘).

is still an open question dNarayanJ, Ponti et al.,

Meyer et al.,

i

1.5.1 The flares from Sgr A*

The dim quiescent emission from Sgr A* is punctuated by daily flares, visible in X-rays
dBafzanoﬁ’ et al. 2001‘) and infrared dGenzel et al., ‘2003a). The flares typically last for

several hours and the peak emission in both bands may rise by up to 2 orders of magnitude

)

above quiescence (e.g. ‘Porquet et al., 2003). All X-ray flares are accompanied by infrared

ones, but not vice versa. There is tentative evidence of flaring in the sub-mm and radio
wavelengths, but this is not thoroughly confirmed, and a causal connection with the X-
2004; 2005).

These flares suggest that the immediate environment of Sgr A* is not completely

ray/infrared flares is not established dHerrnstein et al. Mauerhan et al.,

quiescent. Some stochastic process must be repeating every few hours, drastically changing
the properties of (a part of) the accretion flow for a short period of time. A number of
models have been proposed to explain the spectral features of the flaring state (e.g. Markoff
2001} Markofﬁ, 2005

reached. Furthermore, there is no accepted model of a physical mechanism that would

et al., Dodds-Eden et al., 2009), but so far no consensus has been

?

trigger the flaring state, although once again, there have been several models proposed
(e.g. ‘Falcke and Markofﬂ, 2000 2006; Yusef-Zadeh et al., 2006b).
In Chapter 3of this Thesis, I investigate a model for the flares based on tidal disruption

;I Tagger and Melia, ; ,

of asteroids in the vicinity of Sgr A*. The asteroids are assumed to be stripped away from
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their parent stars in the central parsec of the Galaxy by the gravitational perturbations of
Sgr A* and the other stars. They then form a quasi-spherical distribution, and subsequent
gravitational perturbations cause relaxation of the asteroid orbital angular momentum
distribution, leading to quasi-steady injection of asteroids into orbits with extremely low
angular momentum. These asteroids approach the SMBH close enough to break up and
evaporate, affecting the properties of the accretion flow for a short duration. I find that
this is a rather promising physically-motivated model for explaining the flare frequency
and size distribution. More details about the observed flares and the constraints they

impose on the models are also provided in that Chapter.

1.5.2 Hints of higher past activity

Several pieces of evidence suggest that Sgr A* went through relatively recent phases of very

high luminosity. |[Revnivtsev et al.‘ 42004) discovered a light-echo passing through the giant
molecular cloud Sgr B2, hinting at a much brighter (Lx > 103? erg s~!) phase of Sgr A*

activity that occurred ~ 100 yr ago dPonti et al.,12010). Other similar events may have

)

occurred earlier in the past, but we cannot detect them due to lack of such “Compton

mirrors” as Sgr B2. It has been suggested that variability on century or millennium

timescales may reflect feeding events from a compact ring of molecular gas circling Sgr A*

dMorris et al., ‘1999).

Finallﬁem analysis of the data collected by the Fermi gamma-ray telescope done by
201

cavities disposed symmetrically around the Galactic plane. These cavities, called “Fermi

0) revealed two giant (~ 10 kpc high) gamma-ray emitting teardrop-shaped

bubbles”, have a narrow waist (< 1 kpc wide) at the Galactic plane and are pointing toward

the Galactic centre. The bubbles have a different spectrum than the background sky and

1

a gamma-ray luminosity of ~ 1037 erg s~'. A number of models have been proposed

to explain the bubbles, including long duration Galactic wind dCrocker and Aharonian,
@), recent jets AGuo and Mathews, 2011) and periodic stellar tidal disruption (Cheng
et al., 2011‘).

In Chapter |2 of this Thesis, I consider a past outburst of AGN activity in Sgr A* as the
cause of the Fermi bubbles. There is good reason to believe that a burst of star formation
occurred in the central parsec ~ 6 Myr ago (Paumard et al., \M), creating ~ 10* Mg, of
stars, with an unknown amount of gas falling into the SMBH. I find that if the burst was

caused by a ~ 10° Mg, molecular cloud, then most of the cloud may have accreted on to
Sgr A* and triggered an Eddington-limited quasar outburst which lasted ~ 1 Myr. This
outburst created an outflow, which was then collimated by the Central Molecular Zone
— a reservoir of dense gas in the Galactic plane with radius ~ 200 pc — to produce the
observed Ferms bubbles that are seen today. I refer the reader to that chapter for further

details on the Ferm: bubbles and how my model explains their properties.
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1.6 Structure of the Thesis

This Thesis is composed of this introduction, three science chapters, and a conclusion
chapter.

In Chapter [2] T present a model for the Fermi bubbles of the Milky way. Using the
wind feedback model (see Section[1.3), I find that the spherically symmetric outflow from
Sgr A* only has to be collimated by the Central Molecular Zone of the Milky Way - a
large reservoir of predominantly molecular gas in the central ~ 200 pc of the Galaxy,
positioned in a disc-like configuration along the Galactic plane - in order to reproduce
the morphology and size of the observed Fermi bubbles (see Section (1 . The two free
parameters of the model — the gas fraction f, and the duration of the quasar phase t
— have plausible values. Furthermore, the energy content of the bubbles is reproduced
as well, and I comment on how the observed emission features may be explained by this
model. The results have implications for feeding of supermassive black holes in general,
as well as for several other interesting features of the central parts of the Galaxy, such as
), the Arches and Quintuplet

the recently discovered

star clusters and the Sgr B2 giant molecular cloud.

In Chapter [3] I investigate a hypothesis regarding the origin of the flares from Sgr A*
(see Section[1.5.1). The hypothesis centres on the notion that small rocky bodies - asteroids
and similar sized objects - are abundant around stars in the central i arsec of the Galaxy,

as they are around other stars where we can observe debris discs att 200 These

asteroids are stripped from parent stars by tidal interactions with other stars and with
Sgr A* and form a quasi-spherical distribution - a “Super-Oort cloud” (Nayakshin et al.,
F(fﬁ) Dynamical relaxation processes cause asteroids from the cloud to be deflected on
very low angular momentum orbits toward Sgr A* from time to time. As an asteroid comes
within ~ 1 AU of Sgr A*, it is tidally disrupted and its remnants evaporate in the accretion
flow around the SMBH. The new material has a very different energy distribution from
the accretion flow and may serve as a physical origin for the “hot blob” spectral model of
Sgr A* flares. 1 find, for reasonable assumptions about debris disc masses and radiative
efficiency of asteroid destruction, that the numbers and luminosity distribution of the
flares can be explained by this model.

Finally, in Chapter [4, T consider a more general case of an SMBH driving a large-
scale outflow throughout a galaxy. I derive and solve the equation of motion for the
outflow in an isothermal potential, then use it to constrain the duration of quasar activity
required to clear a galaxy of gas. I find that a quasar outflow can persist for an order
of magnitude longer than the quasar phase driving it. A large-scale outflow should also
show observable signatures. I derive their properties and find the expected parameters

that would be derived from observations of such outflows. Comparing them with several

);

recent observations A
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I find that the analytical predictions agree with them rather well.

Finally, I provide a brief summary of the main results in Chapter [5/ I describe how
the three investigations relate to the recent past, present and possible future of Sgr A*. 1
also discuss the implications of my work on the field of galaxy evolution as a whole and

suggest several opportunities for further research along these paths.
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Fermt Bubbles in the Milky Way: the closest AGN
feedback laboratory courtesy of Sgr A*

“...and a sound arose of endless interchanging
melodies, woven in harmony, that passed
beyond hearing into the depths and into the
heights, and the places of the dwelling of
Ilavatar were filled to overflowing, and the
music and the echo of the music went out into

the Void, and it was not void.”

J. R. R. Tolkien, “Ainulindalé”

!The contents of this Chapter have been published as Zubovas, Nayakshin & King, 2011, MNRAS,
415L, 21 and Zubovas & Nayakshin, 2012, MNRAS, 424, 666
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2.1 Introduction

2.1.1 Sgr A* — the SMBH of the Milky Way

Sgr A* is the supermassive black hole (SMBH) in the nucleus of our Galaxy. Its mass
Mpp ~ 4 x 10% M, dSchédel et alJ,12002; ’Ghez et al., 2005, 2008‘) makes it directly compa-
rable with SMBH in other galaxies. The Soltan relation dSoltan, 1982) implies that most

of the mass of these black holes was gained through luminous accretion. Yet by compar-

ison with active galactic nuclei (AGN) Sgr A* is famously dim. It is spectacularly faint
both in X-rays (less than ~ 10~ Lgqq, where Liqq ~ a few x10* erg s~ is its Eddington
Baganoff et al. ‘2003) and in the near infrared (Genzel et al. 2003b‘), prompt-

ing suggestions of a radiatively inefficient accretion flow (Narayan, 2002, and references

luminosity;

therein). Currently, Sgr A* appears to be fed by accretion of gas captured (Cuadra et al.,
2006) from the winds of the young massive stars populating the inner ~ 0.5 pc of the

2006‘). However, X-ray reflection nebulae suggest that Sgr A*
039

Galaxy (Paumard et al.,
might have been much brighter a few hundred years ago, with luminosity of a few x1
2004; Ponti et al.
wind feeding rate of Sgr A* caused by changes in the stellar orbits of the most important

wind-producing massive stars (Cuadra et al., 2008

from a few pc-scale molecular gas reservoirs (Morris et al.,

erg s—1 (e.g. ‘Revnivtsev et al., 2010‘). This may reflect variations in the

)

), or longer time scale feeding events
1999).

Sgr A* is also famous as the site of a recent (~ 6 x 10% yr ago) star formation event in
one and perhaps two stellar discs ALevin and Beloborodov ‘2003; Genzel et al. ‘200313‘; Lu
et al., 2009) on scales of ~ 0.03 — 0.5 pc from the SMBH. The observed (e.g., Paumard
2006‘) and theoretically constrained dNayakshin et al.

et al., 2006‘) mass of the young stars

is around a few times 10% Mg, perhaps even 10* M. Significantly, there is currently no
trace of even a remnant gaseous disc near Sgr A* (Cuadra et al., 2003;
2004). This led‘Navakshin and CuadraJ 42005) to question whether Sgr A* failed to become

a quasar because this recent star formation event consumed nearly all the available gas in

Paumard et al.,

the central parsec of the Milky Way. They noted that this could be constrained with future
observations: “a past bright AGN phase should also leave a hot buoyant radio bubble in
the Milky Way halo”.

2.1.2 The Galactic Centre environment

The central regions of the Galaxy are host to a number of interesting structures. For the
purposes of this Chapter, the relevant ones are the Central Molecular Zone (CMZ), the

stellar and dark matter background and the diffuse gas.

The CMZ is a disc of molecular gas extending out to ~ 200 pc dMorris and Serabyn,
1996). Its shape is poorly constrained (although see ‘Molinari et al., 2011, for recent

observational results identifying a ring of molecular clouds), but it appears to have a

)
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vertical extent of ~ 50 pc above and below the Galactic plane, with which it is aligned.
The mass in molecular gas contained in the CMZ is Mcyz ~ 107 — 10% My, (Morris and
Serabyn, M), most of it in compact molecular clouds.

The gravitational potential of the Galaxy is dominated by stars inside the bulge and

by the dark matter halo outside it. There is currently no consensus as to the shape of
the potential (see, e.g., 2006; Ascasibar et al., 2006;
@i for various arguments), so as a rough approximation, it is considered spherically
symmetric in this Chapter. There is also a diffuse gaseous component, the interstellar

medium (ISM), with temperature 7' ~ Tii, ~ 2.6 x 10° K and mean density n ~ 1 ecm™3,

Belokurov et al. Law and Majewski,

)

This density is much lower than that of the background inside R ~ 1 kpc. This suggests
that gas distribution might follow the density profile of the background, i.e. there is a

constant gas fraction fy = pg/ppot, where “g” stands for “gas” and “pot” for “background

potential”.

2.1.3 The Fermi-LAT gamma-ray lobes

A recent observation may shed a rather unexpected light on a period of activity in Sgr A*
that is well beyond reach of direct observations, having occured several Myr ago. Fermi-
LAT data have recently been analysed to reveal two giant y-ray emitting bubbles, disposed
symmetrically on either side of the Galactic plane @; although see
% and ‘Dobler et al.‘ ‘2011 for a different interpretation). They are roughly teardrop-
shaped and extend ~ 8 — 10 kpc above and below the plane, but are centred on Sgr A*

with a narrow (d ~ 100 pc) waist along the plane. The limbs of the lobes coincide with
1997).
The lobes have y-ray luminosity L., ~ 4 x 1037 ergs—!, thought to be produced by some

the extended structure seen in medium-energy X-rays by ROSAT dSnowden et al.,

form of inverse Compton emission from cosmic rays. Observational constraints (Su et al.,
2010) and emission modelling dCrocker and AharoniamJ7
total kinetic and thermal energy content of the Ferm: bubbles as Ey, ~ 1

2011‘) allows one to estimate the
07455 org.
There have been several suggestions made regarding the possible origin of the Fermi
bubbles. [Su et al. ) discuss a number of physical processes and provide a constraint
that if the bubbles are older than a few x10°® yr, the y-ray emission must be powered by
ions rather than electrons due to a short cooling time of the latter (see their section 7.1
and Figure 28), unless electrons are continuously accelerated within the bubbles (which
may not be unreasonable; see Section [2.6.4 below). ‘Crocker et al. ({2011) and Crocker
and Aharonian 4201 1) detailed these arguments further and suggested that the emission

is powered by cosmic ray (CR) protons rather than electrons. They further consider a
quasi-steady state model in which the CR protons are continuously injected by supernova
explosions. CR protons and heavier ions are then trapped inside the bubbles for the

bubble lifetime, which the authors require to be about 10 Gyrs. Note that a long duration
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quasi-static equilibrium is the only channel through which stellar processes could inflate
the bubbles, as SN explosions and stellar winds cannot accelerate gas to more than a few
hundred km/s AMartinJ, 2005; ‘Thacker et al., 2006; Everett et al., 2008‘). On the other
hand, Mertsch and Sarkatl 42011) argued that the emission spectrum of the bubbles is

inconsistent with CR protons and therefore the bubbles must be a recent feature powered

by, cosmic ray electrons.
The scenario of a more recent origin of the bubbles has also been investigated by several
authors. Guo and Mathews‘ 4201 1) suggest that a jet launched by Sgr A* 1 — 2 Myr ago

could create the morphology and emission structure observed. Cheng et al.‘ 4201 1) argue

that the bubbles are inflated by episodic Sgr A* activity caused by tidal disruptions of
stars passing too close to Sgr A*. Here I present and investigate another model of recent

Sgr A* activity as the cause of the Fermi bubbles.

2.1.4 Sgr A* feedback: when and how?

In this Chapter I argue that Sgr A* is a very natural candidate for the source of the energy
that inflated the gamma-ray lobes. As noted above, the Galactic Centre underwent a

peculiar star formation event localised to the inner 0.03 - 0.5 pc about 6 Myr ago (Paumard

et al., 2006‘). Thus, a plausible scenario is that not all of the gas deposited into the central
pc of the Milky Way went into making the young stars, and a fraction of it was accreted
by Sgr A*, as found in realistic simulations of the process (e.g., Bonnell and RiceJ, 2008;
Hobbs and Nayakshin, 20()9‘). Thus Sgr A* is likely to have had a short but very bright

quasar phase concurrent with the star formation event ~ 6 million years ago.

I further argue that the observed highly symmetrical lobes are unlikely to have origi-
nated from a jet outflow. To obtain the qualitative agreement with the observed shape of
the lobes, Guo and MathewsJ 2011‘) directed their jets perpendicular to the plane of the

Galaxy. I claim that this would be unlikely. Radio surveys show that jet directions are

completely uncorrelated with the large-scale structure of the host galaxies 1Kinne; et al.,
2000;

in the central pc of the Galaxy (see Paumard et al., 2006) are inclined at very large angles

Nagar and Wilson, 1999). Furthermore, the observed orientations of the stellar discs

to the Galactic plane. The jets are likely to have been fed by gas discs oriented similarly
to the stellar discs. One would therefore expect that accretion of gas onto Sgr A* ~ 6
million years ago would result in jets directed at very large angles to the symmetry axis
of the lobes, contradicting observations.

In contrast, a symmetrical pair of lobes with a narrow waist along the galaxy plane
is natural if an isotropic outflow from near the black hole encounters higher gas densities
along this plane than perpendicular to it. Near-spherical outflows like this are a direct
1973; King and
2003) and offer a plausible explanation for the M — o relation dSilk and Rees,

consequence of super-Eddington disc accretion dShakura and Sunyaev,

Pounds,
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1998: King, 2003, 2005).

2.1.5 Simulations of the Fermi bubbles

Numerical simulations of spherical outflows from accreting black holes have been carried

out by, e.g., ‘N ayakshin and PoweJ 42010‘). Using a method of passing momentum of the
,12009a, also Section[1.4.5),
2005, 2010b‘). However, there

are some important differences between the analytical and numerical results, the most

wind to the ambient gas via “virtual” particles dNavakshin et al.

they reproduce most of the analytical results of ‘Kiné 42003,

important one being that on average, numerical simulations predict higher SMBH masses
and/or longer activity periods in order to produce the same feedback effect as analytical
calculations. This is because the analytical treatment considers bubble expansion into
a stationary ISM, whereas numerical simulations treat the evolving gas density profile
self-consistently.

This difference warrants a test of the analytical framework using numerical simulations.
With an initial setup that mimics some important aspects of the GC environment (see
Section [2.1.2), the simulations show that an initially spherical outflow can be collimated
strongly enough to produce the observed shape and size of the Fermi bubbles. In addition,
this enables me to put better constraints on the duration of the quasar phase, the mean
gas density in the bulge, and the other effects that this activity might have had. I find
that a longer quasar outburst is needed than calculated analytically, most likely because
the energy produced by the Sgr A* outflow is spread more widely in the simulations and

in reality, i.e., outside the bubbles themselves, than assumed analytically.

2.1.6 Chapter structure

The structure of this Chapter is as follows. At first, in Section 2.2, I review the theory
behind the simpler and better understood quasi-spherical AGN outflows, and then consider
the more complicated case of the present-day Milky Way nucleus in Section[2.3, deriving
the relevant expressions showing that the model naturally predicts the shape and size of
the Fermi bubbles, as well as providing some constraints on the quasar phase luminosity,
its duration and the mass accreted by Sgr A* during the event. After the analytical
discussion, I turn to numerical simulations to test the model, and present their setup in
Section [2.4 with results following in Section 2.5. The implications of this model regarding
the poorly understood problem of star formation versus gas accretion in the central parsecs
of AGN, the energy content of the bubbles and radiative processes powering their emission,
the activity history of Sgr A* and, by extension, other galactic nuclei, as well as the effects
of feedback on the CMZ, are discussed in Section I provide a brief conclusion in
Section|2.7.
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2.2 Spherical outflows

In regions close to the black hole, AGN winds are revealed through blueshifted absorption
20038Hﬂ; Kinei 2010b). ‘Tombesi et al. AQOlOaJL)

show that they are present in more than 35 percent of a sample of over 50 local AGN,

lines in X-—ray emission APounds et al.,

and deduce that their solid angles are large (certainly > 0.6 x 47, and probably greater).

The observed absorption columns imply that in many cases the flows are quite recent (few

years old), suggesting that winds are an almost ubiquitous feature of central black hole
activity (King, 2010;).

Although supermassive black holes in galaxy centres frequently accrete at the Ed-
dington rate, accretion at significantly higher rates requires extreme conditions (cf King,
@) Accordingly T consider cases where the accretion rate far from the SMBH only
mildly exceeds MEdd, and both the central accretion rate and the outflow rate M, are
~ Mgqq. Then the wind has scattering optical depth ~ 1, and the photons driving it
typically scatter only once before escaping (see Section [1.3.4). The front-back symmetry
of electron scattering means that the wind momentum must be of the same order as the

original photon momentum, i.e.
Lgaa
c

My vy ~ (2.1)

so that the wind velocity vy, ~ ne, where  ~ 0.1 is the accretion efficiency (e.g. King
2003; King, 2010b, as well as Section [1.3.2 of this Thesis). The wind flows

with essentially constant velocity vy, until it shocks against the interstellar gas of the host

and Pounds,

)

galaxy, driving a second shock outwards into this ambient medium and sweeping it up into

a shell. A simple representation of the interstellar density is the isothermal distribution

fga2

pe(R) = S oE — 25 10726 f 3R2 g cm™3 (2.2)
7T

kpc

where f; is the gas fraction, and o is the velocity dispersion. For the rest of this Chapter,
I parametrise f; = 1073f_3 and R = Ripe kpe. T also use o = 100 km/s, appropriate for
the Milky Way, unless otherwise noted.

Within this model, then, in galaxies with large ¢ > 150 km s~!, Eddington outflows
tend to sweep the vicinity of the hole clear of gas of density given in eq. (2.2) and prevent
further accretion and growth, establishing the M —o relation for the black hole mass (King,
%, %) At smaller values of o, any effect of this kind is out-done by the effects of
mass loss from nuclear star clusters. These sweep out the gas ndLaughlin et al., 2006;
2009b) and establish an offset M — o relation between the total cluster
mass and the bulge velocity dispersion dFerrarese et al., 2006‘7 Fig. 2, middle panel). The

‘Nayakshin et al.,

Milky Way is probably a member of this star-cluster dominated class of galaxies, and

indeed its SMBH mass lies significantly below the value predicted from the M — o relation
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2010a, , Fig. 9).
The double shock pattern caused by the impact of an Eddington outflow on the host

(see, e.g. ‘Greene et al.,

interstellar medium must move radially outwards from the vicinity of the black hole. The
nature of this motion depends crucially on whether or not the shocked wind cools within
the flow time. If cooling is effective, most of the energy injection rate

1. 2 77202 .

E = 5 outV = TMout = gLEdd (23)

is lost to radiation, and only the ram pressure of the outflow is communicated to the host
ISM. This is a momentum-driven flow. If instead the flow does not cool, the shocked wind
expands adiabatically, doing PdV work against the swept-up interstellar medium. This
is an energy-driven flow, which expands faster through the ISM than a momentum-driven
one (see Section[1.3.5 and Chapter 4 for more details).

2.3 Fermi—LAT lobes as quasi-spherical outflows

The v-ray lobes observed by the Fermi-LAT instrument are very wide features that I first
consider to be approximately quasi-spherical. I now consider whether the shocked gas cools
in conditions appropriate for the outburst. The outflow speed v ~ 0.1c¢ implies a shock
temperature Ty = (3m;,/16k)n*c? ~ 1.6 x 10'° K. This is much higher than the Compton
temperature ~ 107 K of the SMBH accretion flow, so when the shock is sufficiently close
to the hole, Compton cooling by the central radiation field is very effective and enforces
momentum-driven flow. As the shock reaches a critical radius Rc (eq. [1.20) the radiation
field becomes too dilute to cool it. Also, the shocked wind has far too low a density to
cool effectively by atomic or free-free processes, so the flow becomes energy-driven ({I_{ﬁg,
‘2003; 2011‘). For the parameters of Sgr A* (mass Mgy ~ 4 x 10° Mg, velocity

dispersion o ~ 100 kms™!) the transition to energy-driven flow occurs at a radius

King et al.

)

Rc ~ 12 fi{f pc. (2.4)

Even at the cosmological gas fraction (f_3 = 160) the estimate (2.4) is so small com-
pared with the size of the «-ray lobes that the outflow can be considered essentially always
energy-driven in directions away from the Galactic plane (note that this approximation is
only valid when considering such large scale structures; the gas dynamics and quenching
of black hole accretion, which is expected to produce the M — o relation, are still gov-
erned by the momentum-driven flow equations). In an energy-driven outflow, the shocked
wind density driving the expansion is always much lower than the density of the swept-up
interstellar medium outside it. This makes the shock interface inherently Rayleigh-Taylor
unstable (cf @, ) The hot shocked gas mixes with cool dense interstellar gas
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throughout the flow in directions away from the Galactic plane. This mixture is clearly
a promising site for y-ray emission (see Section [2.6.5). On the other hand, within the
Galactic plane the gas density is far higher, and one would expect little expansion (see
also Section [2.3.3). This kind of outflow thus naturally produces the main qualitative
features of the Fermi#LAT gamma-ray map: extensive vy-ray emitting lobes placed sym-

metrically on each side of the Galactic plane, with a narrow waist in the plane.

2.3.1 Kinematics of the energy-driven flow

King (2005) derived the properties of an energy-driven flow starting with the equation of

motion d GM(R) Mo (R)
a : tot _ 2
= [M(R)R] + = ATR2P (2.5)
and the energy equation
d [47R® 3 n d [4r 4 ot .
— |——x<p| =2 —P— (= R¥) —4f,—R. .
a [ 3 X 2P:| QZLEdd Pdt < 3 R > ngR (2 6)

Eliminating the pressure P between the two equations and expressing the enclosed mass
using equation 1.16| gives

4

2f,0% [1 ... . .
Js0 {ZRZR+3RRR+§’R3]+10fg‘;R. (2.7)

G

U
~lLpqq =
ot HBdd

This equation has a solution R = v, = const. while the quasar is active:

[277020 0.16 M
Ve = —

1/3
2/3 ,—1/3 _
: ngg] ~ 1920 o33 F7a/* 13 km s, (2.8)

Here M, is the predicted value of the SMBH mass in the Milky Way from the M — o
relation (eq. [1.18), M =~ 0.2M, is the mass of Sgr A* and | = L/Lgqq ~ 1 is the
Eddington ratio of the SMBH luminosity.

For the rest of this section I model the outflow away from the disc plane as a sector of
a spherical flow. If the Eddington accretion phase lasts for a time ¢, the shock reaches a

radius
Ry ~ vety (2.9)

by the time the quasar phase ends. However the shocked wind gas is able to drive further

expansion, which finally stalls at a radius

U2

(%
Rstall ~ iRO >~ itq (210)
g g
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after a time )
v
toar ~ 0.5 <?) tq (2.11)

(see ‘Kinfz et al., 2011, and Chapter[4 for derivation), so that

Rst all

o (2.12)

tstall =

2.3.2 Implications for the outburst properties

I now apply these results to our Galaxy, and in particular the y-ray lobes. If the outflow
producing the observed lobes had stalled, then Rga ~ 10 kpc, which from requires
tstan = 50 Myr. This would mean that the outflow was produced well before the last
accretion event in the Galactic Centre, which appears unlikely, as there is no evidence of
Sgr A* activity at around that time.

If instead one assumes that the y-ray lobes were produced in this event, it is obvious
that the energy-driven outflow is still proceeding, with a mean velocity (v) > 1600 kms~*

over its lifetime. This immediately provides a constraint on the gas density in the bulge

of the Milky Way:
1920\
3< | —— ~ 2[ . 2.1
ra% (fg0g) 1= (2.13)

It is clear that the gas fraction in the Milky Way halo must have been similar to 1073
in order for the bubbles to be inflated within the present model. Numerical simulations
below confirm this.

Requiring tsan > 6 Myt in eq. (2.11) now gives t4 = 5 x 10% yr. Additionally, requiring
that the bubble stalling radius should be greater than their current radius, equations (2.10)

and (2.8) give
tqy > 2.5 x 10723 yr. (2.14)

As both estimates are lower limits on the outburst duration, only the larger one of the
two (i.e., eq. is relevant.
In 0.25 Myr, Sgr A* accreting at its Eddington limit consumes AM ~ 2 x 10* Mg, of

gas. This is greater than the total expected if the hole accreted the disc mass

H
Mdisc ~ EMBH ~ 8000 M@ (215)

within the self-gravity radius where the ring of young stars formed (cf equations 7, 12 of
King and Pringl&, 2007). This estimate also exceeds the results of ‘Nayakshin 42005). I
return to this point in section [2.6.8

Within the wind feedback model, at least ~ 2 x 10°0 erg is ejected as the outflow’s

mechanical energy. This is more than an order of magnitude larger than the energy
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content of the bubbles as estimated by ‘Su et al.‘ 42010‘). However, I find that a large
fraction of the outflow’s energy goes into mechanical work expended to drive the ambient
, also Chapter
of this Thesis) show that even while the quasar driving is on, only 1/3 of the energy input

cooler medium away from the Galaxy’s centre. Zubovas and KiIlQJ 2012

is retained in the shocked wind while the quasar is active. When the quasar turns off,
the bubble expands adiabatically, converting its thermal energy into kinetic energy of the
bubble and the surrounding shell. Therefore it is likely that the actual amount of energy
retained by the bubbles is much lower than the original energy input by Sgr A* into the
outflow, bringing the value in line with the observations. Numerical simulations confirm
this prediction; cf. Section[2.6.3l

2.3.3 The role of the Central Molecular Zone in focusing the outflow

The shell expansion velocity, v., depends on the gas density in the direction of expansion
(eq. 2.8). Clearly, if the ambient gas distribution is not spherically symmetric then the
outflow must lose its spherical symmetry too. As a minimum effect, the velocity of the
contact discontinuity must be smaller in the directions of denser gas. The most salient
feature in the distribution of gas in the inner Galaxy — the Central Molecular Zone (CMZ;
‘Morris and SerabynJ,

in the inner ~ 200 pc — presents an almost impassable barrier to the Sgr A* outflow.

1996, ; see Section |2.1.2), a massive disc-like molecular gas feature

The mass of the molecular gas in the zone is Moz ~ 108 My Mg (Dahmen et al., 1998;
‘Pierce—Price et al., 2000‘). Its weight is
GMene(R M, 2 M, 2
Wy ~ MencBlosz) Moy 2Menizo™ o 4 yopanp qun, (2.16)

Ry Rowz,

where Mene(Romz) is the mass enclosed within radius Renz ~ 200 pe. The outward force

(momentum flux of the outflow incident on the CMZ) in the isotropic outflow model is

H Lgad
C

Fous ~ ~ 4.3 x 1033dyn, (2.17)

where H/R ~ 0.2 — 0.3 is the geometrical aspect ratio of the disc (see Fig. 1 in Morris
1996).

Comparing the two for the fiducial parameters accepted above, one finds

and Serabyn,

Fout

~0.05 Mt 2.18
WCMZ 8 ( )

which shows convincingly that the outflow from Sgr A*, even in its full ‘quasar’ mode,
is not strong enough to disperse the CMZ since the latter is simply too massive. This

conclusion is reinforced by the fact that there is also atomic and ionised gas in the region

37



Fermi Bubbles: Sgr A* AGN feedback? 2.3. Fermi—LAT lobes as quasi-spherical outflows

of the CMZ disc that would increase Wz further.

Another way to come to the same conclusion is by estimating the gas density in the
midplane of the CMZ, for which I infer poyz ~ 5 % 1072% g em™® with the parameters
mentioned above, whereas the density of gas which could be driven away by a SMBH
outflow, for a SMBH obeying the M — o relation, is given by equation (2.2, and is ~ 10722
g cm™ at R = 200 pc and 0 = 100 km s~!. As Sgr A* is undermassive compared with
the prediction from M — o, the discrepancy between the two densities is even larger.

I therefore conclude that the outflow along equatorial directions stalls, except in the
rare cases where local density variations provide an avenue for escape. As the observed
column density in the Galactic plane varies little with direction in the Galactic Centre
2008; Schodel et al., 201d), I believe it is reasonable to neglect the effect
of this escape (see Section[2.6.7). The shocked outflow gas cannot simply pile up there,

region AGO’CO et al.,

however. Indeed, if that were the case then the pressure (thermal energy density) would
increase in that location without limit. The thermal pressure of the shocked gas in the
directions perpendicular to the Galactic plane is much lower because the outflow proceeds
in those directions easily. Thus there is a strong pressure gradient in the shocked outflow
gas pointing perpendicular to the Galactic plane. This pressure gradient clearly must
launch a “secondary” thermally driven outflow away from the Galactic plane, efficiently

collimating Sgr A* outflow into these directions.

Kompaneets m considered propagation of a blast wave in an exponential plane-
parallel atmosphere. Moellenhoff (1976) used a similar approach and proposed that the
double extragalactic radio sources are formed by explosions of supermassive stars in the
centres of oblate galaxies. He has shown that the outflow accelerates in the direction of the
axis of rotation of the galaxy, and eventually results in ejection of two clouds of gas into
these directions. From the point of view of qualitative gas dynamics, the present model
is a reincarnation of these earlier ideas. However, the initial conditions used here are
observationally motivated and tied to the case of the Milky Way. The background density
field (the rotationally supported massive CMZ and non-rotating diffuse “halo” gas; see
Sections [2.1.2] above) is very different from the density fields considered by Moellenho%
) and others for the double extragalactic radio sources. As a result, I do not use
their results directly, but comment upon the differences in Section[2.6.1.

There are two possible complications to this simple picture. First of all, the estimate
does not take into account energy deposition by the outflow into the CMZ, which makes
the latter somewhat more prone to the feedback; see Section 2.6.7. The vertical thermal

1/ 2, where Tj, is the temperature of the shock-

expansion timescale is ~ tqyn (Tomz/Th)
heated CMZ gas. In the simulations, I find that most of the CMZ gas remains rather cold,
with maximum temperature < 3 x 10° K. At such temperatures, cooling is very efficient

dSutherland and DODitaJ,

1993). As a result, the shock-heated gas cools down rapidly, and
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the expansion timescale is still comparable to the duration of the quasar phase, therefore
this extra heating effect is not dominant.

Another complication is the possible instability of the interaction between the SMBH
wind and the dense material in the CMZ disc. I discuss this in more detail in Section
2.6.5.3. Overall, T do not expect significant growth of instabilities that would affect the
general dynamics of the outflow pushing against the CMZ.

In conclusion, although outflows ultimately control black hole growth, and materially
affect the Galaxy bulge, as shown by the M — o relation, they cannot disperse the Galaxy
disc, as recently shown by Nayakshin et al. ({M) This fits very naturally with the
recent conclusion by |Kormendy et al. M) that SMBHs do not correlate observationally

with host galaxy discs.

2.4 Numerical simulation setup

2.4.1 Numerical method

The workhorse code for solving gas dynamics in the fixed potential of the bulge and the
black hole is GADGET-3, an updated version of the code presented in 2005).

Feedback from the SMBH is implemented with the “virtual particle” method explained
in detail in Nayakshin et al.‘ d2009a) and in Section [1.4.5 of the Introduction chapter. I
track both the momentum and kinetic energy feedback from the SMBH wind, and formally

adopt Rc = 0, finding no difference in the results from the case when a more appropriate
cooling radius is used.

While T do not model hydrodynamically the reverse wind shock, which thermalises
the wind and creates a pressurised bubble that can expand adiabatically, I find that this
process is somewhat mimicked in the simulations by low density gas that is present in the

otherwise evacuated bubble. These particles predominantly originate on the surfaces of the

Central Molecular Zone (see Sections[2.4.2 and [2.5.1.3| below), where they are heated to
very high temperatures and rise to fill the voids; subsequently the quasar wind heats these
particles even further. The bubbles are found to be significantly over-pressurised with
respect to the surrounding gas. This allows the bubble to expand thermally as expected
if the reverse shock were modelled by SPH (see Section [2.5.1] below).

In all the simulations presented below, I use an ideal equation of state for the gas.
The gas pressure is given by P = pkT/q, where mean molecular weight, p = 0.63m,,
(assuming ionised gas of Solar abundance), k is Boltzmann’s constant, and p and T are
the gas density and temperature, respectively. In all simulations except for one, I employ
the standard GADGET optically thin cooling prescription based on the Sutherland and

Dopita 41993‘) cooling curves, in addition to heating from the virtual particles on the

contact discontinuity of the bubble. In the only exception to this, simulation ‘Cool’ (see
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Test fe Nphalo  tq/Myr (%)CMZ Mcmz/Me  Npowmz | Ry/kpe  dy/kpe  hy/kpe vy /km s o /km st
Base 1073 7.5 x10° 1 0.25 108 106 11.5 9 ~1 1090 670
HR-low 1073 7.5 x 10° 1 0.125 108 106 11.5 9 ~1 1110 680
Cool* 1073 7.5 x10° 1 0.25 108 106 9.5 10 ~1 820 650
Fg-low |4x107* 3.0 x 10° 1 0.25 108 106 ~ 15 ~ 10 2.5 2560 610
Fg-high | 4 x 1073 3.0 x 106 1 0.25 108 106 6 6 ~1 220 400
Tq-low 1073 75x10° 0.3 0.25 108 106 7 4 2 300 360
Both-low | 4 x 107 3.0 x 10° 0.3 0.25 108 106 ~7 ~ 4 4 960 270
Mec-low 1073 7.5 x10° 1 0.25 107 10° 7 8 2 330 470

Table 2.1: Fermi bubble numerical simulation parameters and main results; see Sections 2.4 and 2.5 for more details. From left to
right, the parameters are: Test ID, gas fraction, number of SPH particles in the halo, quasar outburst duration, CMZ mass, CMZ scale
height, number of particles in the CMZ. The results are: bubble height, width and distance between its lower edge and the SMBH;
velocity of the swept-up ISM in the z direction at x = y = 0 and velocity of the swept-up ISM in the xy plane at the mid-height of
the bubble; all five at 6 Myr.
* - Simulation ‘Cool’ is identical to ‘Base’, but includes a Sazonov et al. 42005‘) heating-cooling prescription.
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Table(2.1)), T check the sensitivity of the results to the assumed cooling function by utilising

the optically thin radiative cooling rates for gas ionised (and also heated) by the quasar

radiation field as calculated by ‘Sazonov et al. (2005), who also provided an analytical fit

to the respective rates that I use here.

Simulation snapshots showing density and temperature are plotted using an angle slice

projection method presented in‘Nayakshin and Powetl dQOld). Specifically, the gas column

density projected over the y coordinate is calculated by

y(z,2)
Y(x,2) = / p(x,y, z)dy, (2.19)
—y(z,2)
where the limits of the integration are given by y(z, z) = rtan¢ and 7 = V22 + 22. The
angle ¢ is chosen so that tan( = 1/4 throughout this paper. This projection method
conveniently allows one to get an unobscured look into the inner parts of the simulation
and yet have enough particles at the outer edges for a statistically meaningful figure to be
derived when plotting. In addition, since most of the results presented in this paper are
symmetrical around the z axis, the snapshot plots, where applicable, are divided vertically
and show the surface density in blue-white on the left and temperature in red-orange on
the right. On some surface density plots, I also show the gas velocity vectors projected on
the plane of the figure. Their magnitudes are scaled to the maximum velocity in a given

plot, so they only give qualitative information about gas dynamics.

2.4.2 Galaxy model and initial conditions

The initial setup for the Galaxy consists of three components, described below and sum-
marised in Table [2.1. The ‘Base’ model is the model which best reproduces the Fermi
bubble observations (Su et al., %) I analyse this simulation in detail below, and study
the robustness of the results by varying some parameters of the model.

The whole computational domain is embedded in a static isothermal background po-
tential with o = 100 km/s. In the centre of the coordinate system, fixed in space, is the
SMBH. While T do not model accretion on to Sgr A* in detail (See Section [2.6.8), occa-
sionally SPH particles may get very close to the SMBH, especially closer to the end of the
simulations when feedback from Sgr A* is turned off. To avoid very small time steps, and
thus very high numerical costs, associated with these “uninteresting” particles, I remove
them using the sink particle formalism if the SPH particles are closer than g, = 0.1 pc
to Sgr A*. The SMBH particle is “turned on” at the start of each simulation, radiating
at its Eddington limit for a duration ¢y, which is a free parameter of the model. Most of
the models presented here use t; = 1 Myr (since this was found to give the best results),
although I explore shorter outbursts as well.

I position a massive disc of gas — the Central Molecular Zone (CMZ; Morris and
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Serabyn, M) — in the plane of the Galaxy at a distance between Ri, cmz = 5 pc and
Rout,cmz = 200 pe from Sgr A*. The inner radius is chosen so that the whole CMZ would
be comfortably outside the sphere of influence of Sgr A* (Rj,g ~ 2 pc), but still account
for the yet smaller circumnuclear disc of gas, which is observed to lie between ~ 2 and
, {1987; Morris and Seraban, 1996‘). The model
CMZ has uniform temperature throughout, chosen to give the appropriate constant scale
height aspect ratio (H/R = 0.25 or 0.125), which is also the temperature floor adopted

for the simulation in question. It is rotationally supported in the radial direction, with

~ 10 pc from the centre AGuesten et al.

Urot = V20. The radial density distribution follows a p R~? power law, and the mass
of the disc is set to Monz = 10® M, (approximately the upper limit from observational
constraints), although I ran one simulation with a much lower CMZ mass. Despite the
high mass of the CMZ, it is marginally stable to self-gravity, since the Toomre @)
parameter () ~ 3.4 for H/R = 0.25, and 1.7 even for H/R = 0.125. Note that I do not
fine-tune the CMZ to be only marginally stable in the simulations; it is a natural outcome
of using the observationally constrained CMZ parameters. This result is probably not a
coincidence: massive cold discs are widely believed to be self-regulating to have @ ~ 1

(Goodman, 2003; 2005;

Q parameter might lead to fragmentation. However, since I set the temperature floor in

Thompson et al. Nayakshin et al., 2012b). In principle, such a low

)

the simulations to be equal to the initial CMZ temperature, I do not expect a significant
fragmentation to occur (Gammie, 2001; Rice et al.

with simulation results (see Sections[2.5.1.3] and [2.6.7| below). The SPH particle mass is

9 9

2005). This assumption is consistent

Mpary = 100 Mg, giving a minimum mass resolution of ~ 4000 M.

Finally, there is a diffuse spherically symmetric gaseous “halo” extending between
rim = 1 pc and 7oyt = 15 kpce with density following the isothermal profile given by
equation 2.2 The gas fraction f, is a free parameter of the model and is varied between
4 x 107* and 4 x 1072 in different tests, with the fiducial value of 10~3 for the ‘Base’
model (this corresponds to a particle density 6 x 1074 ecm™2 at R = 5 kpc; see Section
for the validity of this choice for gas density). The number of particles in the halo
is set by their mass (I use same SPH particle masses for the CMZ disc and the halo).
The gas temperature in the bulge halo is initially set to Thajo = Tiir = 2.5 x 10° K, which
corresponds to the virial temperature of the bulge. The initial gas velocity in the bulge is
set to zero.

This halo setup I use is certainly oversimplified. For example, I do not account for the
likely anisotropy of the initial gas distribution of the “halo” due to overall rotation of the

Galaxy. I address this point qualitatively in the Discussion section.
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Figure 2.1: Left: The face-on column density of the CMZ disc at time ¢ = 0.1 Myr for the
‘Base’ simulation. Note that the innermost region has been partially evacuated by Sgr A*
feedback. Right: Cross-sectional plot of gas surface density (left half of the panel, blue-
white) and temperature (right, red-orange) for the same snapshot. The CMZ (cold dense

wedge in the Galactic plane) strongly collimates the outflow; even though its surfaces are
ablated, teardrop-shaped cavities form readily.
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Figure 2.2: Left: Side view of gas surface density (left half of the panel, blue-white) and
temperature (right, red-orange) in the central 2 kpc of the ‘Base’ simulation at ¢ = 1 Myr.
The CMZ has been enveloped by the external ISM shock fronts, but it still maintains the
strong collimation of the diffuse cavities. The cavities are also filled with hot 10® — 10? K
gas, which allows them to expand in all directions once the feedback from Sgr A* has
switched off. Right: Central 500 pc of the ‘Base’ simulation at ¢ = 6 Myr. The CMZ

remains, although its structure is perturbed. There is also a back-flow of warm (7" ~ Ty;;)
gas into the central regions, evacuated by the buoyant rise of the bubbles.
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2.5 Results

Table [2.1] shows the list, parameters and main results of all of the simulations that I
present in this Chapter. Results of the three simulations in the top of the Table, separated

from the rest by a horizontal line, appear to be a reasonable match to the Fermi Bubble

observations by ‘Su et al.‘ 42010). The rest of the simulations produce bubbles that are

unlike the observed ones.

I first describe the evolution and properties of the ‘Base’ model (f; = 1073, ¢4 = 1 Myr).

2.5.1 Base simulation
2.5.1.1 Small and intermediate scales

Overall, the dynamics of gas in the simulation closely follows the analytical expectations.
Almost immediately after the quasar switches on, the spherically symmetric outflow hits
both the CMZ and the halo gas. The left panel of Figure [2.1] shows the face-on view of
the CMZ disc at time ¢ = 0.1 Myr. Note that only the central ~ 25 pc of the disc were
evacuated by outflow from Sgr A*. The right panel of the same figure shows the edge-on
projections of both gas column density and temperature (which I present in a single panel
because of the azimuthal symmetry of the gas flow).

As expected, the spherical “halo” (the diffuse gas component) is affected by the outflow
much more than the CMZ, with the contact discontinuity between the wind and the
shocked ambient medium at a distance of about 300 pc. Also note that the bubbles do
contain some gas mainly closer to the interface with the upper layers of the CMZ. That gas
is heated to temperatures above 10® K. There is a transition region between the almost-
spherical outflow perpendicular to the Galactic plane and the stalled outflow against the
CMZ, completing the figure-8 morphology of the whole flow.

As time proceeds the inner hole in the CMZ disc grows in size, engulfing most of
the disc by the end of the simulation (see Section for a fuller discussion of this).
The cavities opened by the outflow in the directions perpendicular to the Galactic plane
grow even more. The left panel of Figure 2.2] shows the edge-on view of the inner 2 kpc
of the Galaxy at time ¢t = 1 Myr. Note the hour-glass shape of the cavities opened by
the outflow, and a strong gradient in the outflow velocity with angle 6 (tanf = |z/z|)
measured from the z-axis. In particular, the maximum velocity is reached at 6§ = 0, such
that velocity there is consistent with the analytical prediction of v, ~ 2000 km/s, and the
minimum is at # = 90°. There is also a “failed” outflow around 6 ~ 65°; gas flowing along
these directions eventually falls on the Galactic plane, shadowed by the CMZ from further
Sgr A* feedback. Some material is ablated from the surfaces of the CMZ. It expands and
contributes to the tenuous gas filling the cavities.

The right panel of Figure [2.2] presents the edge-on view of the central 500 pc at the
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end of the simulation, at t = 6 Myr. Due to the relative buoyancy of the hot gas in the
cavities with respect to the cooler ambient gas, the former leaves the region by that time,
being replaced by the latter. This back flow of warm (7" ~ Ti;) gas returning to the
central region after Sgr A* switched off is clearly seen in the pattern of velocity vectors
on the left hand side of the right panel of Figure 2.2l Note also that while the CMZ has
been significantly affected by the outflow from Sgr A* most of it remains in the region in
the form of a ring discussed further in Section

2.5.1.2 Large scales

I now discuss the larger scales of the ‘Base’ simulation. Figure shows the edge-on
views of the simulation domain at times ¢ = 1,3 and 6 Myr (clockwise from top left,
respectively). The top left panel in particular shows that by the time Sgr A* switches
off the cavities are still rather small when compared with the scale of the Galaxy: their
height is R ~ 3 kpc and the maximum width is d ~ 2.5 kpc.

Further evolution of the hot bubbles is driven by the inertia of the outflow, the buoy-
ancy of the bubbles and the fact that they are significantly over-pressurised with respect
to the ambient medium (cf. the top left panel of Figure[2.4). Bubble expansion proceeds
in an almost self-similar fashion, except for a ripple at roughly the middle of the bubble
height (see Fig. 2.3, top right). It is most likely a Kelvin-Helmholtz unstable mode which
arises due to the material inside the bubble moving parallel to the surface of the contact
discontinuity. The ripple rolls over and disappears by ¢t = 6 Myr (Fig. bottom).

By the end of the simulation, the cavities have expanded to reach a height of ~ 11.5 kpc
(Fig. [2.3, bottom), consistent with the observed vertical extent of the Fermi bubbles (Su
et al., 2010). The width, at ~ 9 kpe, is slightly larger than observed (dops ~ 6 kpc); I
return to this point in Section2.6.1l The cavities are filled with very hot (Tj,u, ~ 2 x 108 K
~ 17 keV) and diffuse (fgpup ~ 2 X 107%; see Fig. 2.4, bottom) gas. For completeness,
Figure shows the time evolution of the bubble’s height, R, and width, d. The lateral

expansion is initially somewhat slower than the vertical, but catches up in the Myr after the

quasar switches off; the bubbles are as wide as they are tall at t ~ 2 Myr. This happens
presumably because some of the material expanding outward along the disc plane was
blown off the top of the CMZ disc (rotating gas is easier to blow away due to centrifugal
force). Subsequently, vertical expansion once again becomes faster than lateral one. This
may be driven by buoyancy: as the bubbles continue to rise up, their lower edges “lift oft”
from the plane, and the cooler gas can start flowing back along the plane.

The bubbles are slightly detached from the very centre of the Galaxy; the gradual
increase in this detachment is visible in Figure [2.3, and also in the right panel of figure
2.2. This detachment is caused by the bubbles rising buoyantly out of the Galaxy potential.
By t = 6 Myr, the gap between the centre and the lower edges of the bubbles is & ~ 1 kpc,
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Figure 2.3: Gas evolution on large scales in the ‘Base’ simulation; the three panels cor-
respond to t = 1,3 and 6 Myr, clockwise from top left. Only the positive-z side of the
computational domain is shown, due to symmetry around the Galactic plane. The CMZ
strongly collimates the outflow and allows the formation of a teardrop-shaped cavity with
a morphology very similar to that of the observed Fermi bubbles. The bubbles continue to

expand and rise due to high pressure and low density, even once the feedback has switched
off.
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Figure 2.4: Top left: Gas pressure as a function of cylindrical radius (rzyl = 22 +4?) for

a selection of SPH particles at 1 < |z| < 2.5 kpc (middle of the bubble) for the ‘Base’
simulation at ¢ = 1 Myr; the solid line is the mean value at each radius. The central cavity
is significantly over-pressurised in comparison to the ambient medium, leading to lateral
expansion of the bubbles. Top right: Same but at time ¢ = 6 Myr when the bubble is
much larger. The vertical cut chosen is now 4.5 < |z| < 6 kpc. Note that the gas pressure
has dropped significantly and is slowly varying across the bubble and the shocked region.
Bottom: Temperature (green curve and dark blue points, left scale) and gas fraction (red
curve and light blue points, right scale) against cylindrical radius for the same time and
particle cut as the top right panel. The hot diffuse inner cavity and dense surrounding
medium are obvious and have rather sharp edges (thickness ~ 1 kpc). Solid lines show
mean values of gas fraction and temperature at each radius.
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Figure 2.5: Height (solid line) and width (dashed line) of the bubbles as function of time
in the ‘Base’ simulation.

in agreement with observations that permit any value of the gap size below ~ 2 kpc (Su

et al., 2010‘).
The top left panel of Figure2.4lshows the SPH particle pressure versus their cylindrical
radius (defined as T(2:yl = 22 4 3?) selected at a slab of gas with 1 < |z| < 2.5 kpc at

t = 1 Myr, roughly corresponding to the midplane (i.e. half-height) of the bubbles at that
age. I observe that the difference in pressure within the bubble and outside is greater
than two orders of magnitude. This excess pressure continues to drive the expansion in
directions both parallel and perpendicular to the Galactic plane long after the quasar has
switched off.

The top right panel of figure(2.4] presents the same as the top left figure but at the end
of the simulation and for a slab of material at a larger |z| (4.5 < |z| < 6 kpc, corresponding
roughly to the middle of the bubble that has now risen further from the Galactic plane at
t = 6 Myr). Note that by ¢ = 6 Myr, the gas pressure inside the bubble has dropped by
two orders of magnitude; the pressure of the surrounding ISM is also lower, but only by
about a factor 10, so the pressure difference between the bubble and its surroundings is
much smaller. Consequently, the bubble expansion is much slower, as seen in Fig. 2.5 and
the bottom panel of Fig. 2.3l The vertical expansion of the bubbles persists for longer due

to residual momentum in the gas and buoyancy (see the last two columns in Table[2.1).

2.5.1.3 Feedback effects on the CMZ

In the simulation, I find that the CMZ is not dispersed by the outflow, a result consistent
with the analytical prediction (cf. Section|2.3.3). However, the quasar wind is powerful
enough to displace the inner ~ 120 pc of the CMZ to larger radii, resulting in formation
of a dense thin ring (Figure[2.6| top left).

The average radial expansion velocity of the inner parts of the CMZ, v, cmz ~ 100 km/s,
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is larger than the sound speed in its gas (cs ~ 20 — 40 km/s, for H/R = 0.125 and 0.25
respectively) and comparable to its rotational velocity. Therefore some of the CMZ gas
is shock-heated to T' ~ 10° K and expands vertically. This allows the quasar wind to
ablate the outer surfaces of the CMZ further. Gas from these regions fills the voids in the

halo (cf. Sections[2.5.1.1 and[2.5.1.2, above). This process, however, removes only a small

amount of mass: by the end of the simulation, the CMZ mass (defined as the gas mass
within a radius 250 pc in the Galactic plane and within z = +100 pc) has decreased by
less than 5%.

I would like to note another more significant dynamical effect of the Sgr A* outflow on
the CMZ that re-shapes the initial disc configuration into a ring-like one. The outward
force and pressure of quasar wind cause significant radial mixing in the CMZ. For example,
some of the CMZ gas on the inner face of the disc is sent outward by the wind just above
the surface of the outer regions of the disc, but stalls later on and falls back on the CMZ
in the outer regions. This failed outflow has low angular momentum in comparison to
gas in the outer disc. The angular momentum of the CMZ gas is then well mixed up.

This establishes a narrow distribution of specific angular momentum — a ring. Note that

this mechanism of ring formation is similar in spirit to that found by Hobbs et al. ({201 1)

in their simulation S30, although there shocks between material with different angular
momentum were due to initial conditions in the collapsing gas shell rather than quasar
feedback.

Subsequently, the ring slowly relaxes and spreads back somewhat into a disc con-
figuration due to viscous stresses; however, the viscous timescale for this to happen at
R = 100 pc is tyise ~ 108 (0.1/c0) yr for H/R = 0.25, where « is the standard Shakura
and Sunyaev M) viscosity parameter. This is much longer than the timescales I am

interested in, and thus unsurprisingly the ring persists until the end of the simulation
(Figure[2.6, bottom).

Since the disc is only marginally gravitationally stable at the start of the simulation, it
comes as no real surprise that the ring becomes more unstable than the original disc. As a
result, some spiral density waves are visible in the top right panel of Fig. [2.6. Furthermore,
a very massive dense clump forms at ¢ ~ 3.5 Myr and there are hints of another forming by
the end of the simulation at a position {z,y} ~ {80, —20} pc. The radius of the clump is
re ~ b pc and its mass mg ~ 107 Mg. Its density is then ng ~ 7 x 10° cm ™3, ~ 500 times
greater than the background potential density at the clump’s radial distance R ~ 100 pc
and similar to that of dense star forming molecular cloud cores. Due to the adopted
temperature floor and lack of resolution in the simulations, the cloud cannot fragment
into smaller globules, but one would obviously expect such an object to be unstable to
gravitational collapse. The result would presumably be a massive star cluster. The orbit

of the clump around Sgr A* is mildly eccentric (e ~ 0.2). This may be interesting as a
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Figure 2.6: Density of gas in the central 250 pc of the ‘Base’ simulation at t = 1,3 and
6 Myr (clockwise from top left), as seen from above the Galactic plane. The inner regions of
the CMZ are strongly affected by the quasar activity, forming a ring (top left panel) which
persists for several Myr (top right panel) while slowly spreading radially and developing
unstable spiral filaments (bottom panel). A self-gravitating clump forms at t = 3.5 Myr,
with another about to form by the end of the simulation. The total mass of the CMZ
remains almost constant throughout the simulation.
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potential route to formation of the Arches cluster which has a rather non-circular orbit
dStolte et al.,
Galactic Centre star clusters and GMCs (cf. further discussion in Section[2.6.7.3).

2008) in particular, but it may be also relevant to the origin of other young

2.5.2 Dependence on the ambient gas density

The ambient gas density before Sgr A* quasar outburst is a free parameter of the model.
Therefore, I varied f; to see how the conclusions depend on this parameter. A fourfold
increase in fg; (Simulation ‘Fg-high’, Fig. top left) results in a reduction of the bubble
height by ~ 40% for the same t,. This is consistent with the analytical prediction from
equation (2.10) and can be understood in terms of the larger gas weight, which for an

isothermal distribution is independent of radius and is

B 4fga4

Wy G

(2.20)

dKingJ, 2003, 2010b‘). Denser gas weighs more, therefore it requires more energy to be lifted
to the same height. Since the energy input is the same in both cases, higher values of f,
result in lower height reached by the bubbles. In fact, in simulation ‘Fg-high’, formally,
the stalling radius of the bubble is Rgan ~ 10 kpc, similar to the size of the observed
bubbles. However, the stalling time is tga ~ 50 Myr, which is much greater than the
time since the hypothesized Sgr A* outburst. This shows that relatively high values of f;
are definitely disfavored within the present model of a recent outburst origin for the Ferms
bubbles (unless perhaps ¢ is much longer than a 1 Myr; but see Section(2.5.3).

Conversely, a simulation with a lower gas density initial condition (‘Fg-low’, Fig. [2.7,
top right) produces a bubble that is ~ 40% taller, but its interior temperature is rather low,
blurring the distinction between the bubble and its surroundings. Furthermore, the lower
density bubble rises further from the Galactic centre, producing a detachment hy, > 2 kpc,
inconsistent with the data (Su et al., %) These disagreements allow me to exclude the
possibility of a significantly lower gas fraction in the halo as well.

The simulations show that the width of the bubbles, on the other hand, is almost
independent of the ambient gas density. This is probably because the lateral expansion of
the bubble is governed not only by the thrust from the outflow, but also by the pressure
balance on both sides of the bubble (Fig. 2.4, top left and top right panels). The ambient
gas pressure increases with higher fg, but so does the pressure inside the cavity due to
lower bubble volume. The two changes cancel each other out and the pressure inside
the bubbles remains several orders of magnitude greater than in the external medium,
leading to lateral expansion. Additionally, this expansion happens on an approximately
dynamical timescale, which is given by the properties of the background potential and is

also independent of f,.
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Figure 2.7: Density and temperature plots at ¢ = 6 Myr of simulations with varying
parameters. Top left: higher gas fraction f, = 4 x 1073 (‘Fg-high’). Top right: lower
gas fraction fy = 4 x 107% (‘Fg-low’). Bottom left: lower quasar outburst duration

tq = 0.3 Myr (‘Tq-low’). Bottom right: lower quasar outburst duration t, = 0.3 Myr
and lower gas fraction f, = 4 x 10~*(‘Both-low”).
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Figure 2.8: Density and temperature plots at ¢ = 6 Myr of simulations with varying
parameters. Top left: CMZ mass decreased by a factor 10 (‘Mc-low’). Top right: CMZ

aspect ratio decreased to H/R = 1/8 (‘Hr-low’). Bottom: a different heating-cooling
prescription has been used (”Cool’).
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2.5.3 Dependence on the outburst duration

I now explore how simulation results depend on the outburst duration. Simulation ‘Tq-
low’ (see Table 1) is identical to the ‘Base’ simulation except there I set ¢4 = 0.3 Myr.
As expected, lower ¢ results in physically smaller bubbles (see Fig. 2.7, bottom left).
Due to a smaller amount of energy injected and a longer duration of adiabatic expansion
phase after quasar switch off, the contrast between the temperature and density in the
bubble interior and the surrounding shell is also smaller. The bubbles have lower densities
(effective fy ~ 4 x 1074, compared with the ambient f, ~ 1073) and somewhat higher
temperatures (T}, ~ 107 K) than the surroundings, and thus rise buoyantly away from
the centre, resulting in large (2 3 kpc by 6 Myr) separations of the bubbles from the
centre. Vertical expansion of the bubble, however, is slower than in the ‘Base’ simulation;
the outer edges of the bubbles reach only ~ 5 — 6 kpc by the end of the simulation. In
addition, the bubble width is significantly smaller than in the ‘Base’ simulation, since a
lower energy input results in a lower pressure inside the bubble, therefore lateral expansion
is also slower.

This result provides a rough lower limit to the quasar outburst duration required to
inflate the bubbles: t, > 0.3 Myr, and quite likely ¢, ~ 1 Myr. This is compatible with
the analytical results, where I found ¢, > 2.5 x 10° yr from morphological arguments (cf.
Section [2.3.2). T discuss this point further in Section [2.6.8.

Given that a lower value of ¢4 produces smaller bubbles, while a lower value of f,
increases their size (See Section 2.5.2)), is it possible that reducing both ¢, and f, may
yield as good or better morphological fit to the observed bubbles as the ‘Base’ simulation?
I run a simulation to test this idea (see simulation ‘Both-low’ in Table[2.1), but find results
incompatible with observations. The bottom right panel of Figure [2.7] shows the surface
density and temperature projections at the end of the simulation. While the height of the
bubbles is comparable to that found in the ‘Base’ simulation, the width is too narrow. Also

the gap between the Galactic centre and the lower edge of the bubbles is too large, and the
morphology of the whole region appears too non-uniform compared with the observations
i-u et al.

by 1S )

Increasing both t, and f, simultaneously by a factor larger than a few is also not
a viable option. Morphologically, had the CMZ been able to withstand onslaught from
Sgr A* feedback for longer, the dynamics of the gas may have produced reasonably shaped
hot bubbles. But I am already using a CMZ mass that corresponds to the upper limits
1996), and even with t; = 1 Myr the CMZ

is significantly affected in the ‘Base’ simulation. It seems evident that increasing ¢, further

derived from observations dMorris and SerabynL

may do too much damage to the CMZ, i.e., drive most of it to much larger distances from
the Galactic Centre than is currently observed. Therefore I think that ¢4 longer than
~ 1 Myr is not very likely, although there remains a possibility that the current CMZ
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is only a remnant of an even more massive gas disc that preceeded the Sgr A* quasar

outburst.

2.5.4 Dependence on the CMZ properties

Having checked the effects of varying the halo and quasar parameters, I now vary the
properties of the CMZ. In simulation ‘Mc-low’, I reduce the CMZ mass by a factor of 10,
making it smaller than the current observational estimates (Mcyz ~ 3 — 5 X 107 Me;
Dahmen et al., 1998; ,‘2000‘).

The results are shown in Fig. 2.8, top left. Comparing the figure with the right panel
of Figure 2.3, note that the shape of the bubbles and the shocked region is closer to
spherical in the case of a less massive CMZ. Although the lower CMZ mass still yields a

Pierce-Price et al.

weight ~ 5 times larger than what the quasar outburst should be able to lift, the vertical
density stratification in a homogeneous disc makes a large part of the CMZ diffuse enough
to be blown away. The rest of the CMZ is shock-heated to higher temperatures than in
the ‘Base’ simulation and begins to expand vertically, providing more material that can
be removed by the wind. As a result, most of the CMZ is blown away by ~ 0.7 Myr in
simulation ‘Mc-low’, and the outflow proceeds quasi-spherically for the last 0.3 Myr of the
quasar activity. Although almost all of this material eventually accretes back onto the
reforming CMZ disc after the quasar has switched off, the effects on the diffuse “halo”
gas are profound. The bubble height is ~ 40% lower, their width is ~ 20% smaller and
the bubbles are significantly detached from the Galactic centre. This simulation does not
appear to match the morphology of the Fermi bubbles as well as the ‘Base’ simulation
does.

I next check the influence of the CMZ geometry by reducing its scale height to yield the
geometrical aspect ratio of H/R = 0.125, with a corresponding decrease in the temperature
floor of the simulation (‘HR-low’, Fig. (2.8, top right). This value is smaller than the CMZ
aspect ratio favored by the current observations (H/R ~ 0.15; Pierce-Price et al., 2000;
, 12011
space in terms of H/R for the CMZ.

I find no qualitative difference between simulations ‘HR-low’ and ‘Base’. This suggests

Jones et al. ), so that the simulations effectively cover all the reasonable parameter

that even if the exact geometry of the CMZ plays a role in determining the bubble shape,
the magnitude of this effect is quite limited. In all simulations, the bubbles are collimated
much more strongly than pure shielding by the CMZ would suggest (the opening angle
of the bubbles is €}, ~ 0.4 x 47, while the solid angle not obscured by the CMZ in the
‘Base’ simulation is Qcnz ~ 0.8 x 47), therefore this lack of difference is not particularly

surprising.
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2.5.5 Effect of the heating-cooling prescription

Simulation ‘Cool’ is identical to the ‘Base’ simulation, except that I use a physically
2005‘) instead
of the standard Sutherland and Dopita 41993) one, as in the other simulations in this

motivated optically thin quasar heating-cooling prescription dSazonov et al.,

Chapter. The prescription is based on a fit to the radiative heating and cooling rates of
the gas illuminated by a typical quasar radiation field. The radiative processes include
photoionization heating, Compton and inverse-Compton processes, bremsstrahlung and
line cooling, and assume an optically thin medium, which is well justified for the low

column densities that I find in this paper, ¥ < 107% g cm™2.

The only region where
gas may become optically thick to X-rays from Sgr A* is the midplane of the CMZ disc.
However, I find that the higher density gas is able to cool efficiently anyway, thus staying
close to the imposed temperature floor of 7' = a few x10* K in any event.

The overall effect of changing the heating-cooling prescription on the large scale gas
distribution is small (Fig. 2.8, bottom). The bubble interior is ~ 50% hotter (Tiyp ~
3 x 108 K as opposed to 2 x 10 K in the ‘Base’ simulation), most likely due to less
efficient cooling in the adopted prescription at ¢t > ¢,. The temperature of the outer shell
is practically the same. Morphologically, this difference results in bubbles that have ~ 10%
lower height and practically the same width, although the KH-unstable ripples (cf. Section
2.5.1.2) are missing. The bubbles are also somewhat less collimated, as the material close
to the Galactic plane is able to cool down more efficiently and collapse to higher densities.

In general, however, the bubbles look rather similar. This shows that the results are not

very sensitive to the details of gas heating and cooling. This finding is also consistent with

the analytical predictions of‘Kin,ﬂ.r dQOlOb) and ‘Kinfz et al. 42011), where by construction

an energy-driven outflow occurs when cooling of the shocked wind and the shocked ISM
becomes inefficient; I comment on this result further in Section The effect of the
X-ray heating from Sgr A* on the CMZ material is even smaller than that on the diffuse
ambient gas, as explained above.

It should be noted that this insensitivity to quasar photo-ionisation heating and radia-
tive cooling is to be expected due to the low density and a rather short duration of Sgr A*
2005‘). At higher

densities I would expect the structure of the ambient gas to be significantly dependent on

outburst compared with typical cosmological conditions dSazonov et al.,

the details of the cooling function employed in the simulations.

2.6 Discussion

2.6.1 Summary of results

In general, the numerical simulations agree with the analytical calculations and confirm

the hypothesis that an Eddington-limited outburst of Sgr A* outflow is a promising way
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of explaining the morphology of the observed Fermi bubbles. Starting with the model for
AGN feedback developed to explain the My, — o relation for classical bulges and elliptical
galaxies d@g, 2003, ‘2005
AGN feedback (Nayakshin and PoweIL
(a) the lower present day gas content of the Milky Way (i.e., smaller gas fraction fs); (b)

), the “typical” initial conditions for numerical simulations of

2010‘) needed to be amended only to account for

the presence of a massive gas disc, the CMZ, in the plane of the Galaxy in the central
200 pc; (c) a finite duration of Sgr A* outburst, which is a free parameter of the model,
and is small compared to the dynamical time in a host galaxy bulge.

Given this setup, I confirm the analytical prediction that a spherically symmetric out-
flow from Sgr A* is collimated by a geometrically thin CMZ disc in directions perpendicular
to the Galactic plane. The outflow then produces two teardrop shaped cavities that have
sizes similar to the observed ~-ray emission features. I varied the free parameters of the
model — the quasar outburst duration ¢4 and the gas fraction f; — to constrain their values
totq~ 1 Myr and f; =~ 1073, The former is plausible and has interesting implications for
Sgr A* feeding (cf. Section below). The latter is poorly constrained observationally
but consistent with estimates by‘McKee 41990‘) and ‘Sofue 4201 1).

The opening angles of the bubbles as seen from Sgr A* are (), ~ 0.4 x 47w. This is

significantly smaller than the solid angle not obscured by the CMZ in the ‘Base’ simulation
(Qemz ~ 0.8 x 47), showing that CMZ casts a larger “feedback shadow” than could be
expected based on its geometrical aspect ratio alone. This difference is caused by the fol-
lowing two effects. First of all, the CMZ not only hinders the outflow propagation directly
through it, but also “reflects” a part of the outflow. The thermally driven outflow of hot
gas ablated from the CMZ surfaces away from the Galactic plane redirects the gas flow
lines towards vertical directions. Secondly, the bubbles rise due to buoyancy, and cooler
material streams to fill the void along the Galactic plane, further reducing the opening
angle of the bubbles. I did not consider either of these effects in the analytical calculations,
but their presence generally improves overall correspondence between model results and
,11960; Moellenhoff,
%) found that the outflows are collimated into more column-like shapes than I find in

the simulations. However, these papers used considerably different distributions for the

observations. Early analytical work on similar problems AKomDaneets

ambient medium, which strongly affect the results. Furthermore, the rapid cooling of the
CMZ in my simulations provides extra collimation which was not found by the previous
authors.

In addition, although I was not originally interested in the evolution of the CMZ due
to Sgr A* feedback — the role of the CMZ in the simulations was to stop and redirect the
quasar wind only — I found several CMZ-related results interesting from an observational
point of view: (a) re-shaping of the CMZ into a ring-like structure, perhaps explaining

recent Herschel observations that the CMZ is a dusty ring rather than a disc; (b) an
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induced star formation mode in the CMZ which is triggered by Sgr A* feedback. These
points are further discussed in Section 2.6.7.

I now make a detailed comparison of the simulation results to observations.

2.6.2 Gas mass within the bubbles

In the simulations presented in this Chapter, two cavities corresponding to the observed
Fermi bubbles are filled with hot and diffuse gas. The observationally estimated mass of
gas within the bubbles (M, ~ 10% My; , ) is much greater than the mass
of the shocked wind in the model. The latter, from analytical arguments in Section [3.2,
is My, ~ MEddtq ~ 8 x 10* My, for tq = 1 Myr. The mass contained inside the cavities is
Myup sim ~ 6 X 10° M, for the ‘Base’ simulation. The density of gas within the bubbles
(Nbub ~ 3 x 107° em™3) is also much lower than the one typically adopted in spectral
Su et al., 12010

modelling of the bubble emission (n ~ 1072, Crocker and Aharonian,
2011).

I believe that these simulations under-predict the gas density inside the bubbles which

I I

would otherwise be obtained in a more sophisticated simulation. I use a one-phase model

for the ambient medium, whereas observations of gas in the Milky Way show that it is

multi-phase dDame et al. 2001‘). I would thus expect some cold and warm gas to be

present even at large heights above the disc before Sgr A* “turns on”. Much like in
supernova shocks expanding into the ambient medium, molecular clouds embedded in the
ambient gas are expected to be overtaken by the quasar wind and later evaporate inside the
1975).

In addition to that, having strong density inhomogjeneities in the ambient medium should

bubbles, increasing the hot gas density there at late times (e.g. ‘McKee and Cowie,

provoke strong Rayleigh-Taylor instabilities (King, M) during the quasar outburst
event; I discuss these in Section[2.6.5 below. These may allow formation of dense filaments
resilient to Sgr A* feedback that are left behind the shock just like the molecular clouds
discussed above. I believe that these differences do not affect the large-scale gas dynamics

within our simulations.
2.6.3 Bubble energy content

The total energy input by the quasar into the system is

Em ~ LEdd tq ~ 8 X 1056 te erg, (221)

N3

where tg is quasar activity time in Myr and 7/2 = 0.05 is the coupling efficiency of
the energy-driven wind (eq. [2.3). As mentioned in Section [2.3.2) Ej, is significantly
larger than the observational estimate of the total gas energy content of the bubble:
Ebub,obs ~ 1054755 erg (Su et al., %) However, in the simulations, the injected energy
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1.00F
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Figure 2.9: Time evolution of the fraction of energy input into the system by the quasar
wind that is retained inside the bubbles. The rest of the energy is contained in the shell
of shocked expanding ambient gas.

FEj, is split between the bubble and the surrounding shell. Even when the quasar is active,
analytical calculations show that only 1/3 of the input energy remains inside the bubble
dZubovas and KinQJ, 2012, also Chapter 4] of this Thesis), and this value should decrease

after the quasar has switched off, as the bubble cools due to expansion.

To quantify this further, I computed the fraction of energy injected into the ambient
gas by Sgr A* and retained by the bubble in the ‘Base’ simulation as a function of time
(other simulations show similar results). To this end, I first compute the sum of kinetic
and thermal energy for all the gas particles in the simulation, Fio(f). I exclude in this
calculation the gravitational potential energy of gas because for most SPH particles in the
calculation changes in the latter are small compared with the changes in the kinetic and
thermal energy; additionally, cooling is not very efficient in a low-density energy-driven
flow, therefore the changes in results due to this channel are also negligible. I then define
the energy content of the gas within the bubble, E}y,(t), as the sum of kinetic and thermal
energy of the gas inside the bubble. The fraction of energy retained in the bubble is thus

defined as
ABpy By (t) — Ebun(0)

AFEit  Fiot(t) — Fiot(0)

€E,in(t) (2.22)

Figure 2.9 presents the evolution of e, with time. While the quasar is active, the
fraction of energy retained inside the bubble grows slightly and fluctuates around the
analytically derived value of 1/3. Once the quasar switches off, the expanding bubble
cools and transfers most of its energy to the surrounding shell, so that by ¢t = 6 Myr,
only ~ 3% of the total energy input is retained inside the bubble. Hence the total energy
content of the bubbles by the end of the simulation is

Fpu, ~ 0.03E;, ~ 2.5 x 10 t4 erg, (2.23)
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a value similar to but still a little larger than the observed one. This energy is contained
predominantly in thermal gas motions and cosmic rays, rather than the bulk motion of the
gas (the sound speed in the bubble gas is ¢ pun ~ 3000 km/s > v, of bubble expansion),
and so is in principle visible to observations.

A further decrease in the bubble energy content may be caused by radiative cooling.
To check this, I consider the evolution of Fiu(t) and find that after ¢ =t it is conserved
to within a few %. Adding a reasonably parametrised (using s = 1 kpc as a scale
radius) value for the gas potential energy does not change the result either. Therefore
the importance of cooling on the total energy content is minimal and does not affect the

previous considerations.

2.6.4 Expected radiation from the bubble

The main emission components of interest are the v-ray emission from the the lobes (Su

et al., 2010), a tentative microwave feature coincident with the bubbles identified in the
WMAP all-sky maps dFinkbeiner, 2004j; Su et al., 2010‘) and an X-shaped feature visible
in the X-rays closer to the Galactic plane, coinciding with the edges of the bubbles, known
as the “ROSAT limbs” dSnowden et al.‘,

turn.

199%). I discuss each of the three components in

While I do not model cosmic ray (CR) particles in the simulations, I note that as-
trophysical shocks are known to accelerate electrons, protons and other particles to CR
energies dBlandford and Eichlel{

~ 10% of the blast wave energy into the high energy particle component in the case of

1987) in a variety of environments and put as much as

supernova shocks. I certainly do not see an obvious reason why shocks driven by an even
faster outflow from a quasar would be less efficient in producing CRs than supernovae.

Two competing explanations for the origin of the v-ray emission from the Fermibubbles

were suggested in the literature to date. Crocker and Aharonian 4201 1) suggested that the
emission is powered by CR protons through pp collisions with the plasma in the bubbles.

039 erg s=! of energy is injected into the bubbles in the form of

In this scenario, ~ 1
CRs for ~ 10'° yrs to achieve saturation in the system (cf. also Crocker, @) This
yields ~ 3 x 10°® erg in CR energy alone. This is some 3 orders of magnitude larger than
the thermal energy retained within the bubbles in the ‘Base’ simulation (equation .
Therefore I conclude that the model is very unlikely to produce a bright enough ~-ray
emission if emitting particles are hadrons.

On the other hand, Mertsch and Sarkar 42011) explore the possibility that electrons

accelerated by shocks in turbulent plasma inside the bubbles can reproduce the spectral

features, as well as the constant surface brightness profile. They find that this accelera-
tion process can continuously replenish the energetic electron population, overcoming the

problem of rapid electron cooling via the inverse-Compton process. The cooling time due
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to both IC and synchrotron losses is less than 5 Myr for 100 GeV electrons at z = 5 kpc
above the Galactic plane (Fig. 28 and Section 7.1 in Su et al., M) Since the current
v-ray luminosity of the bubbles is ~ 4 x 1037 erg s~!, and the age of the bubbles is 6 Myrs
in the model, I conclude that at least ~ 10°? erg of CR electrons is required to explain
the Fermi Bubbles, and somewhat more if I account for continuous replenishment from
plasma turbulence. This would be a very small fraction of the bubble energy content in
the present model, and at least on that basis is possible.

The origin of “continuous” shock driving inside the bubbles can be naturally explained
by the model. Since the Fermi bubbles are still expanding at the end of the simulations,
I expect that the whole volume of the cavities inflated by the quasar outburst is still
filled with shocks produced by the small-scale Rayleigh-Taylor instabilities at the contact
discontinuity, which I do not resolve in the simulations (Section [2.6.5), and the strong
differential motions of the unresolved clouds evaporating inside the bubbles (Section[2.6.2).
These instabilities could continue to inject energy into the shocks inside the bubbles (see
1989‘). As noted in Section [2.6.2, a higher resolution modelling

that includes a multi-phase description for the ambient pre-shock gas is likely to result

Figure 2 in‘Mac Low et al.,

in strong Rayleigh-Taylor instabilities of the wind shock front during the quasar outburst
1 2010;). This should let cold gas filaments fall into the bubble’s interior due

to gravity, leading to high Mach number shocks. Protons and electrons could thus be

event (King,

continuously accelerated on these shocks now, as suggested by Mertsch and Sarkar 42()1 1).

The observed microwave haze spatially coincides with the Fermi bubbles, although
its intensity decreases with height above the Galactic plane, especially in the southern
bubble (see the bottom right panel of Figure 18 in Su et al. %ﬁ—(}‘ and the left panel of
Figure 5 in ) The luminosity of synchrotron emission from cooling electrons
decreases with height above the plane possibly due to an expected decrease in the magnetic
field strength. I believe that same electrons responsible for the ~-ray emission may be

responsible for the WMAP haze. In this regard, my model is similar to that of Biermann

et al. ({M), where the authors require fast diffusion and recent origin (¢t < 107 yr) of the
CR particles responsible for the haze emission.

The ROSAT-observed X-ray background in the region of the Fermibubbles is composed
of X-shaped ridges coincident with the lower limbs of the bubbles, most clearly visible in
the hard (1.5 keV) band of the instrument, and a cavity in soft-band X-ray emission
coincident with the bulk of the bubble area dSnowden et al. 199%; Su et al. 201&). The

spatial coincidence of the features suggests a common origin.

9 i

In the simulations, gas inside the bubbles has temperatures as high as ~ 10 — 20 keV
(see Figure[2.4, bottom) and so most of its thermal emission is harder than what ROSAT
would detect. This could then explain the deficit of soft X-ray emission from within the
bubbles. The shocked ISM (see Section 2.6.6 below) is heated to temperatures of a few
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2 so may vary somewhat if the

times 107 K, (although that is expected to scale as o« o
model for the potential in the inner 10 kpc of the Galaxy is varied). The shocked shells
around Fermi bubbles should then be best visible in the harder ROSAT bands. X-ray
emissivity scales as o< n?, where n is gas particle density. The latter tends to be larger
close to the Galactic plane due to superposition of the shells around the two bubbles
(Figure 2.3, bottom) and vertical stratification. Therefore I would expect the lower limbs

of the shells to be brighter in X-rays, as observed.

2.6.5 Stability of the outflow

The simulations presented in this Chapter show the large-scale outflow proceeding in a
stable manner, without developing any small-scale features, except for a single ripple (see
Figure top right and bottom) at around the middle of the bubble height. However,
formally both the inner shock of the quasar wind and the contact discontinuity between
the wind and the ISM are Rayleigh-Taylor unstable , @) Here, I investigate
the reasons why I do not find this instability, or any of several others, in the simulations,

although one may expect to see them in similar numerical work.

2.6.5.1 Rayleigh-Taylor instabilities

Figure 2.4, bottom, shows that even by the end of the ‘Base’ simulation, gas inside the
bubble is significantly less dense than in the surroundings (fg bub/ fe,shell 1072). As a
result, the contact discontinuity is Rayleigh-Taylor unstable. The growth timescale of the

instability depends on the associated wavelength \:

_ <27T/\ Pshell + Pbub> 1/2
lrT = )

(2.24)
g Pshell — Pbub

In the case considered here, the ratio of density sum and difference is ~ 1, and the

gravitational acceleration is ~ ¢/ R, giving

R [2mA\\/?
~— | — . 2.2
= (27) (2.25)

For a limited growth timescale ¢y = 6t¢ Myr I find that there is a maximum wavelength

of the perturbation which experiences significant growth:

o.te pe. (2.26)

Therefore the only instabilities that grow significantly have very short wavelengths, unless

they start to develop while the outflow radius is < 1 kpc.
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On the other hand, the linear resolution of the simulations is approximately equal to
the typical particle smoothing length, which in the region of interest (i.e. in the bubble
and in the shell) is hgpush ~ 500 pc. Therefore the unstable wavelengths that show
significant growth are not resolved. In principle, this is a shortcoming of the simulation
and of the SPH method in general dAgertz et al., ‘200%). However, Mac Low et al. d1989)

find a very similar result in the case of an expanding adiabatic bubble using a grid code

ZEUS. Furthermore, these authors do find very strong shell instabilities in the case of a

rapidly cooling shocked ambient medium, but even in those cases they find that the large

scale dynamics is described surprisingly accurately by the ‘Kompaneets‘ 41960) method

that completely neglects the instabilities. Therefore I believe that the simulation results
are sufficiently accurate as far as the large-scale dynamics of the bubbles is concerned.
However, as discussed in Sections(2.6.2 and [2.6.4, the RT instabilities may be especially
important in the case of an inhomogeneous ambient medium that I do not model here.
The RT “fingers” may penetrate deep into the bubble, increasing the average gas density
inside it and providing additional shock fronts for the acceleration of CR particles. These

issues thus deserve future more detailed investigations.

2.6.5.2 Vishniac instability in the outer shell

The shocked ambient medium may also be prone to pressure-based instabilities similar

to those described analytically by Vishniac 41983) and confirmed numerically by Mac
Low and Norman (1993). However, this type of instability can only act on a thin shell.

This condition requires efficient cooling of the shocked ambient gas. Given the set up I

investigate here, the cooling time of the shocked ambient gas is long compared with the
total duration of the simulation (Section 2.6.3), therefore I would not expect the outer

shell to become unstable.

2.6.5.3 Stability of the CMZ

In the simulations the interface between the CMZ and the outflow does not appear to be
strongly unstable. This may be a general deficiency of the SPH algorithm (Agertz et al.,
@), but I note that these possible instabilities are not the primary focus of this Chapter.
In addition, the observed CMZ is a highly dynamic irregular structure (Molinari et al.,
2011), so these instabilities would not be inconsistent with the observations. I further
discuss self-gravitational instabilities of the CMZ in Section [2.6.7.

2.6.6 Bubble edges and the outer ISM shock

The expanding SMBH outflow drives a strong forward shock into the ISM, which is ex-
pected to be adiabatic and move with vy ~ 4/3ve dZubovas and King, 2012, also Chapter
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4 of this Thesis). Since the shell thickness is initially zero, its vertical extent should also
be rigm ~ 4/3ry, i.e. the thickness of the snowplough shell should be 1/3rd of the bubble
height. Note that in the simulations, it is somewhat greater: dg,/ry, ~ 0.4. This result is
not due to poor resolution. At late times, the thickness of the shell is ~ 10 times greater
than the typical SPH particle smoothing length inside it (hspmsnh ~ 500 pc), therefore I
believe the large-scale morphology of the region is well resolved.

The most likely reason for the discrepancy is the fact that the analytical model assumes
a continuous quasar outflow driving the shell, whereas in the simulations the quasar turns
off at t =1 Myr. As a result the shell is less compressed in the radial direction.

In addition, the one-phase treatment of the ambient diffuse medium (cf. Section[2.6.2)
can under-estimate the radiative cooling in the shell. Therefore, a more realistic multi-
phase simulation could be expected to have thinner shell enveloping the Ferms: bubbles.

Simulations also show transition regions at the edges of the bubbles (e.g. at re; =
4 — 5 kpc in Figure 2.4, bottom). These are < 1 kpc thick zones where both temperature
and density change from the values appropriate for bubble interior to those of the swept-
up ISM. The observed bubble edges are 5 — 10° wide, corresponding to a few hundred
parsecs, in good agreement with simulation results. However, I must note that the SPH
particle smoothing length in these regions is comparable to the region thickness, therefore

numerical effects probably dominate the result.

2.6.7 Has Sgr A* feedback affected the CMZ?

The primary goal of this Chapter is investigating whether Sgr A* feedback is a reasonable
model for the morphology of the Fermi bubbles. In doing so I purposely introduced a
very simple model for the CMZ — a 3(R) o< R™! circular disc in the plane of the Galaxy
1996). This simple

model nevertheless resulted in an interesting transformation and excitation of the CMZ

with mass and size consistent with observations ({Morris and Serabymn,

that is worthy of further discussion.

2.6.7.1 The Herschel ring: a feedback-compressed disc?

In particular, T find that, under the strong coercion from Sgr A* feedback, the initial
disky configuration of the CMZ attains a morphology more reminiscent of a dense ring
(see Section and Figure2.6). I believe this is a general result of an AGN feedback
acting on a disk since the physics behind this “anti-diffusion” evolution of the disk is
simple and thus robust.

When the inner regions of the disc are blasted with an outward-directed feedback from
the centre, little of the material outflows to infinity; most actually falls back onto the disc
at large radii, mixes with gas there, reducing its angular momentum, and thus induces an

inward-directed radial flow at those radii. AGN feedback thus serves as an external agent

65



Fermi Bubbles: Sgr A* AGN feedback? 2.6. Discussion

that forces shock mixing of gas initially located at different radii and carrying different
specific angular momenta. An initially broad distribution of angular momentum (a disc)
becomes more narrow (a ring).

The slow viscous evolution of the dense ring that is formed by feedback suggests that
such a ring should be still present in the GC today. In fact, recent Herschel observations

of the GC region have revealed a ring-like structure on the scale of ~ 100 pc (Molinari

et al., 2011), qualitatively similar to what I find in the simulations. The observed feature
is elliptical and offset from Sgr A*. In Section [2.6.7.2 below I discuss how this strongly
non-circular and offset structure could be formed in the model.

The fact that the CMZ is only perturbed but not dispersed to infinity is consistent
with analytical predictions in Section [2.3.3. Note also that it may seem paradoxical how
this very massive gas disc gets evacuated in the inner region and yet Sgr A* continues to
accrete from presumably a much smaller disc at the assumed Eddington rate for ~ 1 Myr
as in the ‘Base’ simulation. However, the paradox is easily solved by realising that weight
per unit mass of the gas — i.e., acceleration due to gravity — scales as oc M (R)/R?, where
M(R) is the total mass enclosed within radius R. The disc that fed Sgr A* may have had

a radius of order R ~ 0.1 pc or even less ({NavakshinJ, 2005; Alexander et al., 2012‘). The
weight of the accretion disc of mass My = 10° M5 Mg is then
G My M,
Wae = % = 1.2 x 103 M5 dyn , (2.27)

which is some ~ 20 times larger than that estimated for the CMZ (equation 2.16). It
is thus perfectly reasonable that a smaller-scale disk would be too tightly bound to the
SMBH to be expelled or even significantly perturbed by feedback, unlike gas at larger

radii. ‘Navakshin et al. dQOlQaJ) show in their Appendix that this is a general point.

2.6.7.2 Non-circular orbit of the Herschel ring

Molinari et al. (2011) find that the Herschel ring is offset from Sgr A* and thus the centre
of the Milky Way by about 50 pc, which is comparable with the size of the ring itself (see
their fFigure 5). Any offset, and especially such a large one, is not naturally expected if
the ring is a long-lived structure. While my model shows no offset, note that there may
be a natural way to produce that, although further numerical simulations are needed to
confirm these ideas.

In particular, I have assumed here that the feedback from Sgr A* is exactly spherically
symmetric. This is likely to be an over-simplification. Even if the wind outflow is quasi-
spherical on the smallest scales (i.e., hundreds of Schwarzschild radii), on the somewhat
larger scales of stellar discs there must be an accretion disc which cannot be readily expelled

by Sgr A* feedback as discussed above. Also, the young stellar discs orbiting Sgr A* are
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not simple planar structures, with significant warps needed to explain the observed stellar

kinematics dBartko et al.‘, 2009‘). Large warps also naturally occur in numerical simulations

of star forming gas flows (Hobbs and Nayakshin, 2009). Therefore, due to shadowing of
Sgr A* feedback by the ~ 0.1 pc gas flow (which may be strongly non-circular), one side of
the CMZ may have experienced a different amount of feedback compared with the other
side, causing a strong non-axisymmetric perturbation to the CMZ disc and perhaps leading
to an offset ring reminiscent of the observed Herschel ring. I note that the asymmetry in
the feedback should not be too large over the whole 47 solid angle, however, so as to not
result in too asymmetric Fermi Bubbles.

Additionally, natural non-axisymmetric density variations in the pre-feedback CMZ
may result in outflow within the CMZ proceeding at different velocities in different direc-

tions, producing the offset.

2.6.7.3 Induced star formation in the CMZ?

A particularly interesting outcome of the CMZ compression by the outflow is the formation
of a dense clump of gas at t ~ 3.5 Myr (see Section [2.5.1.3). The large mass, ~ 10” Mg,
of the clump and its position at R ~ 100 pc from the Galactic centre suggest that the
1998; ‘Figer et al., 1999&%)
1975; Reid et al., ‘2009)
may have formed this way. Many smaller clumps in the dense ring may be susceptible to
,12009; Immer et al., M) reveal
that the star formation rate in the CMZ during the past ~ 1 Myr was ~ 0.08 Mg, yr—!. At
this rate, all of the CMZ gas would be turned into stars in ~ 6 x 108 yr; even if the CMZ

was supplied by molecular gas from further out, the whole molecular gas content of the

observed young Galactic centre stellar clusters dSerabyn et al.,

or some of the largest molecular clouds (e.g. Sgr B2, Scoville et al.

)

star formation; recent IR observations AYusef—Zadeh et al.

Milky Way would have been turned into stars in ~ 6 Gyr. This suggests that the current
star formation rate in the CMZ is higher than the long-term average, further implying a
rather recent perturbation, consistent with the results of our simulations. Furthermore,
combined Chandra and HST observations have revealed a population of isolated massive
(O and B giant, but also WR) stars in the CMZ (e.g. ‘Mauerhan et al., 2010‘). These

stars are not associated with any of the known clusters and may have formed in small

associations. The simulations suggest that while these stars are isolated now, they may
have formed coherently in time if not in space due to a single very powerful perturbation
produced by Sgr A* quasar outburst that turned the disc into a star-forming ring.
Finally, I note that the strong perturbations to the initially circular orbits of gas in
the CMZ by Sgr A* feedback could form gas clumps on eccentric orbit. Indeed, the
orbit of the clump found in the ‘Base’ simulations is mildly eccentric, e ~ 0.2. That
was obtained in a perfectly azimuthally symmetric simulation; any deviation from this

assumption would have likely resulted in an even more eccentric clump. Such eccentric
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clump formation mechanism may be relevant to the origin of the Arches cluster which has

2008).

a rather non-circular orbit dStolte et al.

)

2.6.8 Implications for AGN feeding models

Sgr A* is the closest SMBH, and while its dimness is a familiar (and important) tale
that stimulated development of non-radiative models of accretion for low density gas flows
near SMBHs (e.g., 1995 1999), little has been

known about the past of Sgr A* as an accretion-powered SMBH. This is mainly due to

Narayan et al. Blandford and Begelman,

potential difficulties of discovering signs of past Sgr A* activity. Light-echos due to X-ray
fluorescence of Sgr A* radiation on molecular clouds is a powerful technique (Sunyaev
1998; 2004; 2010‘) but can only be used to

constrain Sgr A* activity up to ~ 10* yrs at best due to the finite size of the Galaxy and

and Churazov, Revnivtsev et al. Terrier et al.

i 9

the ~ 1/R? fading of signals from clouds at large distance R from the Galactic Centre.
However, shocks induced by an outflow from Sgr A* may continue to be visible for
approximately a dynamical time of the Galaxy, i.e., Rg/o ~ 50 Myrs, where I set Galaxy
“radius” to be ~ 5 kpc and velocity dispersion o = 100 km s~! for illustrative purposes.
Therefore, the Fermi lobes detected by|Su et al. M) may be such a “shock-echo” of the
past Sgr A* activity. In this Chapter, I required the activity episode of Sgr A* to coincide

with the well known star formation event in the Galactic Centre ~ 6 million years ago

dPaumard et al., ‘2006), and found that the model has a number of attractive observational
consequences which lend some support to this picture.

If Sgr A* indeed did have an Eddington-limited outburst for as long as ~ 1 Myr,
it must have accreted ~ 10° Mg, of gas. This is an order of magnitude more than the
2006). The fact that

Sgr A* managed to accrete ~ 90% of the gas from the star-forming accretion disc is highly

mass in the stellar discs dPaumard et al., 2006; Nayakshin et al.

significant for the general question of how SMBH are fed, and should be explored further
as a potential example of an AGN disc that avoided the “star formation catastrophe” in
which gas is believed to be turned into stars too rapidly to feed AGN (e.g., Paczynski,

1978; Kolykhalov and Syunyaev, 198(;; Goodman, [2003; 2007).

The interpretation of the high efficiency of gas accretion in comparison to star for-

Nayakshin et al.,

mation is model dependent. On the one hand, it may be evidence that feedback from
stars inside the accretion disc is able to stave off star formation for long enough to chan-
nel a sufficient amount of fuel to the SMBH dThompson et al. 2005‘). Alternatively,
the dynamically hot structure of the young stars in the central parsec of the Milky Way

)

is best explained by a non-planar gas deposition event resulting from, e.g., collisions of
2009
circumnuclear disc, or capture of a large, turbulent giant molecular cloud (Wardle and
Yusef-Zadeh, 2008; Bonnell and Ricel,

two massive gas clouds dHobbs and Nayakshin, ), collision between a cloud and the

2008‘). If this is so, a fraction of the gas may have

I
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small enough angular momentum to orbit within the innermost non self-gravitating disc

region, avoiding the “star formation catastrophe” entirely dKing and Pringle, 2007; Nayak-

shin and King, 2007; ‘Hobbs et al., ‘2011). In particular, in some of the cases simulated by

Hobbs and Nayakshin (2009), the mass of the gas captured inside their inner boundary (a
non self-gravitating part of the disc) was comparable with the mass required to fuel the

Fermi-LAT lobes as found in the simulations in this Chapter.

2.6.9 Uncertainties and deficiencies of this work

As discussed in Section[2.6.4, I model the ambient gas “halo” with a single phase medium,
whereas the ISM is expected to be multi-phase (McKee, ) The lower density medium,
essentially unresolved in the simulations, is probably quite important for the dynamics of
the fast outflow from Sgr A* interacting with the gas in the bulge of the Galaxy (see also
Section [2.6.2)). Therefore some of the conclusions (e.g., the likely quasar phase duration
tq, the geometrical thickness of the shocked shell, etc.) may somewhat depend on the
treatment of the ambient medium, and future work is needed to quantify this issue.
Also, a more realistic model for the geometrical arrangement of the diffuse “halo” gas
that the outflow interacts with is desirable as this probably affects the eventual shape of
the bubbles. In the simulations, I consider a spherical halo mass distribution, whereas
in reality, I expect stratification on a large scale, with higher gas density in the Galactic
plane than perpendicular to it, and higher density in the bulge than outside. One can
make a very simple estimate of the magnitude of this effect by considering the dependence
of outflow stalling radius on the gas fraction, which I take here to be the mean gas fraction
2.
As the bubble expands in an approximately self-similar fashion (see Section [2.5.1) after
the quasar switches off, I estimate that in any given direction Rp,p o f2/ 3

g.eff.”
factor of three difference in gas fraction results in approximately a factor of two difference

along a direction of expansion. The analysis in Section shows that Rggan oc v2 oc
Therefore a

in bubble radius. I hope that future observations of diffuse gas in the bulge of the Milky
Way will provide constraints on this part of the model.

The results presented in this Chapter are, as expected, sensitive to the total mass of
the CMZ, producing bubble morphology inconsistent with observations if it is reduced
to 10”7 Mg, or less. This low value of the CMZ mass is, however, unrealistically small,
,11998;
2000). A potentially important caveat is that I model the CMZ as a

smaller than the current observational constraints of 3 —5 x 107 Mg, dDahmen et al.

Pierce-Price et al.

)

smooth disc, rather than as a clumpy distribution of gas dMolinari et al. ‘2011; Morris

and Serabyn, 1996). In principle, a real outflow may stream past the clumps and so the
collimation effect of the CMZ would be smaller than what I find. However, observations
also show that the column density of gas toward the Galactic centre does not vary strongly
2008

9

with viewing direction dGoto et al. ), so the CMZ should provide a strong covering

69



Fermi Bubbles: Sgr A* AGN feedback? 2.7. Conclusions

effect to any outflow coming from Sgr A*. In addition, I find that the CMZ aspect ratio has
a negligible effect on the bubble properties, i.e. there is a range of CMZ column densities
for which the outflow is collimated efficiently. Therefore, I believe that the uncertainty in

the results due to the shape of the CMZ is relatively small.

2.7 Conclusions

I have presented the model, analytical calculations and numerical simulations of a wide an-
gle outflow from Sgr A*, temporally coincident with the star formation event ~ 6 Myr ago,
and collimated into directions perpendicular to the plane of the Galaxy by the presence

of a massive disc of gas, the Central Molecular Zone. The main results are:

e This model is a plausible way to inflate the y-ray emitting lobes recently observed
by the Fermi-LAT, provided that Sgr A*’s outburst duration is < 1 Myr.

e The energetics of the model is consistent with the observed -ray emission if radiating

particles are electrons rather than hadrons.

e Sgr A* feedback could have reshaped the CMZ from a disc-like configuration into a
ring-like one reminiscent of the observed structure (Molinari et al., 2011). I speculate

that somewhat asymmetric feedback could produce an observed offset of the ring and

eccentric orbits for young star clusters such as the Arches star cluster.

e Furthermore, CMZ compression by the feedback outflow may explain the formation
of dense GMCs, the young star clusters, the population of isolated massive stars,

and also result in the present-day high star formation rate in the Galactic Centre.

An important side result of this investigation is that the same feedback model appears
to work for quasars as their SMBHs establish the M —o relation and clear the host galaxies
2003, 12005;
activity in Sgr A*, a SMBH that is somewhat below the M —o relation in a quiescent galaxy.

of gas (e.g. KineJ, Nayakshin and Power, ‘2010), as well as for a short burst of

This finding suggests that there is nothing fundamentally different between feedback from
SMBHs at gas-rich epochs (z 2 2) and that from local galactic nuclei, except for the lower
amount of fuel they receive.

More detailed future treatment of the feedback process, with improvements in both the
physics of the simulations and more realistic observationally constrained initial conditions,

may provide interesting and unique constraints on cosmological models of AGN feedback.
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asteroids

“For a moment it glimmered, faint as a rising
star struggling in heavy earthward mists, and
then as its power waxed, and hope grew in
Frodo’s mind, it began to burn, and kindled to
a silver flame, a minute heart of dazzling light,
as though Earendil had himself come down
from the high sunset paths with the last
Silmaril upon his brow. The darkness receded
from it until it seemed to shine in the centre of
a globe of airy crystal, and the hand that held
it sparkled with white fire.”

J. R. R. Tolkien, “The Lord of the Rings”,
Book 1V, Chapter 9

'Published as Zubovas, Nayakshin & Markoff, 2012, MNRAS, 421, 1315
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3.1 Introduction

Most of the nearby SMBHs are rather dim (e.g. E, %), suggesting that little gas is
supplied to them at the current epoch. However, rare and temporary exceptions from this
“gas drought” are expected to occur when a star passing too close to a SMBH is shredded
into streams by the tidal forces of the SMBH (Rees, ESQ)

self-intersect on the return passage past the black hole, resulting in very strong shocks.

. The bound streams precess and

The result of these shocks should be a small-scale accretion disc around the SMBH, and
thus power a spectacularly bright L ~ 10* — 10% erg s=! flare, lasting a few months
(Lodato et al., 2009). Such candidate events have indeed been observed in nearby galaxies
Esquej et al., %)

), and there are some recent observations of «-ray sources that are

best explained by jets resulting from stellar tidal disruption events dBloom et al.
2011).

Tidal disruption events are unlikely to be observed from Sgr A* any time soon because
2005).

However, the centre of our Galaxy does produce enigmatic flares on a roughly daily basis.

2011;

)

Campana et al.|

they are expected to be quite rare, i.e. Nyg ~ 1077 yr~! per galaxy dAlexandeJ,

Although miniscule in amplitude (Lg ~ 103 — 103% erg s™!) when compared with stellar
disruptions, Sgr A* flares are still 10—100 times brighter than its quiescent state. The flares
are also shorter than stellar dial disruption events, lasting hours rather than months. Here
I explore a scenario for the origin of these flares based on a hypothesis that they are the
result of tidal disruption of asteroids rather than stars. The fact that there are many more
asteroids than stars and that the asteroids are much smaller than stars would naturally
explain why Sgr A* flares are much more frequent but much less luminous and shorter
than the stellar tidal disruption events.

In this Chapter, I test the asteroid disruption hypothesis for Sgr A* flares. In doing so, I
adopt an approach complementary to most of the existing popular models of Sgr A* flares.
As reviewed in Section (3.2 below, these usually predict spectra given specific assumptions
about emitting particle distributions; it is not always specified how these distributions
are energised. In the context of the present model, instead, there is far too much physical
uncertainty in predicting the particle distributions at this stage, but I am able to constrain
the energetics, the duration and the frequency distribution of the tidal disruption events
starting from reasonable assumptions about the populations of asteroids in the central
parsec of Sgr A*. The model presents a mechanism for producing the transient hot particle
populations responsible for the observed flares.

The Chapter is structured as follows. In Section[3.2 I overview the astrophysical setting
of the problem, and the observational characteristics of the flares. In Section[3.3, I estimate
the minimum size of the asteroid (~ 10 km) needed to power the observed flares. I then
consider what happens to asteroids of different sizes as they pass by Sgr A* on orbits of

a given pericentre distance. I show that large asteroids approaching Sgr A* within R < 1
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AU are broken into smaller pieces (at most ~ 1 km in size). I also point out that asteroids
evaporate as they pass through the gas of the tenuous quasi-spherical accretion flow that
1995;
%) at very high velocities. The combination of tidal “grinding” of large asteroids into

smaller fragments and evaporation of the latter may destroy the asteroids efficiently and

is believed to power the quiescent Sgr A* emission ANaraVan et al. Yuan et al.,

turn their bulk energy into heat in the shocks between the evaporated material and the
background accretion flow.

In Section [3.4 I calculate the rate at which asteroids are supplied into the vicinity of
the SMBH and find values roughly consistent with the frequency of observed flares. In
Section [3.5/1 note that planets, too, could be tidally disrupted by Sgr A*, although clearly
far less frequently than asteroids. I consider whether one such disruption could account for
the suspected Sgr A* brightening to ~ 103? erg s~! approximately 100 yr ago, evidenced
by the well-known X-ray echo on Sgr B2 molecular cloud (Sunyaev and Churazov, 1998;
2004) that is now fading dTerrier et al., 2010). Finally, in Section [3.6,

I suggest how the evaporating asteroids could produce the high energy particles needed

Revnivtsev et al.,

by the current models of flare emission from Sgr A*. I present a summary, discussion and
conclusions of the model in Section

3.2 Sgr A* and its flares

Sgr A* is the supermassive black hole (SMBH) in the nucleus of our Galaxy, with mass
Mpp ~ 4 x 10% Mg, dSchédel et al., 2002; Ghez et al.,
galactic nuclei (AGN) Sgr A* is famously dim in all frequencies. Its bolometric luminosity
is only Lpol =~ 100Ls ~ 107%Lgqq (e.g., Melia and Falcké, 2001‘). In X-rays Sgr A*’s
—11

Lidd, where Lpgq ~ a few x10%* erg s=!
2003), and in the near infrared L ~ 103° erg s~

2005). By comparison with active

is its
1

quiescent luminosity is less than ~ 10
Eddington luminosity (Baganoff et al.,
dGenzel et al.,
literature via models of radiatively inefficient inflow and/or outflow dNarayan et al.
‘Falcke and Markoﬁi 2000 2002

The quiescent emission from Sgr A* is punctuated several times a day by short flares
2003a; Ghez et al. 2004J; 2008). Ap-
proximately once per day, these flares are accompanied by corresponding rises in the X-ray
emission @anoﬁ et al., 2001; Eckart et al. 20063J; 200%;
‘2008; 2003, 2008). When both NIR and X-ray flares occur, they are al-
most certainly causally connected and show no appreciable time lag between their peaks,
2007;
2006b). Sub-mm flares have been observed ap-
2005;

20033J). This extraordinarily low luminosity has been explained in the
1995;

)

Narayan, ; Yuan et al., 2003, and references therein).

I

in the near infrared dGenzel et al., Marrone et al.,

i

Hornstein et al., Marrone et al.,

)

Porquet et al.

)

although IR lightcurves have shallower rising and decaying slopes (Hornstein et al.
‘Yusef—Zadeh et al., 2006a; Eckart et al.

proximately 1 hour later following some of the IR/X-ray flares dMauerhan et al.

)

)

)
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Kunneriath et al.

2004l;
has not been firmly established.

Herrnstein et al. 2010), although the connection between the two

) 9

Typically, flares last for approximately an hour to a few hours (t < 10* s) and have
luminosities a factor 3-100 above the quiescent emission level in both X-rays and near
infrared (Lx ~ Lnir ~ 10%* — 103% erg s71; 2001 2003a).
There may also be more frequent weaker flares that get blended in the quiescent emission
of Sgr A* dDodds—Eden et al.,|2011). The brightest flare observed so far reached L yax ~
1036 erg s~! in both the NIR and the X-rays (Porquet et al., 2003 2008‘). The observed
NIR flare luminosity distribution (Section 3.4.4) seems to follow a LN}, o< L% law, with
-15as0 dDoddS—Eden et al., ‘2011), where N1, AL is defined as the number of flares

with maximum luminosity during the flare between L and L + AL. The rise and fall

Baganoff et al., ; Genzel et al.,

9

times, as well as short timescale variability, suggest that the flaring region is very compact
and located within R ~ 10Rg of Sgr A*, where Ry = 2G Mgy /c® ~ 1.2 x 10'% cm is the
Schwarzschild radius of Sgr A* dBaganoff et al., 12001; 2003; |Shen et al.,
‘2005; Eckart et al., 2006b). Besides the time variability constraints, the location of the
emission region is constrained directly by the NIR observations to be within a few milli-
’%sejonds of Sgr A* (which is equivalent to tens of AU or a few hundred Rg Genzel et al.,
2003a).

There is currently no universally accepted model for the origin of the Sgr A* flares.

Porquet et al.

I

Even the emission mechanism is not completely settled. The suggested models are syn-
chrotron emission by either a thermal or a power-law distribution of electrons for the NIR
flares plus inverse Compton or self-Compton emission in the X-rays, or power-law syn-
Markoff et al., 2001; Dodds-Eden et al.,
@) In terms of associated physical mechanisms responsible for flares, magnetic recon-
2003; Dodds-Eden et al. 201d), turbulent shocks (Liu et al.,
\M) and jet acceleration (Markoff et al., 2001; 2002; Maitra et al., 2009)
have been proposed. Short-timescale magnetic reconnection event models seem to be more
2001; Dodds-Eden et al.,

chrotron emission for all the components (e.g.,

)

nection events dYuan et al.,

)

Yuan et al.| ; ,

romising than transient density variation models dMarkoff et al.,
200)
Another class of flare models envisages a transient feature in the accretion flow around
Tagger and MeliaJ, 2006) or
2005). Finally, a number of authors have

Sgr A*. Such a feature may be an accretion instability (e.g.,

an orbiting hot spot (e.g., Broderick and Loeb,

proposed an expanding plasma blob as the source of the flares (van der Laan, 1966; Yusef-
Zadeh et al., 2006b; Eckart et al., 2006a; Trap et al., 2011; Kusunose and Takahara, 2011).

A blob of relativistic plasma, threaded by a magnetic field, is assumed to be suddenly

created in the accretion flow around Sgr A*; it then moves outwards while simultaneously
expanding at a prescribed velocity. This leads to an evolution of the optical depth of the

plasma, which in turn causes different parts of the emission spectrum to appear different
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during the flare, leading to time lags between emission maxima and characteristic light
curves for the various spectral bands. The orbiting hot spot model is similar to this, except
that in the latter, the plasma blob is assumed to circle around Sgr A* for at least several
dynamical times.

Nayakshin et al. M) suggested that stars orbiting Sgr A* strike an optically thick

disc, and that the resulting shocks produce the observed X-ray flares. This model is now

firmly disfavoured by the constraints on the NIR flaring region size of < 10 AU, as it
would require unphysically large stellar densities in the innermost region. Furthermore,
no stellar eclipses or transient brightenings, which would be two observable signatures of
2003

the optically thick disc presence near Sgr A* (Nayakshin and Sunyaev, Cuadra et al.,
2003), were found either.

While stars cannot produce enough flares in the small region near Sgr A*, one may

9

legitimately wonder if disruption of asteroids instead of stars could work, as there are far
more asteroids than stars. I shall now turn to putting physical constraints on this idea
and argue that such a model may serve as a physical basis for the ‘expanding transient
plasma blob’ model (see above). I note that a tidal disruption model has been investigated
previously by‘(vjadez et al.‘ 42008) and ‘Kostié et al.‘ 42009). While it is superficially similar

to the one presented in this Chapter, these authors only considered the tidal disruption of

asteroids, without investigating the interaction of the remnants with the gaseous accretion
flow around Sgr A*, which forms a significant part of the present investigation (see Section
3.3 below).

3.3 Asteroid destruction near Sgr A*

3.3.1 The minimum asteroid size

I shall now estimate the minimum size of an asteroid necessary to produce an observable

flare. For the low end of observed flare luminosities, the flare luminosity Ly ~ 103 erg s=!

in both X-rays and NIR, and the typical duration is ~ 10* s. The resulting total luminous

0%% erg in each of these bands. This is the minimum energy that

energy release is Ff ~ 1
the asteroid should produce upon interacting with the background gas flow around Sgr A*.

Assuming that the energy is released by an asteroid of mass M, = 47 /3p,r3, where r is
3

the asteroid’s mean radius and p, ~ 1 g cm™* is its material density (see, e.g., Table 1 in
Britt et al.,

the order of the bulk energy of the asteroid. Given that tidal disruption occurs inside an

2002), it seems reasonable to assume that the energy released in the flare is of

AU of Sgr A* or so (see below), the bulk energy is a significant fraction of the asteroid’s

rest mass energy. Thus, my estimate of energy release is

4
Fr = EM,c? = %gpar?’c2 ~ 4 x 10373 erg, (3.1)
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where £ = 0.1&; is the dimensionless fraction of the asteroid’s rest mass energy released in
the flare and r; = r/(10km). It is evident that an asteroid with r 2 6 km releases enough
energy to power an observable flare, if the whole energy is released in either IR or X-rays.
For the rest of the paper, I use a more conservative value » 2 10 km and parametrise an
asteroid’s radius as » = 10 r1 km.

The brightest observed Sgr A* flare requires about a factor of 100 more energy, which,
using this rough estimate, would require an asteroid of r ~ 30 km, with a more conservative
estimate of r ~ 45 km. Asteroids of these sizes are “typical” in the Asteroid belt of the
Solar System dBottke et al.,
well (Wyatt, ‘2008).

2005) and believed to lurk in the extra solar debris discs as

3.3.2 Tidal disruption of an asteroid

I shall consider large asteroids to have a “rubble-pile” structure, i.e., be a collection of
smaller rocks held together by gravity rather than by material strength. This point of view
is physically motivated by the fact that large monolithic bodies are expected to collide at

high speeds with abundant smaller bodies. Such collisions do not completely obliterate

the large bodies but do erode them even in our Solar System AChaDman ‘1978" Richardson
1998

sions occur at even higher speeds (Section [3.4.3), and therefore the rubble-pile structure

et al., Korycansky and Asphaug,

; 2006). In the environment I am considering, colli-
is even more relevant.

There are both similarities and differences in the way that asteroids and stars are
tidally disrupted near a SMBH. Since the mean density of asteroids, p,, is of the same
order as that of main-sequence solar type stars, the tidal disruption radius is very similar
for asteroids and stars. An asteroid is tidally disrupted in the vicinity of the SMBH

provided that
< 3Mpy

e
where R is the distance to the SMBH. For p, = 1 g cm ™3, the tidal disruption radius is

(3.2)

Riq ~ 1.5 x 10" cm ~ 1 AU. (3.3)

Unlike a star, a tidally disrupted asteroid breaks up into smaller fragments that are
bound by chemical forces rather than gravity. The fragments of the comet Shoemaker-Levy
9 tidally disrupted as it passed by Jupiter are estimated to be around ~ 1 km in size (see
,M) Through analytical arguments
Benz and Asphaué 41999) suggest that objects larger than

about ~ 1 km in diameter must be composed of smaller pieces held together by gravity. I

the discussion and references in‘ASDhauE and Benz

and numerical simulations,

shall thus consider the maximum size of the fragments to be around 1 km, and probably

less than 100 m due to the more extreme environment I study.
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One further difference between stellar tidal disruptions and that of asteroids is in the
orbits of the disrupted material. @ @) shows that roughly half of the star’s material
falls onto orbits bound to the black hole, whereas the other half is ejected into the larger
scales (outside ~ 1 pc) of the host galaxy. The semimajor axes of the orbits of disrupted
streams of gas can be found from the specific energy of the relevant streams. Before the
disruption, the orbit is assumed to be parabolic, thus the specific energy is nearly zero.
After the disruption at pericentre distance R, the range of specific energies of the material

is +Fstream, the maximum (or minimum) energy of a disrupted remnant:

OF B G Mppr

Es ream =~ 5T = T p2 3.4
' oR" RZ, (34

where R is the distance to the black hole, r is the radius of the disrupted object and I
assume that r < Riq. The energy can be expressed in terms of the orbital velocity of the

object, v, (see eq. [3.11) and the escape velocity from the object,

2 GMa - Gl\/Ith‘2

esc — r R,E,d ? (35)

v

where I used the tidal disruption condition Mth;f’ ~ M,r~3 (ignoring factors of order
unity). Putting the two expressions of velocity into equation [3.4] I find that the energy
spread is

Estream =~ VaVesc- (36)
The semimajor axis of the most bound material is thus

Va,

G Mpy “R

20VaVesc Vesc

Rowp ~ (3.7)
For a Solar-type star, |vesc| ~ a few x107 ¢cm s™!, and hence the semimajor axis of the
most bound orbit is a few hundred times the pericentre passage distance. This implies
that the material will fall back to the SMBH vicinity on a timescale of between a month
and a year, depending on the SMBH mass. This leads to a bright stellar disruption flare
2009).

However, for an asteroid, vesc ~ 5 x 10 71 ¢cm s71, i.e., much smaller than for a star.

(for recent numerical simulations of the process see Lodato et al.,

Therefore, if an asteroid tidal disruption proceeded in exactly the same fashion as that of
a star, the change in the orbital energy of the different fragments of the asteroid would be
negligible. The disintegrated asteroid would thus continue to travel on an almost identical
orbit as the one it had before the disruption. The fragments would come back to the SMBH
after hundreds or thousands of years. As luminosity is energy released per unit time, the
luminosity output of such a disruption would be far too small to be relevant. Finally,

unlike the disrupted stellar gas streams, that are certain to intersect due to precession of
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the orbits 1Reegj, 1988), the returning asteroid fragments are very unlikely to collide with
one another. It seems extremely unlikely that any significant flare would be produced in

this “dry” disruption scenario.

3.3.3 Asteroid evaporation

The inner few AU of our Galactic centre, or any other galactic centre, are very likely to
be filled with a gaseous accretion flow on to the SMBH, however tenuous that flow might
be. The asteroid moves through this gas at an almost relativistic velocity. Aerodynamic
friction may cause significant heating of the asteroid, perhaps leading to its evaporation
before it leaves the central region. I shall term this background-gas-mediated disruption
“wet disruption” in contrast to the dry disruption discussed in Section [3.3.2]

The quiescent luminosity of Sgr A* and its linear polarisation measurements suggest
1 2000;

2006‘). If one assumes that the flow is spherically symmetric, and is

‘an accretion rate M > 1078 Mg yr~" in the system dAitken et al., Bower et al.,
2003;

in free-fall on to Sgr A*, the gas density can be estimated as

Marrone et al.,

M M
Pg =
® T ArR%vp  4n (GMpyR3)Y? (3.8)
—3/2

~ 3.4 x 107200 R ,y g cm ™3,

where Mg = M /1078 Mg yr~!. This is a lower limit since a geometrically thick disc is a
more plausible flow configuration due to a likely nonzero angular momentum. Disc flows
are centrifugally supported and hence the radial velocity is always slower than the free-fall
1973; 1994J). The results

Narayan and Yi,

velocity assumed above (Shakura and Sunyaev,

of ‘Yuan et al.‘ 42003) suggest a density profile

R\ 7° _
Pg = PO <RS> goem™?, (3.9)

with pg ~ 6.4 x 1077 g cm ™3, Rg ~ 1.2 x 10" cm the Schwarzschild radius and s ~ 1.23.
Numerically,
pe ~2.9x 1071 pig Ry g em™, (3.10)

where p1g is a factor, of order unity, encompassing the possible deviations from this model.
For definiteness, I use equation (3.10) in the calculations below.

An asteroid on a parabolic orbit close to the SMBH moves with velocity

2G M, -
Vy \/? ~ 9.4 x 109RA11J/2 cm s~ L. (3.11)

In the asteroid’s rest frame, the mechanical energy flux of the background accretion flow
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material striking the asteroid’s surface is
B, ~ pgud ~ 2.4 x 10%pg RZE/%S ergs ' cm™? . (3.12)

Assuming that a sizeable fraction of this energy flux is re-radiated as thermal blackbody

radiation, the effective temperature of the asteroid is

T, ~ ( 2, )1/4 ~ 14 x 0%l R K, (3.13)
0SB

where ogp is the Stefan-Boltzmann constant. The radiation itself is, however, too faint to

be detected (see Section [3.6.2).

Inside the central few AU, the effective temperature of the asteroid is larger than the
melting and evaporation temperature of iron (Trem =~ 1800 K, Tke =~ 3100 K) and the
sublimation temperature of carbon (T¢y ~ 3900 K; carbon does not have a liquid phase
at pressures below a few MPa). Therefore, the asteroid’s outer layers should indeed be
evaporating as it is passing through the inner regions of the accretion flow onto Sgr A*.

The radius at which temperature Tx is reached is, using Stefan-Boltzmann law,

- —8/(3+29)
X
Rx ~ (1/4> AU, (3.14)

1.4 x 10%p1%
where Tx is one of the sublimation temperatures of interest as above. For the three cases
of interest, and s = 1.23 I find

Rpemm ~ 21 AU, Rpey ~ 10 AU, R, ~ 7 AU. (3.15)

This shows that asteroids start melting and evaporating at R ~ 10 AU, i.e., well outside
the tidal disruption radius. Of the two materials, I expect carbon to be more abundant,
so its parameters are used in subsequent calculations.

To calculate the mass loss by the asteroid, I follow the classical meteor ablation con-
siderations dBronshtenH1983, see also Section 2.3.2 in ‘Alibert et al.H2005

), which give

7TT2(I)aCH

M, ~ —22=,
2QC,V

(3.16)

Here, M, is the mass loss rate due to vaporisation and Qcy ~ 3.0 x 10M erg g1 is

the energy per unit mass required to raise the asteroid temperature to the vaporisation
temperature and evaporate it (the latter process is energetically dominant). Cy < 1 is an
unknown dimensionless coefficient which specifies how much of the bulk mechanical energy

inflow into the asteroid goes into the mass loss as opposed to thermal re-radiation of that
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flux. In the high density environment of Earth and Jupiter atmospheres, C'y can be very
small because the optical depth of the evaporating material can be large and hence the
asteroids self-shield themselves efficiently (this is called “vapour shielding”). For example,
1995),

for asteroids of size 1 — 10 m in the Earth’s atmosphere, Cy ~ 1073 (Svetsov et al.,
but this value increases with altitude (i.e. with decreasing atmospheric density).
In the very low ambient gas density environment studied here, Cy is likely to be
close to unity because the optical depth of the evaporating material is too small for self-
shielding. Two effects are responsible for this. Firstly, the temperature of the evaporating
gas may increase to the order of that of the surrounding medium, which is 109 — 10! K,
at which point it would be completely ionised and only electron scattering opacity would
be important. Secondly, the column depth of the evaporating flow is not large. To see
this, assume that evaporated gas outflows at ve, ~ 10 km/s. Since MV = 47rr2pvvev, the

column depth of self-shielding material is

M,
Sy~ = — 3.17
v T AT Vey ( )
Using equation I find
Curd,, r 9
Yo~ — x0.30g— . 3.18
¥ 2QC,VUGV " 1km & ( )

With opacity coefficient not too different from electron scattering, the evaporated material
is obviously optically thin. I hence conclude that thermal ablation of asteroid fragments
should be very effective with Cy ~ 1 for fragment size r < 1 km.

The evaporation rate is

M, ~1.3x10%p5 Ry 12 Crgs. (3.19)

For convenience, I define the vaporisation timescale,

M,
ty = =% ~3.2x 10°5d RY2™ r Ol s. (3.20)

v

It is evident that the smaller the asteroid, the faster it vaporises. The material ablated
from the asteroid might assume a cometary shape, with a long gaseous tail behind the
solid head (see Section 3.6.2).

3.3.4 Total and partial asteroid disruptions

I shall now delineate the parameter space for the possible outcomes of an asteroid’s flyby

near a SMBH. An asteroid on a parabolic orbit around Sgr A* with pericentre distance
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R, spends a time

3
~ o ~ 3/2
thy >~ mtg =T m ~ 5600R | (3.21)

at radial distance comparable with ;. The ratio between the vaporisation timescale and
the flyby time is

ty _ _
— ~ 57p1g Riyrm Cx'. (3.22)
tay

This ratio is important in determining what exactly happens to an asteroid as it swings
by the SMBH.

3.3.4.1 Orbits outside 1 AU but inside ~ 10 AU

For asteroids on orbits with pericentre distances larger than Rig ~ 1 AU (equation [3.3)),
the asteroid is not tidally disrupted. If the orbit passes within Rx ~ 10 AU (eq. [3.14)),
the surface layers of the asteroid are vaporised at the rate given by equation 3.19. Only
a fraction ~ tgy/t, of the asteroid is ablated during the close passage. Therefore, large
asteroids passing Sgr A* further away than 1 AU remain relatively untouched and leave
the SMBH vicinity on their initial parabolic orbits.
The luminosity released by material lost by the asteroid in this regime can be estimated
as
Leout = EMy® =2 x 10% & pr1s Ryt/> ™ r? Cyerg st (3.23)

For an approach distance of 5 AU, this luminosity becomes observable (i.e. L¢ oyt >
103% erg s—1) only if the asteroid radius is » > 190 km. Such large asteroids are rare. Thus
asteroids passing Sgr A* at pericentre distances larger than ~ 1 AU are unlikely to result

in observable flares.

3.3.4.2 Total destruction of asteroids inside 1 AU

Inside the tidal disruption radius, the asteroid breaks into fragments with sizes smaller
than rgae ~ 1 km (cf. Section [3.3.2)). For these smaller asteroid fragments, vaporisation
is much more efficient. The incoming remnants heat up, melt and vaporise rapidly. This
leads to a decrease in the material tensile strength, allowing further fragmentation due
to tidal shear. As a result, most of the asteroid’s mass evaporates during the flyby (cf.

equation 3.22). I estimate the luminosity as

B EM,c?

=6 x 10* & RX%/Q 3 erg s7L. (3.24)
fly

f,in

At an approach of 1 AU, this luminosity becomes observable for asteroids of radius r 2 10

km.
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I can also estimate the maximum flare luminosity. If the asteroid mass is larger than
the total mass of the gas in the accretion flow inside 1 AU, then the efficiency of converting
the asteroid’s bulk motion into radiation must be reduced. Even if the massive asteroid is
vaporised completely, the mass of the quiescent accretion flow is simply not high enough
to stop the evaporated material bodily. The latter would continue on its outward course
from the inner 1 AU. A part of the disrupted material comes back to Sgr A* as in the
stellar disruption case but with a time delay much longer than the dynamical time in the
inner AU. The proper estimate for the luminosity is then much smaller than equation(3.24]
suggests.

This sets an upper limit to the mass of an asteroid that is wholly disrupted and stopped
in the inner AU:

Mamax < Mg (R < Ryg) ~ 6.7 x 10% p1g g (3.25)

for s = 1.23, yielding radius r ~ 250 km. The luminosity that an asteroid this massive

would produce if it evaporated is

My (R < Ryq) 2 _
Lf,max = 5 g( ta td) ¢ ~ 1039 51 P18 RA?J/Q €rg S_l. (3.26)
y
No flares of this magnitude have been detected so far, but this may be quite reasonable

as such large asteroids are expected to be rare.

3.3.5 Summary on asteroid disruption

From the arguments outlined above, it is clear that any large asteroids passing Sgr A*
within R ~ 1 AU could be tidally disrupted and efficiently vaporised. If their material
is mixed with the background accretion flow, the bulk kinetic energy of their orbital
motion around Sgr A* would be deposited into the accretion flow around the SMBH. If
the asteroid’s initial radius exceeds ~ 10 km, this energy deposition might be large enough
to produce an observable flare.

Asteroids passing at larger R, on the other hand, are not tidally disrupted. Their
vaporisation times are longer than the time they spend near the pericentres of their orbits.
Therefore, they lose just a small fraction of their mass. The amounts of mass and energy
deposited by such more distant flybys in the inner regions near Sgr A* are small, and thus

no bright flares from such passages could be produced.

3.4 Flare frequency and luminosity distribution

3.4.1 The “Super-Oort cloud” of asteroids
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Nayakshin et al. (‘M) have recently suggested that AGN may be surrounded by several-
pc scale clouds of asteroids and planets that have been formed in situ. In this model,
star formation episodes take place inside a massive self-gravitating AGN accretion disc
dPaczynski, 1978; Kolykhalov and Syunyaev‘, 1980; ‘Collin and Zath, 1999

2003; Paumard et al., 2006; Nayakshin et al., 2007) during gas-rich phases when the
super-massive black hole grows rapidly. The AGN disc orientation performs a random

Goodman,

Y

?

walk due to chaotic mass deposition events of individual large gas clouds (as argued by
2006; Nayakshin and King, 2007; Hobbs et al. 2011‘). As a result, a

kinematically and geometrically thick cloud of stars surrounds the SMBH over time. The

‘King and Pringle, ; ,
asteroids form on timescales of a few Myr, much shorter than the lifetimes of all but
the most massive stars, and are then stripped from their parent stars by close passages
of perturbers, such as other stars or stellar remnants, or by tidal forces of the SMBH.
This creates a geometrically thick torus of asteroids and planets which may be called a
“Super-Oort cloud” of SMBH by analogy with the Oort cloud of the Solar System.

I emphasise that the above scenario is highly uncertain in terms of the exact mass
of the asteroids formed and their distributions around the parent stars. As discussed by
‘Navakshin et al. A20l2b

stars in the “normal” Galactic environment is still debated. Nevertheless,

), the origin of solid bodies and even planets themselves around

Nayakshin et al.‘
(’M) argued that there exist 3 different scenarios (see their sections 2.1.1 to 2.1.3) where
a population of large solid bodies can be born in the central parsec around a SMBH. One
important point to note is that while the stellar densities in the central parsec are much
higher than in the Solar neighbourhood, implying mean stellar separations of order ~ 1000
AU, the asteroid birth region in all the current theories of planet formation is inside (or
even well inside) ~ 100 AU, so tidal forces from either Sgr A* or stellar neighbours should
not prevent the formation of solid bodies.

Faced with these significant uncertainties, I shall make the simplest assumption that
the population of asteroids born around a host star is initially not too dissimilar from
that found in debris discs of nearby stars and the Solar System. Physically, asteroids
are remnants of protoplanetary discs and the planet formation process in stellar systems.
While the planet formation process is itself not yet understood, one may use observational
constraints on the properties of debris discs around nearby stars. Let n(r) be the differen-
tial distribution function of asteroids, so that the number of asteroids with radii between

rand r + dr is

n (r)dr = ng <r>qdr, (3.27)

To
where the slope g can be reasonably expected to vary between —3 and —4, but is probably

close to the value —3.5 expected if the asteroid population is the high-mass tail of a
collisionally evolved debris disc , 2008). I now calibrate ny by requiring that the
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total mass of asteroids per star is M, .

Tmax A7 pa ng
M,y = M, dr ~ —— "% _patd 2
a,t. a(r)n(r) r 3 (q + 4) Tmax rg ’

Tmin

(3.28)

where I have assumed that ¢ > —4, and therefore the upper limit of the distribution is
more important than the lower. I now find the total number of asteroids with radius

r > rx per star:

fa(r>rx) = / n(r)dr = ————r§ =
X o ~a -1 (3.29)
_3Muy q+4 1% '

Ampa —q —1 T%l—;i

The mass in asteroids (i.e. solid bodies) per star, M, , is not easily constrained at
present. First of all, the absolute upper limit for this quantity is the total metal (dust)
content of a protostellar disc, which is of the order of 1072 Mg, (assuming Solar metallicity
and the disc mass of ~ 0.1 Mg see also a compilation of dust mass observations in Figure
3 of , @7 but note that in the GC region, this upper limit may be slightly lower).
The minimum mass of the asteroid population, on the other hand, is the mass of dust in
debris disc systems. The dust particles in these aged populations are rapidly blown away
by the radiation of the parent stars, and must be replenished by a credible source. The
collisional cascade that grinds asteroids into the microscopic dust is believed to be such a
source. Figure 3 of’W—yagta M) shows that the dust mass for observed debris discs is of
the order ~ 1078 — 10~7 M. The minimum mass of the asteroids in these discs should
be at least several orders of magnitude higher.

Given this, I take the total mass of the asteroids per star as a free parameter of
the model, setting M, = 107° mz My, where mys is a dimensionless parameter which is
hopefully not too different from unity. Setting .« = 500 km and ¢ = —3.5 for illustrative
purposes, I find

X q+1
fa(r >rx) =10° ms (500km) =2 %107 mg rit1. (3.30)
Thus there are approximately 2x 107 asteroids that form per star that may cause observable
flares. Assuming the mean stellar mass inside the sphere of influence of Sgr A* is ~ 1 Mg,
(this is reasonable since the population of old stars in the Galactic centre has a standard
2010‘) gives N, = 4 x 109 stars and a grand total of N, ~

8 x 10" mys asteroids large enough to cause observable flares with the default parameter

mass function Bartko et al.,

values chosen above.
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3.4.2 Event rates
3.4.2.1 A quick estimate

Before proceeding to more detailed calculations, I shall simply assume that the spatial
and velocity distribution of asteroids is exactly the same as that of parent stars. As the
mean density of a main sequence solar mass star is similar to that of an asteroid, the tidal
disruption radius for both is about the same. Given that the expected rate of stellar tidal
disruptions in the Galactic Centre is N, ~ 1079 yr~!, the rate for disruption of asteroids

is N, times the number of asteroids (r > 10 km) per star:

dN

. _ N*TI”L5
— ~ Nyfa~06d LN Rt 31
dt fa 6 day (10_5 yr_1> (3:31)

One can see that the condition ms 2 1 must be satisfied to account for the observed flare
rates.

An additional “sanity check” can be done as well. If the currently observed flaring rate
is representative of a long-term quasi-static process, then during the lifetime of the Galaxy,

0'0 yr, one might expect Nyt ~ 3 x 10'? flares to have occurred. This number

tGal ~ 1
is smaller than the total number of asteroids r > 10 km as estimated above, N, ~ 104,

within the sphere of influence of Sgr A*.

3.4.2.2 A filled loss cone estimate

In order to make more detailed estimates of the asteroid disruption rates, I need to cal-
culate the evolution of the angular momentum distribution of the asteroid population. In
accordance with my simple model, given that there are f, “interestingly” large asteroids

per star, the number density of asteroids inside Sgr A* sphere of influence is

Nast = n*faa (3'32)

where n, is the number density of stars in the same region.
If the loss cone of the asteroid distribution in angular momentum and energy space
is kept full by some process, then the limiting rate of events is given by the estimate of

spherical collisionless accretion. Following the derivation in Chapter 14.2 of Shapiro and

Teukolsky (1983, equation 14.2.19), the number accretion rate on to a sphere of radius
Rt =1 AU is
d7N - 277G MpuRinast
at o ’

(3.33)

where o ~ 107 cm s~ is the velocity dispersion in the Galactic bulge. Using this value of &
gives a minimum accretion rate for the above assumptions; indeed, asteroids with a greater

velocity dispersion would escape the sphere of influence and hence do not contribute to the
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rate, and asteroids with lower velocity would give a higher accretion rate. Numerically,
3N _44 13
Nast mfa ~ 7.6 %107 mzr{™ cm™7, (3.34)

where Ry ~ 2 pc is the radius of influence of Sgr A*. The number accretion rate of

asteroids on to Sgr A* is then

dN(r > rx) -4 +1 -1
ST 2 Tx) 3.8 % 107 Ray ms 97 s
dt v (3.35)

=33 Ray ms rI™ day L.

This is a large rate which is certainly an overestimate since it assumes a filled loss cone

and no losses from the original asteroid population. I now address these two points.

3.4.2.3 A depleted loss cone rate

If the loss cone is almost empty, then the accretion rate is set by its refilling timescale.
Alexander 420057 eq. 6.11) and references

The classical loss cone refilling arguments, e.g.,

therein, give
dN 2 fa N,

-~ ~5x1072f, 57! 3.36
d " TRy Rty 010 s (3:36)

where t.(Ry,) ~ 4 x 10Y yr is the relaxation time at R},. Substituting for f, from eq. (3.30)

gives

N x
w ~ 9.5 x 10~ °ms r'f“ s

dt (3.37)

~ 8 ms T%H day ™.

This is somewhat smaller than the estimate in equation [3.35!

3.4.3 Secular evolution of asteroid population

In the above treatment, I only considered gravitational perturbations of asteroid orbits by
stars that lead to eventual accretion by Sgr A*. In reality, two other processes are poten-
tially important. First of all, while the asteroids themselves are too small to perturb each
other’s orbits gravitationally in the central parsec of the Galaxy, they may collide bodily
with each other. Some of these collisions may be catastrophic (i.e., they break the asteroid
into two or more pieces). Since I am interested in large bodies for which fragmentation
conditions depend on self-gravity rather than tensile strength (Wyatt, M), the size of

an impactor that can just shatter an asteroid of radius 7 is derived from

M, (1) viz B GM?2 (r)
2 - r ’

(3.38)
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[1532]
1

where the subscript stands for “impactor”. Expressing mass in terms of asteroid radius

gives an expression

5/3 ,=2/3

ri ~ 1.9 x 10° 77" vy ° cm, (3.39)

where the impactor velocity is parametrised in units of 100 km/s. Now I consider a
large asteroid moving with velocity v; through a stationary cloud of other asteroids. By
definition, it sees on average 1 impactor large enough to shatter it in a cylinder of area
7r? and length witeon, where teop is the collision timescale. Since the number density of
impactors can be expressed using eq. (3.32), I find

—1
teoll = [fa(> ri)namr?o] T =

13/6 —8/3

o 1 (3.40)
=21x10"mgz " r;™"" vy59 YT

This timescale is longer than the Hubble time for r > 24 km. Therefore it is clear that
while some of the smaller asteroids may be destroyed, the largest ones, which also contain
the majority of the total mass, are not. Furthermore, the estimate assumes a steady-state
collisional fragmentation cascade of the form (3.27), which may actually turn over at small
r if the smaller bodies are removed from the cascade rapidly.

A second potentially important process is mass segregation, which causes heavier ob-
jects to sink in closer to the centre of the potential well while lighter ones move out and
may be expelled from a galactic nucleus dBahcall and Wolf, [1976; Alexandetl, 2005‘). For
the problem at hand, the process is driven by dynamical friction 1Chandrasekhaﬂ, M)
between stars (the dominant heavy objects in the nuclear star cluster) and asteroids. As

the latter gain energy, one expects a reduction in the population of asteroids over time.
This should reduce the flare frequency.

The relevant question here is that of the timescales on which the asteroids are expelled
by mass segregation. An order of magnitude estimate utilising the Chandrasekhar formula
and stellar densities consistent with the observed stellar mass distribution in the central
pc (e.g.,
about ~ 107 years. A better estimate is possible based on calculations of dynamical mass

Paumard et all, ‘2006) shows that asteroids at R ~ 1 pc gain enough energy in

segregation in the Sgr A* cluster (e.g., Freitag et al. 2006‘). To rescale these calculations

?
to the case of interest, I note that the timescale to expel a light population of average
particle mass M; by particles of mass My > M scales as o< (MaoMs tot) L, where Mo ¢t
2006‘). Now,

I note that main-sequence stars only begin to be expelled outward by the cusp of stellar

is the total mass of the population of particles My (cf. eq. 8 in‘FreitaE et al.,

mass black holes at t = 3.5 x 10? years as seen best in the middle panel of Fig. 11 of

Freitag et al.‘ 42006). Since the latter are a factor of ~ 20 times more massive than main

sequence stars but are less frequent, the product MMy 1ot is actually almost the same

for the main sequence star cluster as for the stellar mass black hole cluster. Therefore I
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estimate that the dynamical mass segregation time scale for asteroids is not much shorter
than ~ 3 x 10? years.

This is somewhat shorter than the presumed age of the stellar cluster of ~ 100 years.
In principle, therefore, mass segregation may reduce the flare frequency estimate by a
factor of a few. However, there are also source terms in the “freely floating” asteroid
population of the central parsec that I have not considered here. For example, the asteroids
are released from the parent stars over time rather than only at birth of the stars. Also,

);

star formation in the central parsec may be continuing to the present day. Finally, in

as the latest star formation episode ~ 6 million years ago shows dPaumard et al.,

this Chapter I did not take into account asteroids that can be “shaved off” — removed by
tidal forces of Sgr A* — from main sequence stars that pass through the inner region for
the first time from the further regions of the Galaxy. Depending on the orbit of the star
with respect to Sgr A* and the precise orbit of the asteroid around the parent star, there

may be several outcomes of its removal from the parent’s gravitational potential well. In

analogy to disrupted stellar binaries and hypervelocity stars dBrown et al., 2005), it is

clear that some of these asteroids become “hypervelocity asteroids” perhaps even escaping
the Galaxy, whereas others are bound to the central parsec (e.g., i @

Therefore, while dynamical friction is important in removing asteroids from the cen-
tral parsec on long time scales, I feel that its importance is rather limited compared to
other uncertainties of the problem encapsulated in the parameter ms and the asteroid size

distribution.

3.4.4 Flare luminosity distribution

The asteroid number density (eq. [3.30) may be used to calculate the number of asteroids

per star that have mass greater than Mx:

My )(q+1)/3

_ 9
fa(Ma>MX)—6X1O ms <4><1015g

(3.41)

The observed distribution of flare luminosities follows a LNy, o< L% law, with —1 <
a0 dDoddS— 3.2). Using this, the frequency of flares
with luminosity Ly > Lx is

o0
N(L¢ > Lx) = NydL o< LNy, oc L. (3.42)
Lx
Since the luminosity of a flare from an asteroid of mass Mx is proportional to Mx in the
present model, I can convert the asteroid mass distribution into flare luminosity distribu-
tion:

N(L¢ > Lx) o< LY/, (3.43)
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where the value of the exponent varies between —2/3 (for ¢ = —3) and —1 (for ¢ = —4).
2010).

This is within the observationally constrained range of « dDodds—Eden et al.,

1

Flares with luminosity L¢x = 103 L3y erg s~! correspond to

re 10673 RYZ LYK, (3.44)

Using eq. , I normalise the flare luminosity distribution, and obtain, for ¢ = —3.5
as the likely value,

N ~8ms Ly, %day". (3.45)

The brightest flare seen so far has Lx max ~ 1036 erg s1

, requiring r = 45 km, which
corresponds to N ~ 0.2 day~!. The total duration of Chandra observations of Sgr A* is
tobs ~ 1.4 Msec, so one would expect it to have seen N < 3.5 flares of this magnitude
or brighter, which is not too far off from the one flare actually observed (the Poisson

probability of observing 1 flare in a distribution with mean of 3.5 is ~ 10%).

3.5 Planet disruptions

Although much less frequent, planet disruptions may also occur near Sgr A*. Their fre-
quency is probably comparable to that of stellar disruptions, i.e., one per ~ 10° yr (Alexan-
2005
passing within 1 AU of Sgr A*. Its disruption is quite analogous to that of a star. The

der, ), if one assumes one planet per star on average. Consider now a gas giant planet

most bound disrupted material is on an orbit with a semimajor axis (cf. eq. 3.7)

Va

ap ~ R ~ 2% 10% AU ~ 0.01 pc, (3.46)

Vesc,p
where vegc,p is the escape velocity from the planet’s surface (~ 60 km/s for a Jupiter mass

body). The bound debris returns back to the vicinity of Sgr A* after a time

3

% 304 (3.47)
G Mgn

Py ~ 27

The maximum fallback rate is thus Mpaa ~ 1073 Mg/(30yr) = 3 x 1075 Mg yr— L.
This rate is significantly larger than the estimated current quiescent accretion rate onto
Sgr A*, M ~ 10~8 M, yr—* dAitken et al., 2000; 2003; 2006).

Conceivably one could expect Sgr A* to brighten by multiple orders of magnitude for

Bower et al. Marrone et al.

I 9

approximately tens to a hundred years. The maximum bolometric luminosity is obtained

assuming the radiatively efficient conversion of accretion energy into radiation:

Liack < 0.1Mpaacc® ~ 2 x 10 ergs™! . (3.48)
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The order of magnitude of this luminosity and the flare duration (tens of years) are

consistent with the brightening inferred to have occurred some ~ 100 yr ago, when Sgr A*
1

was apparently as bright as 2 10%° erg s~ ! in X-rays (Revnivtsev et al., 2004: Terrier

et al., ‘2010‘). I therefore propose a hypothesis that tidal disruption of a rogue gas giant

planet could account for that activity episode.

3.6 Emission mechanisms

A detailed modelling of the emission from the vaporised material mixed with the back-
ground flow is beyond the scope of this Chapter due to many physical uncertainties (such
as the role of magnetic fields along the interface between the vaporised tail and the ambient
gas). However, it is possible to rule out several potential emission mechanisms and point
out the most promising scenario under which tidal disruption of asteroids could produce

spectra consistent with those observed.

3.6.1 Asteroid disruptions are not “accretion rate” flares

The simplest view of emission from asteroids is that they bring in an additional mass to
the inner accretion flow on to Sgr A*. The transient enhancement in the accretion rate on
to Sgr A* could then make it temporarily brighter. However, in Section I pointed
out that the mass of the background quiescent accretion flow onto Sgr A* inside 1 AU
is ~ 10?3 g based on the model of Yuan et al. d2003‘). This is ~ 3 orders of magnitude

more massive than the typical asteroid mass that I considered here. The mass added by

an asteroid to the region within 1 AU is simply too small to make an accretion powered
flare unless the asteroid’s diameter is about 500 km, which must be a very rare event,
and would in any case evolve very differently from the small asteroids considered in this
treatment (see eq. [3.25 and Section [3.3.4.2). Therefore, if asteroid tidal disruptions are to
be observable, they are to be accompanied by production of particles emitting differently

(more efficiently) than the background radiatively inefficient accretion flow.

This is consistent with observational constraints on the flares. Markoff et al.‘ 42001)
have shown that constraints on the absence of significant variability in the radio emission
of Sgr A* suggest that during the flares it is not the magnetic field but rather the energy
distribution of emitting particles that vary. This conclusion rules out accretion-powered
flares as the mean magnetic field is expected to be proportional to the flow pressure and
thus density. Similarly, Yuan et al. 42004) found that infrared flares from Sgr A* are best

explained by assuming that a small fraction of electrons in the flow (e.g., a few percent)

is accelerated into a non-thermal power-law tail.
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3.6.2 Thermal radiation from the asteroid’s tail

One new population of particles, compared with the very hot 7' ~ 10" K quiescent
accretion flow, is in the vaporising asteroid’s ejecta while it is still relatively cold, i.e.,
T ~ Tx ~ 10* K (cf. Section[3.3.3). The ejecta has initially a much higher density than
the ambient medium and must expand into the latter as it heats up. The evaporating
coma is probably shaped as a conical tail behind the asteroid. Since the surface area of
the tail is much larger than the asteroid itself, the tail should be much brighter than the
asteroid’s face, and perhaps observable from Earth. Its emission can be approximated as

thermal, since the thermalisation timescale of electrons in the coma is less than 1 s (e.g.,

, 1983). The bolometric luminosity of the emission emanating from the tail is

-
Ly =~ A osp Tit

g — 4
ail T—f—l’ (3 9)

where 7 is the optical depth in the direction perpendicular to the tail and A is the surface

area of the tail. The optical depth, 7, is
T ~ K Ptail Ttail, (350)

with k = 10k; the opacity of the material. Assuming A ~ 77raiihiail, where ryn and

hiail => Tiail are the base radius and height of the cone, I note that
AT =K Prail 7'[-7“*523‘i1htail ~ K Mtaila (351)

where Mi.qn < M, is the mass of the tail. The maximum thermal luminosity from the

~

evaporating ejecta is achieved if the tail is moderately optically thin, 7 < 1, and is

4
Libmax = Kk My osp Tiay =~ 2 x 103 5y 73 (Sﬁf}k) erg s~ L. (3.52)
This value is significantly smaller than the quiescent NIR luminosity of Sgr A*. Further,
the blackbody spectrum for Ty, ~ 10* K peaks in the UV, where extinction is very large.
In the NIR frequencies, where Sgr A* line-of-sight is less obscured, the tail emits in the
Rayleigh—Jeans regime and hence is far dimmer than the bolometric luminosity estimate
above. Summing this up, I conclude that direct thermal radiation from the evaporating
material is not observable against the background of quiescent Sgr A* emission.
On the other hand, the opacity of the expanding tail may be sufficiently large to account
for absorption of the quiescent emission, producing the occasionally observed dimming of
2010).

Sgr A* in radio and sub-mm wavelengths just before a flare dYusef—Zadeh et al.,
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3.6.3 A new relativistic population of particles?

The particles in the asteroid’s tail have a very different velocity distribution compared
with that of the background flow. The initial velocities of the ions in the tail are strongly
dominated by the bulk motion inherited from the initial asteroid’s orbit around Sgr A*.
This velocity is somewhat larger than the ion sound speed of the accretion flow (for a hot
quasi-spherical inflow the sound speed is of the order of the local Keplerian speed).
When the vaporised tail particles get mixed with the accretion flow particles, a very
anisotropic velocity distribution develops. Therefore I expect a number of plasma instabil-
ities to operate while the ions and the electrons of the vaporised material are assimilated
into the hot Sgr A* accretion flow. If non-thermal electrons reach equipartition with the
1994), their

maximum v-factors could be as large as (G My, /c2R) (m;/me) ~ 0.1m;/me, where m; and

shocked ions as in the models of gamma-ray bursts (e.g., Meszaros et al.

me are the ion and electron mass respectively. Even for m; = my, inside the inner AU
this factor exceeds 100.

It is thus likely that a disrupted asteroid produces a transient population of high energy
electrons along its original trail. This population should cool by radiative emission and
mixing with the background. Without going into a model-dependent characterisation of
these processes, I only note that a tidal disruption event may plausibly give rise to the hot
particle distributions needed in the scenarios of transient plasma blob based flare emission
2011, and Section[3.2). I think that this scenario of converting asteroid’s

(e.g. ‘Trap et al.

)

bulk energy into radiation is by far the most promising one to produce spectra resembling
Sgr A* flares.

3.7 Discussion and conclusions

In this Chapter I considered the fate of asteroids passing Sgr A* within a few AU on
nearly radial orbits. As noted in the Introduction section, I am unable to make detailed
spectral predictions at this time, but I do obtain interesting constraints on the energetics,
bolometric luminosity and frequency of flares powered by tidal disruption of asteroids. I
give a short summary of the main results and model predictions here.

The physical picture of asteroid disruption near Sgr A* has two stages. Firstly, the
asteroid is tidally disrupted if it enters the inner ~ 1 AU region, where it is broken into
smaller fragments bound by molecular forces rather than gravity. These fragments are
probably less than a few hundred meters in radius. The second stage of the disruption
is evaporation of these smaller fragments by heat released due to aerodynamic friction of
the fragments on the quiescent accretion flow near Sgr A*. The bulk kinetic energy of the
asteroid is sufficient to power an observable flare if the asteroid’s radius is greater than

about 10 km. I then estimated the asteroid disruption event rate based on the assumption
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that the number of asteroids per star is reasonably large and is of the order of that inferred
from nearby stars.

The model presented here makes the following predictions:

1. The small size of the flaring region, Ry < 10Rg ~ 1 AU. This is the tidal disruption
radius for a typical asteroid. Bodies passing Sgr A* outside this radius lose some mass by
vaporisation of the outer layers, but the amount of such a mass loss is too small to give a
detectable flare (cf. Section 3.3.5).

2. Frequency of flare occurrence is given by the rate at which asteroids from the

“Super-Oort” cloud in the inner parsec (Nayakshin et al., 2012b‘) are deflected onto low

angular momentum orbits that bring them within the tidal disruption radius. For fiducial
numbers, the model yields a reasonable agreement with the observations (Section [3.4.2).
This estimate, however, sensitively depends on the poorly constrained normalisation factor
ms (equation [3.37).

3. The model naturally predicts a wide range of flare luminosities due to a range in
asteroid sizes. Under the assumption that flare luminosity is proportional to the mass of
the asteroid disrupted, I also find that the luminosity-frequency relation for flares is within
observational constraints (Section[3.4.4).

4. Extending the model to tidal disruption of gas giant planets predicts rare but much
brighter flares. One such event may have produced the AGN-like flare of Sgr A* ~ 100
years ago (Section [3.5).

5. The flare frequency in this model is given by the supply of asteroids rather than by
the properties of the hot quiescent flow. Therefore, I would expect no strong correlation
between the quiescent properties of Sgr A* spectrum and the occurrence of flares (that is,
if Sgr A* quiescent emission were to brighten or dim by a factor of a few in the next few
years, I would not expect the rate of flaring at a given flare luminosity to be affected).
A weak correlation may be expected if the flare luminosity depends more on the asteroid
evaporation rate than on the dynamical timescale.

6. I also note that asteroid disruption flares from exceptionally large asteroids may be

observable from nearby galactic nuclei. Equation [3.45| predicts that a flare with L ~ 103?

I would occur once every few years at best. However, for a large enough sample of

erg s
sources such events may be detected in dormant nearby galactic nuclei.

7. The fact that the flare trigger has an external origin provides a way to test this
model. Markoff M) showed that in the flaring state, Sgr A* sits on the Fundamental
Plane of radio and X-ray luminosities for black holes (both stellar mass and supermassive)
The uncertainty in the slope and the scatter in the relation make most observed Sgr A*
flares consistent with the Fundamental Plane, with the brightest flares being at the high-

luminosity end of the allowed scatter. The Fundamental Plane is thought to arise due

to accretion physics dMerloni et al., 2003), so if the flares are caused by accretion insta-

)
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bilities of any kind (i.e. internal triggers), flares more luminous than Lx ~ 103 erg s=!

should be accompanied by a corresponding increase in radio luminosity, with a possible
lag of months to years. On the other hand, asteroid-induced flares should not exhibit this
correlation, at least not up to luminosities L max ~ 10% erg s7! (eq. 3.26), when the
asteroid mass becomes comparable to the gas mass in the quiescent flow. Future long-
duration observational campaigns of Sgr A* may thus help distinguish between differing
flare scenarios.

The least constrained parts of the model have to do with the exact distribution of
asteroids and their orbits in the hypothesised “Super-Oort cloud” around Sgr A*, and
with conversion of the bulk kinetic energy of the asteroids into electromagnetic radiation.
However, there almost certainly are asteroids in the central few pc of the Galaxy and
the processes described here must occur. In this Chapter, I make several estimates of
the effects that asteroids have on the luminosity of Sgr A* and suggest a method to
distinguish between such externally caused flares and accretion-instability caused ones. If
future observations reveal that asteroid disruptions are responsible for at least a fraction
of the flares, this would be an important step in understanding the accretion processes
in Sgr A*. In addition, further investigation may help constrain the size of the asteroid

population in the Galactic centre.
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energy-driven outﬂow

“And thou, Melkor, shalt see that no theme
may be played that hath not its uttermost
source in me, nor can any alter the music in
my despite. For he that attempteth this shall
prove but mine instrument in the devising of
things more wonderful, which he himself hath

not imagined.”

J. R. R. Tolkien, “Ainulindalé”

!The contents of this Chapter have been published as Zubovas & King, 2012, ApJL, 745, 34
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4.1 Introduction

4.1.1 AGN wind feedback

As already discussed in the Introduction (Section(1.3) and Chapter 2, supermassive black
hole (SMBH) activity leads to the development of a fast wind which inflates an outflow
of gas in the host galaxy. Depending on the mass of the SMBH and its luminosity, the
outflow may either fragment and collapse on small scales, or be expelled to large distances.
This latter situation is the focus of this Chapter.

Large-scale outflows can significantly affect the appearance and structure of the host
galaxies. A dramatic reduction of gas available for star formation and SMBH feeding may
2011b
Section/1.2) and move the galaxy from the blue cloud to the red sequence dBell et al.,

, also see Introduction,
2004).
While the outflow proceeds, it should produce observable signatures. Such outflows have
been recently observed (see Section 4.1.2 below) and provide a good test for the AGN
wind feedback model.

establish the black hole — bulge mass relations dPower et al.

)

4.1.2 Observations

Recently, three groups dFeruglio et al., 2010; Rupke and Veilleux, 2011; |[Sturm et al.,

2011) have used molecular spectral line observations to reveal fast (vous ~ 1000 km s_l)

) 7

kpc-scale, massive (Mout ~ 1000 Mg yrfl) outflows in the nearby quasar Mrk231. Other

galaxies show indications of similar phenomena (e.g. ‘Riffel and Storchi-Bergmann, 2011a,b;

‘Sturm et al., 2011, see also Table [4.1). These appear to show how quasar feedback can

transform young, star-forming galaxies into red and dead spheroids dSchawinski et al.,
2007). All three groups reach this conclusion for Mrk231 essentially by noting that the

mass outflow rate Mout and the kinetic energy rate Eout = Moutvgut /2 of the outflow

are too large to be driven by star formation, but comparable with those predicted in
numerical simulations of AGN feedback. The kinetic energy rate is a few percent of the
likely Eddington luminosity (eq. [1.5) of the central black hole. The outflowing material
must have a multi-phase structure, because vo,t greatly exceeds the velocity corresponding

to the molecular dissociation temperature (vgiss < 10 km s™1; see Section 4.6/ below).

4.1.3 Previous work

In a recent paper dKing et al., 2011‘) my collaborators and I showed that large-scale
fast outflows (technically, energy-driven flows, see Section can drive much of the
interstellar gas out of a galaxy bulge on a dynamical timescale ~ 10% yr, leaving it red
and dead, provided that the central supermassive black hole accretes for about twice the

Salpeter time after reaching the value set by the M — o relation. However we did not
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investigate the observable features of this process, including in particular the way that the

interstellar gas is swept up.

4.1.4 This Chapter

I return to this problem here, as it offers a clear observational test of the idea that AGN
outflows are responsible for making galaxies red and dead. To keep the treatment as
general as possible (specifically, independent of the details of numerical simulations) I
adopt a simple analytic approach (described in some detail in the Introduction, Section
1.3). I find that this process predicts outflow velocities ~ 1000 — 1500 kms~!, and mass
outflow rates up to ~ 4000 My, yr~!, several hundred times the Eddington accretion rate,
in good agreement with observations (see below). In addition, I find that the observable
momentum outflow rate is ~ 20 times greater than L/c of the driving AGN, also in
agreement with observations. I conclude that AGN outflows are good candidates for the
agency sweeping galaxies clear of gas.

This Chapter is structured as follows. In Section 4.2 I review the evidence and proper-
ties of AGN winds. A discussion of shocks with the ambient medium follows in Section
and basic outflow properties are presented in Section 4.4, Finally, I derive the observable
properties of large-scale outflows in Section 4.5l I finish with a summary and discussion
in Section [4.6.

4.2 Winds

To drive outflows with Eout approaching Lgrgqq at large radius, the active nucleus of a
galaxy must somehow communicate this luminosity from its immediate vicinity. Direct
transport by radiation is problematic, not least because galaxies are generally optically

thin (However, dust opacity may be large enough to absorb this radiation and provide

feedback; see‘MurraV et al., 2005‘). Jets are sometimes invoked, but are relatively inefficient

because they tend to drill holes in the interstellar medium rather than driving it bodily

away. Accordingly the most likely connection is via high-velocity wide-angle winds expelled

from the vicinity of the nucleus by radiation pressure (e.g. ‘Pounds et al., ‘2003&@). Recent
20103JJ£).

In this Chapter, I use the term “wind” to refer to the mildly relativistic (v ~ 0.1c) ejection

observations suggest that such winds are very common in AGN (Tombesi et al.,

of accretion disc gas from the immediate vicinity of the SMBH resulting from Eddington
accretion, and “outflow” (see Section [4.4) for the large-scale nonrelativistic flows caused
by the interaction between the wind and the galaxy’s ambient gas.

The winds have simple properties. With mass flow rate My ~ Mpgqq, where Mpgq =
Lgqa/nc? is the Eddington accretion rate and 7 is the accretion efficiency, a wide-angle
2003, also Section [1.3.4), as-

wind has scattering optical depth ~ 1 AKin}I and Pound%
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Figure 4.1: Diagram of momentum-driven (top) and energy-driven (bottom) outflows. In
both cases a fast wind (velocity ~ 0.1¢) impacts the interstellar gas of the host galaxy,
producing an inner reverse shock slowing the wind, and an outer forward shock acceler-
ating the swept-up gas. In the momentum-driven case, the shocks are very narrow and
rapidly cool to become effectively isothermal. Only the ram pressure is communicated to
the outflow, leading to very low kinetic energy ~ (o/c¢)Lggqq. In an energy-driven out-
flow, the shocked regions are much wider and do not cool. They expand adiabatically,
communicating most of the kinetic energy of the wind to the outflow (during the AGN
phase, approximately 1/3rd is retained by the shocked wind). The outflow radial momen-
tum flux is therefore greater than that of the wind. Momentum-driven flows occur when
shocks happen within ~ 1 kpc of the AGN, and establish the M — o relation (iK_Tg, @,
M) Once the supermassive black hole mass attains the critical M — o value, the shocks
move further from the AGN and the outflow becomes energy-driven. This produces the
observed large-scale flows, which probably sweep the galaxy clear of gas.
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suming that the covering factor of absorbing gas is close to unity (see the discussion below
equation [4.2). So each driving photon on average scatters about once before escaping to
infinity and gives up all of its momentum to the wind, so that the wind mass flow rate
M,, and velocity v obey

[Lgaa

Myv ~ . (4.1)

with [ ~ 1 the Eddington ratio. Defining m = MW/MEdd ~ 1 as the mass flow factor of

the wind, I immediately find

l
oo (4.2)
C m

(cf King 2010bi. The likely ionisation equilibrium of the wind is such that it produces
X-rays \King,

lines corresponding to velocities ~ 0.1c are seen in a significant fraction of local AGN (e.g.
QOOBaB;

factor close to unity. In all cases the inferred wind mass flow rates agree with equation

Ob). In line with these expectations, blueshifted X-ray iron absorption

‘Pounds et al. Tombesi et al. 2010aJﬂ), justifying the assumption of a covering

) 9

(4.1). So these black hole winds have momentum and energy rates

. L L
Py~ Bdd Edd, (4.3)
c c
and
: Lo 9 5277
Ey = —Myv° ~ — Lgqq ~ 0.05Lgqq, (4.4)
2 2m

where I have used equations to express the mass outflow rate and velocity in
equation (4.4).

4.3 Shocks

The expression in equation (4.4) for the energy transfer rate of a black hole wind is
obviously promising for driving the observed large-scale outflows. Although the interstellar
medium is clumpy, the outflow bubble inflated by the wind easily sweeps past the clumps,
affecting the diffuse gas (e.g. ‘Mac Low and McCraVJ, 1988‘). Furthermore, the clouds are
shocked by the passing outflow and evaporate inside the hot wind bubble (Cowie and
McKee,

the interaction between the clumpy ISM and the wind-driven outflow is beyond the scope

197%), so most of their material also joins the outflow. A detailed treatment of

of this Chapter, although I address some of the implications in Section/4.6] In the present
analysis I assume that most of the sightlines from the SMBH are covered with diffuse
medium, irrespective of whether they are also obscured by clumps.

The question now is how efficiently the wind energy is transmitted to the outflow.
This depends crucially on how the wind interacts with the diffuse interstellar medium of

the host galaxy. Since the wind is supersonic, it must decelerate violently in a reverse
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shock and simultaneously drive a forward shock into the host ISM. There are two possible
outcomes, which are realised under different conditions in galaxies.

The first outcome (momentum-driven flow) occurs if the shocked wind gas can cool on
a timescale short compared with the motion of the shock pattern. In this case the shocked
wind gas is compressed to high density and radiates away almost all of the wind kinetic
energy (i.e. Eout << Ey = (n/2m)Lggq). This shocked wind has gas pressure equal to
the pre-shock ram pressure Py ~ [Lgqqmi /e o< M, and this pushes into the host ISM.

The second case (energy-driven flow) occurs if the shocked wind gas is not efficiently
cooled, and instead expands as a hot bubble. Then the flow is essentially adiabatic, and
has the wind energy rate, i.e. Eou ~ By = (n/2m)Lggq ~ 0.05Lg4q (from equation [4.4).
The hot bubble’s thermal expansion makes the driving into the host ISM more vigorous
than in the momentum-driven case. Observed galaxy-wide molecular outflows must be
energy-driven, as demonstrated directly by their kinetic energy content (cf equation [4.4).

Which of these two very different cases occurs at a given point depends on the cooling
of the shocked gas. It is easy to show that the usual atomic cooling processes (free-free and
free-bound radiation) are negligible in all cases. The dominant process tending to cool the
shocked black hole wind is the inverse Compton effect dCiotti and Ostrikel#, 199%). The

quasar radiation field is much cooler than the wind shock temperature (typically ~ 107 K

and ~ 10 K respectively), and so cools the shocked wind provided that it is not too
diluted by distance. Equations 8 and 9 0f|K_?g (@) show that this holds if and only if
the shock is at distances R < 1 kpc from the active nucleus, since the Compton cooling
time goes as R? and the flow time typically as R. So one may expect a momentum-driven
flow close to the nucleus, and an energy-driven flow if gas can be driven far away from it
(See Sections|[1.3.3 and[1.3.4 for derivation of the cooling radius).

Note that the shell of the swept-up material may have a different cooling radius than
the inner wind shock, because different cooling processes are important at its temperature
~ 10" K (see Section [4.5 below). However the large-scale dynamics of the outflow de-
pend primarily on the properties of the wind bubble, and investigation of the small-scale

properties is beyond the scope of this Chapter.

4.4 Outflows

For an isothermal ISM density distribution with velocity dispersion ¢ and gas fraction f,

(the ratio of gas density to background potential density) one can solve analytically the

equation of motion for the shock pattern for both momentum-driven flow (King, 2003,
2005 2005 2011).

In the momentum-driven case there are two distinct flow patterns, depending on the

) and energy-driven flow dKiné, ; King et al.,
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black hole mass M. For M < M,, where

_ Jek
- G2

M, ot ~ 4 x 105My o500, (4.5)
with f. = 0.16 (the cosmological value of f,) and o200 = ¢/(200 kms™!), the wind
momentum is too weak to drive away the swept-up ISM, and the flow stalls at some point.
For M > M, the wind momentum drives the swept-up matter far from the nucleus.
It is intuitively reasonable to assume that the black hole cannot easily grow its mass
significantly beyond the point where it expels the local interstellar gas in this way, i.e.
beyond M, . Equation is very close to the observed M — o relation, despite having
2011; 2011b) show that
the SMBH is likely to grow for 1-2 additional Salpeter times after it reaches M, increasing

no free parameter. Detailed calculations dKing et al. Power et al.,

)
its final mass by a factor of a few. This process is less pronounced at larger redshift, when
the physical size of a galaxy is smaller; on the other hand, the gas mass within the virial
radius of a galaxy halo also decreases with redshift due to the same effect, so the ratio of
black hole and bulge mass in fact grows with redshift, in line with current observations
dTarEett et al. 2012‘).

I conclude that outflows drive gas far from the nucleus, and thus become energy-driven,

9

once M 2 M,. This is evidently the case needed to explain the molecular outflows seen

in Mrk231 and other galaxies.

4.5 Large-Scale Flows

In an energy-driven flow the adiabatic expansion of the shocked wind pushes the swept-
up interstellar medium in a “snowplow”. King (2005) and ‘King et al. 42011) derive the

analytic solution for the expansion of the shocked wind in a galaxy bulge with an isothermal

mass distribution:

4

2f,02 [1 ... .. 3. .
Jo [2R2R+3RRR+2R3]+1OngGR. (4.6)

G

n
~lLpqq =
o H/Edd

With AGN luminosity [ Lgqq, all such solutions tend to an attractor

20l f.

' 1/3
R = v, ~ [ 020} o~ 9250%3(lfc/fg)1/3 km s (4.7)

until the central AGN luminosity decreases significantly while the outflow is at some radius

R = Ry. Subsequently, the expansion speed decays as
. 10 1 2 10
2 _ 2 2 2
R_3<ve+30>(x2_3x3)_30 (4.8)
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where x = R/Ry > 1. Ineq. (4.7), fs is the gas fraction relative to all matter. This may be
lower than the value f. prevailing when the earlier momentum-driven outflow establishes
the M — o relation (4.5): gas in galaxies may be depleted, for example, through star
formation.

The solutions describe the motion of the contact discontinuity where the
shocked wind encounters swept-up interstellar gas (see Figure [4.1)). The observed molecu-
lar lines are likely to come from the shocked interstellar gas ahead of this discontinuity —

its temperature is much lower (~ 107 K) than that of the shocked wind, as shall be shown

below, and hence conducive to becoming a multi-phase medium (McKee and Ostriker,
1977, also see Discussion). The outer shock must run ahead of the contact discontinuity

into the ambient interstellar medium in such a way that the velocity jump across it is a

factor (v +1)/(y — 1) (where 7 is the specific heat ratio). This fixes its velocity as

Vout = 77—1_11% ~ 12300%8 (lfc) v km s~! (4.9)
2 fe

(where I have used v = 5/3 to obtain the last equality). This corresponds to a shock

temperature of order 107 K for the forward shock into the interstellar medium (as opposed

to ~ 1010711 K for the wind shock). Since the outer shock and the contact discontinuity

are very close together when energy-driven flow starts (see Fig. [4.1) this means that the

outer shock is always at
v+1

Rout = 9

R. (4.10)

The outflow rate of shocked interstellar gas is

. 2 .
Mout - dMEifout) - (7 +2fg0 R (411)

Assuming M = M,, the wind outflow rate is

4 fornot

Mw = mM, =
miEdd 1eG

(4.12)

I can now define a mass-loading factor for the outflow, which is the ratio of the mass flow
rate in the shocked ISM to that in the wind:
Mout 77('7 + 1) E&

L= . T A Lo (4.13)

Then the mass outflow rate is

Ve = oy = T F DT Ry (1.14)
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If the AGN is still radiating at a luminosity close to Eddington, I can use R = v.. Now,
using equation (4.7)), this gives

(e 4/3 f 2/3 11/3 _4/311/3
fL - <30_> ﬁ F =~ 4600'200 W, (415)
and
Mot ~ 3700050113 Mg yr~! (4.16)

for typical parameters, fy = f. and v = 5/3. If the central quasar is no longer active, the
mass outflow rate evidently declines as R/ v, times this expression, with R given by (4.8).
It is easy to check from equations 4.16) that the approximate equality
1 . 2 1 . 2

5 Wl §Moutvout- (4.17)

holds, i.e. most of the wind kinetic energy ultimately goes into the mechanical energy of
the outflow, as expected for energy driving. While the quasar is still active, this energy
is shared between the shocked wind bubble and the outer shell of shocked ISM. Using
equations (15) and (16) ofm M), i.e. the equation of motion

d 1 GM(R)Mio(R)
= [M(R)R] + = — 47 R2P (4.18)
and the energy equation
d [4rR® 3 n d [4nm ot .
— | —— x=ZP| =Ztllggqa— P— ( —R?®) —4f,—R 4.19
dt[3 XQ} g Rdd dt<3 ) feg® (4.19)

I note that the second term on the right hand side of eq. (4.19) refers to the rate of work
done by the expanding bubble, i.e. the energy transfer rate to the outer shell, while the
third term is the kinetic power of the swept-up outflowing gas (since Mgpen > My, I can
neglect the kinetic energy of the bulk motion of the shocked wind). Using eq. (4.18) to
eliminate P, I find that

d [4n ot . 2f,0% /. .
P—|—R*)|+4f,—~R=""_(R3 46%R) . 4.2
dt(3R>+ fogh= =% (R +RRR+aR) (4.20)

I then compare this expression with the full equation of motion (eq. [4.6) and assume

R = v, = const. to find the ratio

Egen 2 v2 + 402
Etotal 3 Ve + 30

In the case where ve > o, the ratio tends to 2/3rds, i.e. the shocked wind retains 1/3
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of the total incident wind kinetic energy vag, /2, giving 2/3rds to the swept-up gas. In
the case of a weak outflow, i.e. ve ~ o, the ratio becomes ~ 10/13. One can see that the
ratio does not depend strongly on the precise parameters of the outflow, as long as the
driving continues. The energy retained in the wind and the swept-up gas has potentially
observable emission signatures (see Discussion).

Equation (4.17) means that the swept-up gas must have a momentum rate greater

than the Eddington value Lgqgq/c, since I can rewrite it as

& V2V _% (4.22)
2My  2Mous

where P, and P, are the momentum fluxes of the wind and the outflow, respectively.
With Py, = Lgaq/c, I find

W c

. 1/2
. . [ M, L _ L
P = Py ( .O“t> = DB U2 900 P10 22 (4.23)
M, c
where f1, is the mass loading factor of the outflow. The factor fﬁ/ % ~ 20 is the reason why

observations consistently show Moutvout > Lpgq/c.

4.6 Discussion

I have shown that large-scale outflows driven by wide-angle AGN winds should have typ-
ical velocities vous ~ 1000 — 1500 km s~ and mass flow rates up to Mout ~ 4000 Mg yr 1
(equations [4.9] [4.16) if the central quasar is still active, with lower values if it has be-
come fainter. Equations (4.9, [4.16) directly relate the outflow velocities and mass rates
to the properties of the host galaxy. The outflows should have mechanical luminosities
Fout ~ (n/2)Lgqq ~ 0.05Lgqq, but (scalar) momentum flow rates Pout ~ 20Lgaq /c. These
predictions agree well with observations (see Tables[4.1 and[4.2).

This picture predicts several other features that may aid in interpreting observations.
It suggests that the molecular outflows come from clumps of cool gas embedded in the
outflowing shocked ISM. They are entrained by the advancing outer shock front and persist
for a long time. I note that this shock front is Rayleigh-Taylor stable since interstellar
gas is compressed here. Further, the temperature of the shocked ISM is in the right range
for thermal instability, leading to the development of a multi-phase medium (McKee and
Ostriker, M) Additionally, Richtmyer-Meshkov instabilities (Kane et al., 1999‘) induced

by the forward shock mean that new cold clumps may form in the outflow behind it.

Simulations by Nayakshin & Zubovas (in preparation) show that the shocked ISM shell

may fragment and ~ 10% of the total mass may end up locked in cold dense clumps.
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Object Mpu/Mg o/ kms™t  Lpg/ergs™t (1) Mout/M@ yr= b woue/km st
Mrk231(@) 4.7 x 107®) 120 45.69(%) (0.80) 420 1100
Mrk231(4) 4.7 x 107 120 45.69 (0.80) 700 750
Mrk231(€) 4.7 x 107 120 46.04(5) (1.8) 1200 1200

IRAS 085724-3915(¢) | ~ 4.5 x 107* 120* 45.66 (1*) 970 1260
IRAS 13120-5453(¢) 5.3 x 10%* 70* 44.83 (1%) 130 860
IRAS 17208-0014(¢)** — - 45.11 (< 1) 90 370
Mrk1157(9) 8.3 x 10° 100 42.57 (3.4 x 1073) 6 350
2Q7J002830.4-281706( | 5.1 x 1070 3857 46.58 (5.8 x 1072) 2000 2000

Table 4.1: Parameters of observed large-scale outflows in molecular gas (Mrk231, IRAS 0857243915, IRAS 13120-5453 and IRAS
17208-0014), and warm ionised gas (Mrk1157). * - the AGN is assumed to be radiating at its Eddington limit and the SMBH is
assumed to lie on the M — o relation; ** - the galaxy is known to be starburst-dominated, so I expect a low Eddington factor and
hence make no estimates; *** - the SMBH is assumed to lie on the M — o relation.

References: * - Rupke and Veilleux (2011); ® - Tacconi et al. (2002); © - Lonsdale et al. (2003); ¢ - Feruglio et al. (2010); © - Sturm et al] (2011); ¢ -
Veilleux et al. (2009); ¢ - Riffel and Storchi-Bergmann (2011b); " - Cano-Diaz et al. (2012); * - Shemmer et al. (2004).
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Object 0_%51:01 M‘)Eﬁ“tc L= % frpred.  Mpred. /Mo yr™1 Upreq./ km 571
Mrk231 0.66 18 490 = 222 840 880 810
Mrk231 0.51 20 820 = 292 840 880 810
Mrk231 1.0 25 1400 = 372 1110 1150 1060
IRAS 08572+3915 2.1 50 1200 = 352 910 950 875
IRAS 13120-5453 0.88 31 1080 = 332 1870 220 610
IRAS 17208-0014 0.06 4.9 396 = 207 - - —
Mrk1157 1.3 110 9270 = 962 170 85 115
2Q7J002830.4-281706 1.3 20 307 = 17.52 74 8200 740

Table 4.2: Observationally derived versus theoretically predicted outflow parameters. The first three columns give quantities derived
from observations of large-scale outflows for the objects in Table[4.1. The last three columns give the mass-loading parameter, mass
sweep-out rate and terminal velocity predicted by equations (4.15), (4.16) and (4.9) respectively. With one outlier (see below), the
outflow kinetic energy is always very close to 5% of Ly (1st column) as predicted by eq. , and the momentum loading (2nd
column) is always very similar to the square root of the mass loading (rhs of 3rd column), as predicted by eq. (4.23). It is striking
that the relation holds both for local quasars (Mrk231), high-redshift quasars (2QZJ002830.4-281706) and low luminosity galaxies
(Mrk1157). The last two columns can be directly compared with the last two columns of Table [4.1} the discrepancies in the case
of Mrk1157 and 2QZJ002830.4-281706 arise due to their outflows being strongly collimated, an effect I neglect in my calculations.
The only significant outlier, IRAS 17208-0014, is known to be a starburst-dominated galaxy, so I would not expect the outflow to be
dominated by the AGN contribution.
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Clearing out a galaxy 4.6. Discussion

This agrees with the conversion factor of ~ 10% used in the papers cited in Table[4.1 to
estimate the total mass outflow rate from observed molecular species. The present model
therefore predicts both the total mass outflow rates (equation|4.16) and the observational
signatures used to estimate them, in good agreement with observation (Table[4.2).
Other observational signatures of large-scale outflows may include gamma rays pro-
duced when cosmic ray (CR) particles, accelerated by the inner wind shock, hit the colder
ISM and shocked wind. As a result, it is a general prediction that galaxies exhibiting

outflows should also show gamma-ray emission similar to the Fermsi bubbles discussed in

Chapter 2 of this Thesis, as well as by ‘Zubovas et al.‘ 4201 1) and ‘Zubovas and NavakshinJ

(2012). The gamma-ray emission from distant galaxies discussed here should be intrinsi-

cally stronger than in the Milky Way, but the long integration time required to detect the
2010

Galactic bubbles (Su et al.,

current instruments.

) means that these outflows may be undetectable with

Perhaps more promisingly, these cosmic ray electrons cool and emit synchrotron radia-
tion in the radio band. This radiation may be observable and so it would be interesting to
check whether there are kpc or sub-kpc scale radio bubbles associated with the outflows.

I conclude that AGN outflows may well be what sweeps galaxies clear of gas. This

theoretical conclusion agrees well with previous observational evidence (Schawinski et al.,
2007) and reinforces the notion that AGN feedback is an important process in galaxy
formation and evolution. Furthermore, the outflows leave clear observational signatures
that persist for a significant amount of time, allowing for easier identification of past
AGN activity. Therefore, outflows are a potential tracer of black hole accretion history
in galaxies, a feature which may be exploited by future observations in most bands of the

electromagnetic spectrum.
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Conclusion

“The Road goes ever on and on
Down from the door where it began.
Now far ahead the Road has gone,
And I must follow, if I can,

Pursuing it with eager feet,

Until it joins some larger way

Where many paths and errands meet.

And whither then? I cannot say”

J. R. R. Tolkien, “The Lord of the Rings”,
Book I, Chapter 1
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Conclusion 5.1. Overview

5.1 Overview

In this Thesis, I have presented three investigations of the processes caused by accretion on
to supermassive black holes (SMBHs) and their effects on the host galaxies of the SMBHs.
The first two science Chapters were concerned with the SMBH of our own Galaxy, the
well-studied object named Sgr A*, while the third one presented a more general analysis
of SMBH outflows.

In the first science Chapter, I investigated the propagation of an outflow inflated by a
short outburst of quasar activity in Sgr A*, speculated to have occurred contemporaneously
with the star formation event in the central parsec of the Galaxy 6 Myr ago. The goal
was to find out whether the recently discovered Fermi bubbles may be explained by this
model.

In Chapter 3, T suggested a possible mechanism for producing the flares that are
currently observed to occur several times a day in Sgr A*. I proposed that asteroids
born around the stars in close proximity to the SMBH are routinely deflected on to orbits
that bring them within their tidal disruption radius. The disrupted remnants may then
evaporate in the tenuous accretion flow around the SMBH and provide the fuel for the
flaring events.

The last Chapter is devoted to a more general exploration of the properties of large-
scale outflows from SMBHs. I present the conditions under which the outflows are energy
driven and then derive the outflow properties. I also compare the derived observable
properties with the results of recent observations of large-scale outflows from several nearby
quasars.

I now describe the results of each Chapter in more detail. I also discuss the possible

future developments and improvements of these investigations.

5.2 Fermi bubbles and the activity history of Sgr A*

Both the analytical and numerical calculations reproduce the salient properties of the
observed Fermi bubbles (Su et al., M) A quasi-spherical outflow from Sgr A*, driven
by the AGN wind for t, = 1 Myr, is collimated by the Central Molecular Zone (CMZ) and
expands predominantly in the direction perpendicular to the Galactic plane, where gas
density is low (fy = 1073 times the background density). By ¢t = 6 Myr, i.e. today, the
two teardrop-shaped cavities have expanded to a height R ~ 11 kpc and width d ~ 9 kpc,
similar to the size and shape of the Fermi bubbles.

In addition to bubble morphology, the model reproduces the energy content of the
cavities. This is closely related to the observable emission from the bubble (see also
Chapter 4] and Section [5.4). While I do not model the radiative processes in any detail,

both the analytical and numerical results are consistent with there being gamma ray
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Conclusion 5.2. Fermi bubbles and the activity history of Sgr A*

emission produced by cosmic ray electrons accelerated by the shocks inside the bubbles.
Thermal emission from the hot gas inside the bubbles may explain the X-ray “limbs” that
have been observed with the ROSAT satellite. Finally, synchrotron emission from the
same cosmic ray electrons that produce the gamma rays may be responsible for the haze
in the microwave emission associated with the region of the bubbles.

The Central Molecular Zone is also significantly affected by feedback. The outflow
from Sgr A* is unable to disperse the dense gas; however, approximately half of the gas in
the original distribution is compressed into a thin ring, which subsequently spreads due to
viscous forces, but persists for the duration of the simulation. Gas density in the ring is
large enough to make it susceptible to fragmentation, which produces at least one massive
(M ~ 10" Mg) compact (R ~ 5 pc) gas clump. The properties of the clumpy ring are
reminiscent of the recently-discovered Herschel ring of molecular clouds and streams in
the Galactic centre (Molinari et al., \M) Detailed properties of this clump and the likely

onset of star formation in the ring cannot be resolved in the simulations; however, both

observations and modelling suggest that a recent perturbation to the CMZ may have been
responsible for the present elevated star-formation rate in the region.

Finally, the results of this investigation show that the same AGN wind feedback model
is applicable to a short outburst in an otherwise quiescent galaxy as well as to a gas-rich
2010).

They also reveal that dynamical evidence of past AGN activity may persist in quiescent

galaxy during the quasar epoch, as investigated previously dNayakshin and Power,

galaxies for an order of magnitude longer than the duration of the activity. This evidence
may provide a wealth of information about the activity history of SMBHs in the local

Universe.

5.2.1 Further work

In the future, the simulations presented in this Chapter may be enhanced in several di-
rections. Possible improvements include a better treatment of the AGN wind, inclusion
of radiative processes and adaptation of the model for the analysis of outflows in other

galaxies.

5.2.1.1 Our Galaxy

With regard to the Fermi bubbles, a major improvement to the simulations carried out so
far would be the inclusion of a numerical treatment of the radiative process. A thorough
understanding of the emission expected from an outflow bubble and its surrounding shell
would not only allow direct comparison with observations, but also show what emission
we may expect from similar processes in other galaxies (see below and Section [5.4).
Implementation of a numerical treatment of radiation from the outflow requires several

other improvements to the current set up. First of all, the fast wind emanating from the
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Conclusion 5.3. Asteroids and Sgr A* today

AGN must be treated hydrodynamically, so that its interaction with the expanding gas
shell — the potentially complicated geometry and the presence of various shock fronts —
is modelled properly. Secondly, a lot of the emission depends on the presence of cosmic
rays (CRs); these particles must be accelerated in the shocks within the outflow. In order
to predict the CR density and energy distribution, the shocks have to be resolved. As
the shocks are expected to develop due to the small-scale instabilities along the contact
discontinuity, it is important to have much better resolution simulations (and perhaps
novel numerical techniques) in order to get a clear picture of the detailed morphology of
the outflow.

In addition, the initial conditions used in the simulations in this Thesis are overly
simplified. An improvement in this regard, e.g. by using a triaxial background potential
and a diffuse gas distribution more representative of the bulge and the gaseous halo of
the Milky Way, would provide better results and allow for more detailed comparison with
observations of the present-day structures in the Galaxy.

Overall, these improvements may one day allow researchers to trace the history of
activity in Sgr A* within the past several Myr, and perhaps even longer, in great detail.
This would enhance our general understanding of the SMBH activity and galaxy evolution

on million-year timescales.

5.2.1.2 Other galaxies

In addition to the improvements listed above, these simulations may be enhanced and
used to study other galaxies. Energy-driven outflows (see Chapter [4) are likely to be the

process quenching star formation in galaxies and turning their colours from blue to red (cf.

Schawinski et al., ‘200%). Simulations of this process, with the associated complications of
aspherical galaxy geometry, triggered star formation and turbulent gas flows can shed light
upon numerous details of galaxy evolution, such as the origin of the black hole - bulge
mass relation (see Section [1.2), build-up of the stellar populations and the quenching
of cooling flows in clusters. Overall, galaxy-scale hydrodynamical simulations of AGN
feedback provide a crucial stepping stone linking the small-scale accretion physics with
the large-scale evolution of cosmic structure. In the future, such simulations will be
indispensable when investigating the details of the build-up of the Universe we see around

us today.

5.3 Asteroids and Sgr A* today

The results of the model presented in Chapter [3 are consistent with the observed flare
frequency and luminosity distribution. The number of observable flares per day is found

to be < 8 per day, slightly more than, but consistent with, the observed number (~ 1 per
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day in X-rays and ~ 3 per day in the IR). In addition, < 3.5 flares with luminosity at
least equivalent to the brightest observed one may have occurred during the total time of
Chandra observations of Sgr A*, again not too dissimilar from the actual observed value.

While I do not model the flare spectra, my results tie in with previous work in the field.

The “transient plasma blob” model developed by, e.g., Trap et al. 42011), is particularly

interesting, as it requires a short-lived expanding population of relativistic particles to
appear in the quiescent accretion flow around Sgr A*. Such a population should be created
as the tidally disrupted asteroid remnants evaporate. Various plasma instabilities may
accelerate a fraction of both electrons and ions to highly relativistic velocities, providing

the seed for emission required in the “expanding blob” model.

5.3.1 Future prospects

The model makes a few testable predictions. First of all, upcoming long-term observations
of Sgr A* should reveal ever larger flares, with their luminosity unconstrained by the
correlation of X-ray and radio luminosities of black holes (the Fundamental Plane of black
hole activity; , @) Conversely, models that envision an internally induced
trigger for the flares predict a rise in radio power accompanying X-ray flares brighter than
the brightest ones currently observed.

Another prediction is that if the quiescent luminosity of Sgr A* increases, the flare
luminosity should not increase significantly, if at all. The only change to an incoming
asteroid would be a more rapid evaporation in the denser accretion flow; this may shorten
the flare timescale slightly, correspondingly increasing the luminosity. However, without
detailed modelling of the evolution of evaporated material, it is not possible to quantify
this prediction. On the other hand, if the flare luminosity caused by an asteroid of a given
mass does not change significantly, the frequency of flares at a given luminosity should also

stay the same. An opportunity to test this prediction may come in mid-2013, when the

recently-discovered gas cloud G2 AGiHessen et al., 2012‘) is expected to reach the pericentre
of its orbit, which will put it at a distance R ~ 3000Rg from Sgr A*. The subsequent

tidal disruption of the cloud may provide additional fuel for Sgr A*, creating a long-lasting

higher luminosity state. Using it as a background, the flare luminosity distribution may
be probed and various hypotheses of flare origin tested.

Finally, the model does not require any specific conditions in the accretion flow around
Sgr A*. The only requirement is that there should be a cloud of asteroids stripped from
their parent stars. A large number of galaxies have nuclear stellar clusters, which presum-
ably provide a supply of asteroids. Therefore the vast majority of galaxies experience the
same flaring events as the one described for the case of the Milky Way. In other galax-
ies, the flares are obviously more difficult to observe, both due to distance and possible

higher quiescent luminosity of SMBHs, but such discoveries are possible with dedicated
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observational campaigns.

5.4 Clearing the galaxies: possible future of Sgr A* and the
Milky Way

In the final Chapter, I found that the derived observational properties (mass flow rate,
outflow velocity, momentum and energy fluxes) of large-scale outflows match very well
with those recently observed in several active galaxies. Furthermore, the energy input by
the black hole radiation field through a fast wind into an energy-driven outflow is enough
to unbind the gas in a galaxy. Therefore black hole outflows have the potential to clear
gas from galaxies and suppress further star formation, transforming them from blue to red
in colour.

Further implications of the Chapter results relate to the observational evidence of
past AGN outflows (see also Chapter[2 and Section [5.2). As outflows may persist in the
“stalling” state for an order of magnitude longer than the duration of the quasar phase
driving them, they are a potential tracer of AGN activity history. Combined with the
fact that outflows may be revealed by a number of processes in different radiation bands
(radio synchrotron emission, molecular IR from embedded clouds, thermal X-rays and
CR-induced v-ray emission), this makes AGN-outflow-inflated bubbles a very interesting

future observation target.

5.4.1 Model enhancement

In addition to quenching star formation by sweeping the galaxy clear of gas, an AGN out-
flow may also trigger a burst of star formation by compressing the ISM as it expands. An
analytical analysis of the stability of such a shell, similar to that done in (@),
may reveal interesting behaviour and constrain the timescales for clump development and
hence onset of star formation activity. The break-up of a shock front into self-gravitating
clumps would also affect the large-scale dynamics of the outflow, but analysing that effect
analytically may be impossible.

Researchers performing numerical simulations of galaxy evolution may implement
large-scale wind-driven outflows in order to better model the processes that form the
present-day galaxy population in the Universe. In the future, I intend to work towards
creating and running galaxy evolution simulations as self-consistently as possible, with
AGN wind feedback as an important ingredient.

Finally, the processes described in Chapter [4 are potentially relevant even for our
own Galaxy. Within the next ~ 3 — 5 Gyr, the Milky Way is going to merge with
2008; DubinskiJ, 2006‘). This event will almost

undoubtedly channel large quantities of gas to the central parts of both galaxies, while

the Andromeda galaxy dCox and Loeb

)
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simultaneously transforming their morphologies into a combined elliptical shape. The two
SMBHs — Sgr A* and M31* — will suddenly find themselves in gas-rich surroundings and
light up as AGN or even quasars. The resulting winds and outflows may very well sweep
the combined galaxy clear of gas, leaving it as a red-and-dead spheroid. While this is not
an immediately relevant issue, understanding the ultimate fate of our cosmic home is an

endeavour worth pursuing.
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